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Abstract

Supersoft X-ray Sources (SSS) form a highly luminous class of objects that emit more
than ~ 90% of their energy in the supersoft X-ray band, i.e. below 0.5 keV. They are
generally believed to consist of a white dwarf with a more massive binary compan-
ion, resulting in thermal time-scale mass transfer to the white dwarf and associated
accretion. The high accretion rate of material onto the white dwarf is sufficient to
drive nuclear burning and accompanying soft X-ray emission on the white dwarf
surface, and may imply the presence of an accretion disc and significant mass out-
flow from some of these sources. However, SSS do not form a homogeneous class
and also include objects like planetary nebulae, symbiotic novae and cataclysmic
variables exhibiting nova outbursts. To investigate the phenomenon of accretion
and the nature of possible mass outflow in SSS, a sample of 3 candidate sources in
the Magellanic Clouds were identified for optical spectroscopic and X-ray studies:
CAL 83, N67 and SMC 13. The galactic symbiotic nova RR Tel was also included
in the study due to the evidence for an accretion disc implied by the double-peaked
Raman-scattered O VI emission. Signatures of disc accretion and mass ejection in
close binary supersoft sources (CBSS) like CAL 83, may provide evidence that such
systems can evolve towards another class of binary system, namely the cataclysmic
variables. Optical spectroscopic studies of CAL 83, N67 and RR Tel were performed
with the Southern African Large Telescope (SALT) and the SAAQO 1.9-m Telescope,
and archived Chandra and XMM-Newton observations of the sources SMC 13 and
CAL 83 were also analysed. The optical spectra of CAL 83 exhibit evidence of line
broadening due to radial motion in an accretion disc, and a signature of possible
disc outflows is also present. A search for periodicity in the X-ray data of CAL 83
revealed indication of consistent periodic modulations at P ~ 67 s, which could pos-
sibly be associated with the rotation period of a spun-up white dwarf. The presence
of a fast rotating WD could provide a mechanism to explain the outflow inferred
from the optical spectrum. The widths of nebular emission lines of the planetary
nebula N67, as well as that of typical nebular lines in RR Tel are consistent with
the known expansion velocities of nebulae surrounding the central objects in these

systems.

Keywords: supersoft X-ray source — binary system ~ white dwarf - rotation period
— accretion — accretion disc — spectroscopy — emission line — orbital modulation -

stellar evolution




Opsomming

Sagte X-straal bronne (SSS) vorm 'n klas van voorwerpe met ‘n haie hoé helderheid,
sodanig dat meer as ~ 90% van die energie in die sagte X-straal band (< 0.5 keV)
unitgestraal word. Daar word in die algemeen geglo dat hierdie bronne bestaan uit
n wit dwerg en 'n swaarder binére geselster, wat aanleiding gee tot massa-oordrag
na die wit dwerg op 'n termiese tydskaal, sowel as gepaardgaande akkresie. Die hoé
akkresietempo van materiaal op die oppervlak van die wit dwerg is voldoende om
kernbranding en gepaardgaande sagte X-straal emissie op die wit dwerg se opper-
vlak aan te dryf, en mag die teenwoordigheid van 'n akkresie-skyf en beduidende
massa-uitvloei vanaf sommige van hierdie bronne impliseer. SSS vorm egter nie 1
homogene klas nie en sluit ook voorwerpe in soos planetére newels, simbiotiese novas
en kataklismiese veranderlikes wat nova-uitbarstings ondergaan. Om die verskynsel
van akkresie en die aard van moontlike massa-uitvloei in SSS te ondersoek, is n
seleksie van 3 kandidaatbronne in die Magellaanse Wolke geidentifiseer vir optiese
spektroskopiese en X-straal studies: CAL 83, N67 en SMC 13. Die galaktiese sim-
biotiese nova RR Tel is ook in die studie ingesluit as gevolg van die bewyse vir 'n
akkresie-skyf wat deur die dubbelpieke van die Raman-verstrooide O VI straling
geimpliseer word. Kenmerke van skyfakkresie en massa-nitwerping in binére sagte
X_straal bronne waarin die twee sterre naby aan mekaar is, soos CAL 83, kan bewyse
verskaf dat sulke sisteme kan ontwikkel na 'n ander klas van binére sisteme, naamlike
die kataklismiese veranderlikes. Optiese spektroskopiese studies van CAL 83, N67 en
RR Tel is uitgevoer met die Suider-Afrikaanse Groot Teleskoop (SALT) en die SAAO
1.9-m Teleskoop, en waarnemings uit die argiewe van Chandra en XMM-Newton is
ook geanaliseer. Die optiese spektra van CAL 83 toon bewyse van lynverbreding
as gevolg van radiale beweging in 'n akkresieskyf, en 'n kenmerk van 'n moontlike
skyfuitvioei is ook teenwoordig. m Soektog na periodisiteit in die X-straal data
van CAL 83 het 'n aanduiding van konsekwente periodiese modulasies by P ~67s
opgelewer, wat moontlik geassosieer kan word met die rotasieperiode van 'n opge-
spinde wit dwerg. Die teenwoordigheid van 'n vinnig-roterende wit dwerg kan n
meganisme verskaf wat die uitvloei wat deur die optiese spektrum geimpliseer word.,
kan verduidelik. Die wydtes van die emissie-lyne van die planetére newel N67, sowel

as die tipiese newel-lyne in RR Tel is in ooreenstemming met die bekende uitset-

tingsnelhede van die newels wat die sentrale voorwerpe in hierdie bronne omring,
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Chapter 1

Introduction

The discovery of Supersoft X-ray Sources (SSS) in the 1980s with the Einstein satel-
lite, and the subsequent discovery of more SSS with ROSAT, initiated wide interest
in these systems. They were initially associated with accreting black holes or neu-
tron stars, but later studies revealed that these systems are most probably associated
with white dwarfs in binary systems accreting mass at a rate close to the Eddington
limit. However, the SSS class also includes objects like symbiotic novae and plane-

tary nebulae.

The association of close binary SSS with accreting white dwarfs in binary systems
poses an interesting question related to their possible evolution to cataclysmic vari-
able stars. This question becomes more relevant when the properties of cataclysmic
variables like AE Aquarii, e.g. a short rotation period, can only be explained in
terms of a high mass accretion history which required the magnetic white dwarf to
have accreted mass at a rate comparable to the Eddington rate (e.g. Meintjes 2002;
Schenker et al. 2002).

Associated with the high mass accretion rate is the transfer of angular momentum
to the accreting white dwarf. This may result in the compact white dwarf being
spun-up over time-scales comparable to that of the thermal time-scale over which
mass transfer takes place. The accretion of material at a rate close to the Eddington
limit may also sustain nuclear burning on the surface, resulting in supersoft X-ray

emission.

The accretion of matter onto the surface of the white dwarf at a rate that can
sustain nuclear burning implies the presence of a well-developed accretion disc in
the system. The availability of the Southern African Large Telescope (SALT) with
the Robert Stobie Spectrograph (RSS), as well as the capabilities of the Grating
Spectrograph on the SAAO 1.9-m Telescope, opens up interesting possibilities for

spectroscopic studies of these systems to identify features associated with extended




accretion discs and magnetosphere-disc interactions that may drive significant mass
outflow from the system. Mass outflow may provide a significant drain of orbital
angular momentun that could sculpt the evolution of these systems. In this regard,
it is interesting to note that the recent discovery of circumbinary dust discs around
several cataclysmic variables by the Spitzer Space Telescope (e.g. Brinkworth et al.

2007) provides new evidence for mass outflow from white dwart systems.

Of special interest would be the possible identification of a modulation in the X-ray
data that may be associated with the rotation period of an accreting white dwarf.
The discovery of a spin modulation P < 100 s will provide a valuable framework
within which the peculiar properties of a system like AE Aqr can be evaluated.
Therefore, a sample 6f SSS has been identified for optical spectroscopic and X-ray
studies. The Magellanic Cloud targets chosen are the close binary supersoft source
CAL 83 in the Large Magellanic Cloud (LMC), the planetary nebula N67 (1E 0056.8-
7154) in the Small Magellanic Cloud (SMC) and the peculiar short-period SSS in
the SMC, 1E 0035.4-7230 (hereafter referred to as SMC 13). In addition to these
main Magellanic Cloud sources, the symbiotic nova RR Telescopii in the Milky Way
has also been included due to an intriguing mechanism signalling the presence of an
accretion disc around the white dwarf, i.e. Raman scattering of O VI disc emission

from a region near the secondary star.

The first component of the observational investigation involves the application of
the technique of optical spectroscopy to the optical spectra of the binary systems
CAL 83 and RR Tel, aiming to identify accretion dise and mass outflow signatures
and the location of the associated emission regions. The optical spectral lines that
were detected in N67 are also discussed, and their structure explained by consider-
ing the possible temperatures in the system and the expected expansion velocity of

material moving away from the nucleus.

The second observational component comprises a discussion of X-ray data analysis
for the sources SMC 13 and CAL 83. Results of spectral and timing analysis of
Chandra data of SMC 13 is presented, which is utilized to constrain the white dwarf
mass and orbital modulation in the binary system. A search for periodic X-ray mod-
ulation, possibly associated with rapidly rotating white dwarfs, has been carried out.

Indications of such a modulation has been found in XMM-Newton data of CAL 83.

The thesis is structured as follows: In Chapter 2 some of the basic properties of
binary emission are discussed. In Chapter 3, a discussion of spectroscopy as a
diagnostic tool in astrophysical environments is presented. Chapter 4 presents a
broad overview of the general properties of supersoft X-ray sources. In Chapter 5, a

literature review of the targets selected for this study is presented, providing a multi-
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wavelength perspective on relevant accretion-related phenomena in each source. The
results of the optical spectroscopic and X-ray studies are presented in Chapter 6

and Chapter 7 respectively. Chapter 8 summarizes the main results and provides a

perspective of future work that is perceived for the targets under discussion.




Chapter 2

Accretion in Binary Stars

2.1 Binary stars

Probably more than half the stars in the universe are actually multiple systems,
consisting of two (or even more) stars orbiting their centre of mass. A binary system
consists of two stars which are in continuous orbital motion about their centre of
mass. The angle between the normal to the orbital plane and the line of sight to an
earthly observer is called the inclination of the binary system (see e.g. Carroll and
Ostlie 1996, Chapter 7). The orbital motion of the two stars is governed by Kepler’s
third law:

G(M; + My)DP?

rb

= dr?a? | (2.1)

where G is the gravitational constant!, My and My the masses of the two stars, Py
the orbital period, and a = aj + a2 the semi-major axis of the orbit (also called the
binary separation). The distances a; and ao are the semi-major axes of the orbits

of the two stars about the centre of mass of the system respectively.

If the two stars can be visually resolved, the system is called a visual binary. In most
cases, the stars are too close together and/or too far away to be visually resolved,
and the spectra of the two stars will then blend into one spectrum. However, if the
inclination of such a system is larger than 0°, periodic Doppler shifts in the observed
spectral lines can still reveal the binary nature of such a system. These are called
spectroscopic binaries. More details related to spectral lines and the Doppler effect

are presented in Chapter 3.

If only one of the stars has an observable spectrum, with the other one being too
faint. the system is classified as a single-lined spectroscopic system. The changing
radial component of the orbital velocity of the bright star will cause the central
wavelength of each of its spectral lines to continuously oscillate about its rest wave-

length at a period equal to the binary period P,,,. If the spectrum of the other star

YA list of all the physical constants used in this work is provided in Appendix A.




To Earth

Velocity

Time
(a) (b)
Fig. 2.1: (a) Circular orbits (€ = 0) of the cowponents of a binary star about their centre
of mass. (b) The corresponding sinusoidal radial velocity curves, with the semi-amplitudes
K, and K5 indicated. The radial velocity of the centre of mass is Vy — this is also known

as the systemic velocity of the system. It is assumed that i = 90°. {Adapted from Carroll
and Ostlie 1996, p. 209, Fig. 7.5.)

is visible as well, the same periodic changes in the spectral line positions will be
observed — however, when one star is moving towards us, the other will be moving
away from us and vice versa, therefore the lines from the two stars will alternately
oscillate in different directions about the rest wavelength. This is called a double-

lined spectroscopic system.

A radial velocity curve can be constructed by measuring the wavelength changes
of the spectral lines over time, and from this the binary period and also the semi-
amplitude of the radial velocity curve, K, can be determined. An example of a
double-lined spectroscopic system with an inclination of 90°, together with its ra-
dial velocity curves, is shown in Fig. 2.1. When the orbital eccentricity, €, is non-zero,

the radial velocity curves have a different shape and become skewed.

However, the orbits of many binaries are nearly circular, and therefore the eccen-
tricity is very small (¢ < 1). Then the speeds of the two stars are more or less
constant, with vy and vy the speeds of the stars with masses Af; and My respectively.

Then the speeds are given by

21 2ma
v = ! and vy = 2 (2.2)
Porb Porl)
Also, from the definition of the centre of mass,
M _w (2.3)
1\’[2 aq ’ -
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which, when substituting a; and as from Eq. (2.2), yields

My W (2 /)
My - U1 ,. .
The radial velocity semi-amplitudes for the two stars are given by
I = v sini and I = wasin (2.5)

Using Eq. (2.5), Eq. (2.4) can now be rewritten in terms of the semi-amplitudes:

M, K

b2 2.6
My, K (26)
By using Eq. (2.2) and Eq. (2.5), the binary separation can be expressed as
Porb Porb A"1 + I\,Z
— o = =22 (g b)) = 2 (2L T A2 2.7
a=ay + an o (v + Uz) o Sin g ( )

Substituting the above into Kepler’s third law, Eq. (2.1), yields the following ex-

pression for the total mass of the system:

Pow, (K1 + K2)3

My + My =
! 2 27G sindi

(2.8)

The period P, is represented by one full wavelength on the radial velocity curve
of any one of the stars. If the inclination 4 is also known, it is evident that the
sum of the masses can only be obtained if the radial velocities of both stars can be
measured. After substitution of Ky = K7M7/M; from Eq. (2.6), Eq. (2.8) becomes

P, K3 M
My+My==2"1(14+— 2.9
1+ A 271G sin3 4 +]\/[2 (2.9)
or, after some rearrangement,
My i o Do s (2.10)
(My + M)2™ " 2xG 1T -

The right-hand side of the equation above is known as the mass function, and de-
pends only on the binary period and the radial velocity semi-amplitude of one of the
stars. In the case of a single-lined spectroscopic binary, Eq. (2.6) does not provide
information on the mass ratio, as Ky is unknown, and the mass function can now
only provide information on the masses of the stars if one of them can be estimated
by e.g. its spectral class. In the case of a double-lined spectroscopic binary, exact

values of My and My can be obtained if the inclination 7 is known or can be estimated.

In some binary systems, mass is transferred from one star (called the secondary)

7




to the other (called the primary). The transferred mass is “captured” or accreted
by the primary star, with the subsecuent release of energy. Of particular interest
to our discussion is the class of compact binaries, where the primary star is either
a white dwarf, a neutron star or a.black hole. The next couple of sections provide
an overview of the fascinating physical processes associated with mass transfer and
accretion, and also of the properties of accretion discs, which often form around the
primary star in accreting binaries. The discussion is mainly based on the approach
of Frank, King and Raine (2002, Chapters 1, 4, 5 and 6), with contributions from
similar discussions by Longair (1994, Chapter 16) and Vietri (2008, Chapters 6 and

7).

2.2 Accretion luminosity

Consider a star with mass M and radius R,. The gravitational potential energy
that will be released by a mass m accreting onto the surface of the star is given by
GMm

I (2.11)

If we assume that all the gravitational potential energy of the infalling matter is
converted to radiation at the surface of the star, we are led to the following expression

for the accretion luminosity:
GMm

Lacc = R.

(2.12)

It is evident that the accretion luminosity of a star with a certain compactness
M/R., is dependent on the accretion rate m. However, at high luminosity, the
outward momentum which is transferred from the radiation to the accreting matter
will have a significant cffect on the accretion process. This means that there exists a
maximum luminosity for a star with a given mass. This is known as the Eddington

limit.

2.3 The Eddington limit

We can estimate the Eddington limit by making the following assumptions: the
accretion is steady and spherically symmetric and the accreting material mainly
consists of ionized hydrogen. The radiation exerts an outward force on the accreting
material through Thomson scattering, which can be described as the interaction of
photons with charged particles. The Thomson scattering cross-section for electrons

is given by (Longair, 1992, p. 94)

4
oT = S—W <——P—> = 6.65 x 107% cm? , (2.13)

2.4
3 \mic

8




where e is the charge of an electron, m, the mass of an electron and ¢ the speed of
light in vacuum. The scattering cross-section for protons is smaller than that for
electrons by a factor of mg/'m;") ~ 3% 1077, with m,, the mass of a proton. The effect
of Thomson scattering will therefore be much larger for the free electrons than for
the protons, but the attractive electrostatic force between the protons and electrons

will drag the protons along.

It can be shown that the outward radial force of radiation with luminosity L acting
on each proton-electron pair is equal to the rate at which the electron absorbs

momentum from the radiation, i.e.

P

4drre

7 (2.14)

where 7 is the radial distance from the source. The inward gravitational force acting

on each proton-electron pair is given by

_ GM (my,+me)  GMm,

b ~ . (2.15)

Fy 5

T r

The Eddington limit represents the situation where the inward and outward forces
are equal (F, = F,) and the associated luminosity is called the Eddington luminosity
Lg. Therefore, from Eq. (2.14) and Eq. (2.15),

dmcG A 3 M
_ e Mp ~ 1.25 x 1058_ erg S_] , (216)

Lg
. or Mg

where My is the solar mass?. (If the accretion only takes place over a fraction f of

the star surface, the limiting luminosity will be fLg.)

For accretion power exceeding Ly, the larger radiation pressure will inhibit accre-
tion onto the compact object. If all the source luminosity was accretion driven, the
source would hereby be switched off. However, if there were other contributions
to the luminosity, e.g. nuclear fusion, the outer layers of source material would be

blown off by the radiation pressure.

There exists a sub-class of low-mass X-ray binaries (LMXBs) called “X-ray bursters”,
which are characterized by rapid and dramatic X-ray bursts caused by explosive ther-
monuclear explosions on the surface of an accreting neutron star. The maximum
burst luminosity of these sources was found to be ~ 1.8 x 10 erg ™', which cor-
responds to the Eddington limit for a 1.4M,, neutron star according to Eq. (2.16)
(Seward and Charles, 2010, p. 209-211). Because neutron stars in different binary

systems have more or less the same mass, this maximum burst flux from an X-ray

2See Appendix A,




burster can therefore be used as a “standard candle” to estimate the distance to

such a source.

2.4 Mass transfer in binary systems

The two main processes through which mass transfer in binary systems occurs,
are Roche lobe overflow and stellar winds. Roche lobe overflow and accretion disc
formation will be the focus of discussion in this section. In some cases where the
Roche lobe of the secondary is not filled, mass transfer may still take place when
the primary accretes matter from a stellar wind blowing from the secondary star.

See e.g. Bondi and Hoyle (1944) for more dctails.

2.4.1 Roche lobe overflow

In the Roche approach. we consider the behaviour of a test particle influenced by
the resultant gravitational field of two massive bodies orbiting each other — in this
case, the two stars in the binary system. We assume the following: the stars are
so massive that the test particle does not have an influence on their orbits, and
they can be regarded as condensed point masses for the purposes of the analysis.
This implies that the stars trace out Keplerian orbits about each other in a plane,
according to Eq. (2.1). The gas flow between the stars must obey the Euler equation,
which describes the conservation of momentum for each gas element. The general
Euler equation is

p%-i—p(v-V)v: -VP+f, (2.17)

where v is the velocity field, p the density and P the pressure of the gas and f the
density of external forces acting on the gas. Written in terms of a reference frame
that rotates with the binary system, the Euler equation has the form

v

gt-—i-(v-V)v: —VOoRr — 2w X v - %VP , (2.18)

where w is the angular velocity of the binary system relative to an inertial frame,

w= {GM]' e (2.19)

as

which can be expressed as

s )=

if € is a unit vector perpendicular to the orbital plane. The first term on the left-
hand side of Eq. (2.18) represents local acceleration, and the second the convection
of momentum by velocity gradients. The term —2w x v represents the Coriolis
force per unit mass, while —%VP represents the effect of pressure gradients. The

term — V Py, incorporates gravitational and centrifugal forces, where &y is the Roche
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(a)

Fig. 2.2: (a) The Roche potential surface for a binary system with a mass ratio of ¢ = 0.25
and (b) its sections in the orbital plane for &y constant. The labels 1 to 7 indicates surfaces
of increasing $r. Also shown are the centre of mass (CM) and the Lagrange points Ly — Ls.
(Adopted from Frank et al. 2002, p. 51-52, Fig. 4.2. and Fig. 4.3.)

potential, given by

G M, G My 1 2
& = — — — - = > - 2.20
)R(r) Ir — r]_l ’r _ r2| 9 (w X r) ( )

The vector r extends from the centre of mass of the system to any particular point
at which ®r(r) is evaluated. The vectors r; and ry represent the positions of the
centres of the primary and the secondary star respectively, also measured from the
centre of mass. In Fig. 2.2, the three-dimensional Roche potential and its projection
are plotted for a binary with a mass ratio of ¢ = M>/M; = 0.25; however, the
qualitative features are applicable to any mass ratio. The figure-of-eight curve is
especially significant. When it is plotted in 3 dimensions, it has a dumbbell shape
which forms a teardrop shaped lobe around each star which is known as the Roche
lobe of the star. The connecting point between the Roche lobes is Lq, the inner
Lagrange point. Lj is a saddlc point in the function @, therefore material close to
Ly in one of the lobes will rather pass through L; to the other lobe than escaping

the critical surface entirely.

If both of the stars are considerably smaller than their respective Roche lobes, and if
the axial rotation of each is synchronous with the orbital motion, the surface of each
will correspond to one of the circular equipotential surfaces within the Roche lobe
that are illustrated in Fig. 2.2. No mass is transferred through the L; point and the

binary is said to be detached. If one of the stars fills its Roche lobe. thermal motions
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can push gas across the Ly point into the Roche lobe of the primary star, where it will
eveutually accrete onto the primary. The lobe-filling condition can be maintained
either by further evolutionary expansion of the secondary, or by shrinkage of its
Roche lobe as a result of the loss of angular momentuin from the binary system.
Such a system is called a semi-detached binary. If both stars fill their Roche lobes

at the same time. the system is classified as a contact binary.

2.4.2 Roche lobe geometry

The dimensions of each Roche lobe can be described in terms of a sphere with the
same volume as the teardrop shaped lobe. The approximate formula of Eggleton
(1983),

Rz 0.49612/3

- - 73 2.21
a 06(]2/‘3 -+ In (1 + ql/.ﬁ) ( )

is quite accurate for all values of the mass ratio g, where Ry is the Roche lobe
radius of the secondary. The Roche lobe radius of the primary (Ry,) is obtained

1

by replacing ¢ with ¢”'. According to Paczyiski (1967), the following simplified

formula can be used for 0.1 < ¢ $0.8:

Rip 2 Mo
= . 2 2
PRV <Ml n 1\/[2> (2:22)

The distance b; from the centre of the primary star to the Ly point is given by a
fitted formula of Plavec and Kratochvil (1964):
by

— = 0,500 — 0.227 logy - (2.23)

2.4.3 Binary evolution

Mass transfer from the secondary to the primary will obviously change the mass
ratio ¢. The redistribution of angular momentum through the mass transfer can
also cause a change in the period P, and binary separation a, which are directly
linked to the sizes of the Roche lobes. It can easily be shown that the orbital angular

momentum J of the binary system can be expressed as

1/2
J =My My <%> . (2.24)

Logarithmic differentiation of Eq. (2.24) with respect to time yields

o _J M M M,
oot 4D 9L o2
Tt w My 2 Mo, (

[Sv]
[ (]
w
Nui2
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Since the secondary star is losing mass, ]\fg < 0. It can usually be assumed that
all the material lost by the secondary is accreted onto the primary, therefore M =
M, + My = 0. Then Eq. (2.25) becomes

2] 2A-M
a2 2=Me) (2.26)

a J 1\/]2
In the case of conservative mass transfer, not only the total binary mass, but also
the angular momentum is conserved. When substituting J = 0 in Eq. (2.26), it
becomes clear that the binary separation will increase (¢ > 0) if conservative mass
transfer takes place from the less massive to the more massive star (¢ < 1), and that
transfer from the more massive to the less massive star (¢ > 1) will decrease the

binary separation.

Logarithmic differentiation of Eq. (2.22) and the combination of the result with
Eq. (2.26) yields

Rio  2J  2(=M) <5 > (2.27)

RLQ - _] + Mo 6 —

If ¢ > 5/6, conservative mass transfer will shrink the Roche lobe down on the
secondary star and any angular momentum loss from the system will enhance this
effect. The Roche lobe overflow in such a case can become very unstable and ocenrs
on a dynamical time-scale if the star has a convective envelope, and on a thermal
time-scale if the star has a radiative envelope. If ¢ < 5/6, conservative transfer
will cause an expansion of the Roche lobe of the secondary, in which case overflow
may only continue if the secondary expands or if the binary system loses angular

momentum.

2.4.4 Time-scales

The different time-scales that are important in binary evolution are the following

(e.g. Verbunt 1993), related to the secondary star:

e The nuclear time-scale is given by

: M, L
nue = 1 o —= —© ) 2.2
e (5 (52 -

where L¢ is the solar luminosity. This is the time-scale on which the star

expands due to hydrogen burning in its core.

e The thermal time-scale,

M>y\? [ Re\ (L
[~ 7 _ __9.. _G -
Ton = 3.1 x 10 <1\/[(._~,> <R2> <L2> yT , (
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represents the time-scale on which the star tries to restore perturbed thermal

equilibrium.

o The time-scale on which a star restores its perturbed hydrostatic equilibrium

is the dynamical time-scale, i.e.

M \Y? [ Ry
] ~ ). - ays . 2
Tayn = 0.04 < 7, > R days (2.30)

2.4.5 Accretion disc formation

The material transferred from the secondary star through the L; point usually has
a very high specific angular momentum, preventing it from accreting directly onto
the primary star. Unless the orbital period of the binary system is very long, the
material transferred through L; (when viewed from the primary) will appear to
move almost orthogonally to the line joining the two stars. This can be illustrated
as follows: From Eq. (2.1), the binary separation can be conveniently expressed as
a = 2.9 % 101 (mq)/3(1 + q)]/BPjij cm, where m; = M;/Mg. The component of
the stream velocity orthogonal to the line of centres in a non-rotating frame is given

by

day
orb

2 ‘ ey A
vy ~ biw ~ (0.5a) < il > ~ 107(m1) (1 + )PP em st (2.31)

However, if the secondary surface temperature near the Ly point is ~ 10% K, then
the local sound speed is ¢s ~ 10% cm s~!, in which case v, will typically be highly

supersonic.

After entering the Roche lobe of the primary, the material falls ballistically into the
gravitational field of the primary star. During such a ballistic trajectory, gravita-
tional potential energy is converted to kinetic energy, but there is no energy losses
due to friction, shocks or radiation. The ballistic stream will intercept itself several
times while falling through the Roche lobe of the primary, with energy loss occurring

through shocks and the associated emission of radiation.

However, the material still possesses all the angular momentum it had when passing
through L, and it will eventually tend to orbit the primary in the binary plane in
an orbit corresponding to the lowest energy for the angular momentuin it possesses,
i.e. a circular Keplerian orbit. This Keplerian orbit must have the same associated
specific angular momentum as the transferred gas had when emerging from L, and
the Keplerian radius at which this condition is met, is called the circularization

radius, Rere. It can be shown that the circularization radius for Roche lobe overflow
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is given by

Reire 42l b\*
a  \GM P, a ’

P('irc E by !
L <_'>

which becomes

a a
by means of Eq. (2.1). Applying the formula of Plavec and Kratochvil (1964) in

Eq. (2.23) then yields

Rcirc

a

= (1 + ¢)(0.500 — 0.227 log ¢)* . (2.32)

The radius R is always smaller than Ry, ; the Roche lobe radius of the primary.
If the primary star is a compact object, Reje will be larger than the radius of the
primary. For some systems with an extended primary (e.g. the Algol variables),
Reire may be smaller than the radius of the primary star, resulting in the accreting
material crashing onto the primary surface without the formation of an accretion

disc.

The original ring of matter at R = Ry will spread out to smaller and larger radii due
to the effect of viscosity. The inner parts of the ring will transfer angular momentum
to the outer parts and will spiral closer to the primary due to the angular momentum
loss. The outer parts, having gained angular momentum, move to orbits farther away
from the primary. This extended disc of material that is slowly spiralling in towards
the primary star is called an accretion disc. The outer edge of the disc will be at
a radius Rg,y obeying Rere < Rous < Rp1. The angular momentum transferred to
the outer edge of the disc is possibly recanalized into the binary orbit by tidal forces

exerted by the secondary star on the outer region of the disc.

2.5 Accretion discs

2.5.1 Thin disc properties

In the thin disc approximation, it is assumed that the disc material lies very close to
the plane z = 0 in cylindrical polar coordinates (I?, ¢, z) and the disc is essentially

regarded as a two-dimensional gas flow,

The density and total mass of the disc material is much lower than that of the
primary, therefore the self-gravity of the disc is negligible and the orbits of the

spiralling material will be Keplerian, with the angular velocity given by

M\ ?
¢ ) (2.33)

O (i) = < B
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Fig. 2.3: Differential viscous torque acting on an accretion disc annulus. (Adopted from
Frank et al. 2002, p. 68, Fig. 4.9.)

and the circular velocity by

1/2
GM) , (2.34)

vk = RQk(R) = ( R

where, for the sake of brevity, M is now used instead of My for the mass of the
primary star. The spiralling motion can be described by a radial “drift” velocity
vp, which is a function of R and t. Near to the primary, vg is negative, signifying

movement towards the primary star.

It is quite obvious from Eq. (2.33) that gas elements at different radii will move
at different angular velocities. This enables the transfer of angular momentum in
directions orthogonal to the gas motion by the process of shear viscosity. It can
be shown that the viscous torque exerted by the outer ring on the inner ring at a

radius R in an accretion disc is given by
G(R) = 2n RvZR*QY | (2.35)

where v is the cocficient of kinematic viscosity, and €' = 3—2, The mass per unit
surface area is described by the suwrface density, £, which is a tunction of R and
t. The viscous torque exerted by the inner ring on the outer ring has the same
magnitude as the expression in Eq. (2.35), but with an opposite sign. Since ¥ < 0,
this means that the outer ring exerts a negative torque on the inner ring, confirming

the braking of the inner layers as a result of the friction exerted by the outer layers.

An annulus of disc material between 2 and R + dR is subject to the competing
torques G(R) and G(R + dR), as shown in Fig. 2.3. G(R + dR) will tend to re-
move angular momentum from the material, while increasing the orbital speed vy,
corresponding to an orbit closer to the primary. G(R) will tend to transfer angular
momentum to the material, while decreasing the orbital speed vk, corresponding to

a wider orbit. The difference between the two torques can be expressed as a%(]f ) dR,

which is the net torque trying to speed up the material. The rate of work by viscous
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torques is therefore given by

0 J
Q H(R)IR = —[G(R)NdR — G(R)QVdR . 2.36
IR (R)dR ()R[(( Q)R — G(R)Q dF ( )

The first term on the right-hand side describes the transfer of angular momentum
through the disc, while the second term represents the rate of viscous dissipatiow,
i.e. the rate at which energy is “lost” to radiation. This energy is radiated from the
upper and lower surfaces of the accretion disc. Fach ring has an upper and a lower
plane surface each with area 2w RdR, therefore the rate of emission per unit plane
surface area can be expressed as

GR)YdR G(R)QY 1

_ _ — Losirane 2.37
DR = Simramy = ank -~ 272 (237)

or, for a Keplerian disc, from Eq. (2.33),

D(R) = - (2.38)

The total mass of an annulus between R and R + dR is 27rREdR, and its total
angular momentum is 2r REZR*QdR. By differentiating the mass expression with
respect to time, it can be shown that the mass conservation equation is

0% 7]

R==+ —= (RZug) =0. 2.39

o T g (FEVR) = (2.39)
The equation for the conservation of angular momentum is obtained in a similar
way, and is given by
O ()= ). (2.40)
OR T 2roR -

after including the contribution of angular momentum transport by viscous torques,

RYvp—
and after simplifying by means of Eq. (2.39) (assuming that 92/t = 0).

Eliminating v by combining Eq. (2.39) and Eq. (2.40), and by using the expressions
for @ and G(R) in Eq. (2.33) and Eq. (2.35), the equation describing the time

evolution of the surface density in a Keplerian disc is obtained:

2 ~ ROR {P‘ a5 (PR )| (2:41)

It also follows from Eq. (2.35) and Eq. (2.40) that the drift velocity is given by

3 ? J/f)
. 2.
R SRR aR( vER ) ‘ (2.42)

It is evident that the kinematic viscosity v plays a key role in the quantification
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of the properties of the accretion disc. However, it is no trivial exercise to obtain
an appropriate value for v. In this regard, the famous a-prescription of Shakura
and Sunyaev (1973) plays a very important role in the description of viscosity, and

therefore of many structural propertics, of accretion discs.

For any gas flow. the Reynolds number is defined as

2 174
g L VL

-~ — == )
vT v

(2.43)

with L, V and T the typical dimensions of length, velocity and time for the flow.
For small R, molecular viscosity plays a dominant role, while for large values,
ie. ® > 103, the flow becomes turbulent. An estimate of the Reynolds number
by considering typical parameters for accretion discs around compact objects yields
R > 10'?, and this may lead to the conclusion that the gas flow in an accretion disc

is turbulent.

The problem with this possibility is that. since Y < 0 in Keplerian discs, they are

actually stable against hydrodynamic turbulence, i.e. the Rayleigh criterion

d

O 202
S (RQ)! >0 (2.44)

is satisfed in the disc. Therefore, stabilizing Coriolis forces will tend to smooth out
any hydrodynamic instabilities in the disc (see Balbus and Hawley (1998) and ref-
erences therein). The stabilization will take place on a dynamical time-scale, which
is of the order of the Keplerian period at that particular point in the disc. At the

outer edge of the disc, this is of the order of ~ 1 hour.

In a turbulent How, it is obscrved that the large-scale eddies divide into smaller and
smaller whirls and eddies down to a microscopic scale. This process through which
the kinetic energy of large-scale turbulent motion is successively subdivided until it
contributes to the thermal motion of particles on atomic level, is known as a Kol-
mogorov cascade. For turbulent motion in an accretion disc near to the outer edge
of the disc, the time required for the energy of turbulent motion to be subdivided
to the scale of thermal motion, is of the same order as the dynamical time-scale
(or Keplerian period as mentioned above). This means that the turbulent kinetic
energy can be converted to thermal energy before the turbulence is smoothed out,

and the higher local gas temperature can then increase the disc viscosity.

Even though hydrodynamic turbulence can not be sustained in a Keplerian disc,
magneto-hydrodynamic (MHD) processes in a magnetized disc can succeed in creat-

ing sustainable turbulence. Coupling of fluid elements at different radii by magnetic
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field lines may also be an effective way of traunsferring angular momentum in the
disc. The origin of the magnetic fields may be related to dynamo effects. However.

the exact nature and origin of MHD processes is still not quite clear.

If we can indeed consider the viscosity as turbulent, then the viscosity parameter
can be expressed by v ~ A{uhUsurh, Where Ay 18 the scale of the turbulent eddies
and vy, 18 their turnover velocity. It can safely be assumed that v, is subsonic,
otherwise shocks would most likely thermalize the turbulent motion. Also, Agpup <
H. Thus, under the assumption of turbulence (which is not at all certain), the
viscosity can be written as

v=acH | (2.45)

where we expect o« < 1. This is only a parametrization rather than a solution, as our
uncertainty related to the viscosity is now just confined to «. However, the thin disc
structure can be solved in terms of «, and observed properties of accreting systems
can then be used to obtain empirical values of o. According to King, Pringle and
Livio (2007), observational evidence suggests that, for thin, fully ionized discs, the
typical range for « is ~ 0.1 — 0.4, while many theoretical models predict a-values
that are at least an order of magnitude smaller than this. According to Balbus
and Hawley (1998), typical values of o from three-dimensional MHD simulations
range from ~ 0.01 — 0.6. However, the determination of appropriate values of « for

different aceretion disc scenarios is still a subject of considerable controversy.

2.5.2 Steady thin discs

When external conditions does not change on short time-scales, the disc structure
is approximately in a steady state, i.e. /9t = 0. Then the integration of the mass
conservation equation, Eq. (2.39), yields R¥vp = constant. This quantity represents
the inward flow of mass through every point on the disc, and because v < 0, the

mass accretion rate (in g s™!) can be written as
m = 2rRE(—vpR) . (2.46)

Integration of the momentum conservation equation, Eq. (2.40) yields the following,
where G(R) is obtained from Eq. (2.35):

—vZQ = S(~vp)Q + (2.47)

2rR3

The integration constant C' in the equation above is related to the rate of angular

momentum transfer from the inner part of the disc to the primary star.

If the disc extends all the way to the surface of the primary star, mass accretion
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occurs at the boundary layer. The angular velocity of the stellar material on the
primary surface must be smaller than the Keplerian velocity to prevent break-up,
Le. Q, < Qi (R,). Therefore, the angular velocity in the disc increases with decreas-
ing R according to Kepler’s law. until it starts to decrease to the final value Q. (at
R = R,). The initial increase, followed by a decrease, implies that there is a radius
R = R, + b where € = 0. The radius R, + b is defined to be the outer limit of the

boundary layer with radial thickness b.

In practice, usually b < R.. and ) can then be approximated with its Keplerian
value from Eq. (2.33) at the point where Q' = 0. When using this assumption, and
R =R, + b= R, in BEq. (2.47), the integration constant becomes

C = —-m(GMR)Y? , (2.48)

with the accretion rate given by Eq. (2.46). With this value of C, Eq. (2.47) yields

. 1/2
VY = ;L:T [1 - <%) | } . (2.49)

Eq. (2.49) can now be substituted into Eq. (2.38) to yield an expression for the

viscous dissipation rate per unit surface area that is independent of viscosity:

=37 (250

As there is basically no vertical (i.e. in the z-direction) flow of matter through disc,

3G M
DR = p

hydrostatic equilibrium must hold in the z-direction. The external force on the
disc elements is the gravitation of the primary, and for a thin disc, we assume that
2z € R. Then the equilibrium is described as follows by the z-component of the

Euler equation, Eq. (2.17), with all the velocity terms equal to zero:

10P  —-GMz

- = —. 2.51
p Oz R3 (2:51)
The local sound speed is given hy
r
2 ==, (2.52)
p

and with H the vertical scaleheight of the accretion disc, we have OP/0z ~ P/H

and z ~ H. From Eq. (2.51), the scaleheight can then be expressed as

R \/2 .
HeRe =) =R, .
1~ fie, <GM) [ (

)
31
W
=
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where vy is given by Eq. (2.34). Because = ~ H, we have H < R, therefore it is

S aNYAe
Gy € v = <CP > . (2.54)
1,

required that

In other words, under tlie thin disc approximation, the local Keplerian velocity must

be highly supersonic.

From Eq. (2.46) and Eq. (2.49), it is evident that the drift velocity can be expressed

1/2
-(%)
R

therefore vr is of the order v/R. From the a-parametrization in Eq. (2.45), we

as
-1

3v
Up = ———

2.55
i , (2.55)

obtain H
v
Up ~ — ~ Qs — K Cs 2.56
UR R Cy B Cs ( )

proving that vy is highly subsonic.

In situations where the thin disc approximation is valid, the temperature and pres-
sure gradients are along the z-direction, and the vertical disc structure at a certain
radius can be treated as a one-dimensional case of normal stellar structure. If the

disc material is isothermal in the z-direction, solution of Eq. (2.51) yields
p(R, 2) = pe(R)e™*/** | (2.57)

with p.(R) the central disc density (at z = 0). An approximate central density can
be obtained with p = £/H.

The disc pressure can be expressed as the sum of the gas pressure and radiation

pressure:

= AT | A9 (2.58)
wmp 3¢

P

where 4 is the mean molecular weight and o the Stefan-Boltzmann constant, and it
is assumed that T(R, z) =~ T,(R) = T(R,0). If the disc is optically thick, i.e. 7 =
pHrpr = Zkr > 1 (see Section 2.7 for a discussion of optical depth), the flux of
radiant energy through a surface for which z = constant is

_ —160T* 0T 4o, ,

F(z) = Senp D7 3—TT (z), (2.59)

where sg is the Rosseland mean opacity. If T3 3> T*(H), it can be shown that the
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dissipation rate per unit surface area in Eq. (2.50) can also be approximated as

D(R) = F(H) — F(0) = f;—:Tg‘ ‘ (2.60)

The equations describing the structure of a steady, thin disc are summarized below.
The eight unknowns, p. &, H, ¢, P, T¢, 7 and v, can be solved as functions of 7,

M, R and o, or any other parameters determining v.

_z
P=F
R\ 2

H = R(‘S (m)

, P

¢, = —
P
pmp 3¢ (2.61)
4o, 3GMm RN\?

D) =3 1e = 5w 1‘<‘§>

T= ZKJR‘(/J, TC) = T(Z’) f);Tc)

" R, 1/2
I/E = 3—7T |:1 - <E>

v=uv(p,Te, S, , ...)

2.5.3 Solution for the standard a-model

The steady disc equations in the previous section can now be solved for the simple
case where the viscosity is described by the a-parametrization in Eq. (2.45), and
where p and T, have such values that Kramer’s law can be used to approximate the

Rosseland mean opacity:
KR =9 X 1024[)TC_7/2 cm? g_'] . (2.62)

Also, the radiation pressure term, (40/ 3¢)T, is omitted from the fourth equation
in the system (2.61). A value of 0.615 is used for u, representing a fully ionized
“cosmic” gas mixture. The equations in (2.61) is now solved algebraically, and

the a-disc solution of Shakura and Sunyaev (1973) becomes the following, with
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fA=1-(R./R)'% Ryy = R/(10' cm), my = M/Mg and 1ig = 1/ (10'5 g s71):

- o - 10 1/4 ,—3/4 -9
2 =52a" nié ’7’1/P /f”/)oun ‘

/20

H=17x 1080:_1/]075'1,11 i 1_‘/81“,)(/,8, 3/5 ¢m

p=31x10"8 —T/10); ”/9071 f/b ,—IJ/Sf"“/j gem™?

T, = 1.4 x 10* a;—'/ 0 AR p6/5 K (2.63)
7 = 190a" Y5, iéoj‘l/r
v=18x10"a'm 5(/)[0”'1_1/4}?55/4]"6/5 cm? g7

3/10 =174 —14 _ 1
v = 2.7 x 107« Al/"lnl/) my MR /)‘ /5 om s~

2.5.4 Disc spectrum

If the accretion disc is optically thick in the z-direction, every disc element radiates
more or less as a blackbody with temperature 7°(R), and the dissipation rate per
unit surface area is given by

D(R) = cT*(R) (2.64)

with the right-hand side representing the blackbody flux. From Eq. (2.50), we obtain

, 1/4
R R\ 2
T(R) = {M 1- <-]-?-> H (2.65)
or, for R> R

8rR3o
R\ ¥4 3G M\ M* '
T(R) = (R ) where T, = (871'1?,3:) : (2.66)

The spectrum emitted from each disc element is now approximated by the Planck

function, i.e.
2h13/c?

I, =B, = e JKT(R) _ 1 7

(2.67)

where the effect of the optically thin atmosphere of the disc has been neglected.
(The radiation frequency v used in the rest of this chapter is not to be confused
with the viscosity parameter » used earlier.) An observer situated at a distance D

from the disc will observe a flux

F,=

4mhcos iv? /P RdR (2.68)

c2D? IR, ehv/kT(R) _ 17

which is obtained by integrating 7, over the whole disc, and using the fact that the
solid angle subtended by each disc ring between R and R + dR is 2rRdR cosi/D?,
where 1 is the binary inclination. For non-magnetic white dwarfs and neutron stars,

the inner disc radius is equal to the stellar radius, i.e. Rijn = Ri; for magnetized
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logF,

logv

Fig. 2.4: A schematic diagramn of the emission spectrum of an optically thick accretion
disc, illustrating the 3 regions with different v-dependencies. (Adopted from Longair 1994,
p. 152, Fig. 16.7.)

objects, Rin = Ry (see Section 2.6.2).

The shape of the spectrum given by Eq. (2.68) is shown in Fig. 2.4. For v K
kT(Rout)/h, the Planck function has the Rayleigh-Jeans form, i.e. 2kTv?/c?, yield-
ing F, o« v?, while for v > kT,/h, the Planck function has the Wien form,

ie. 2hudc2e~"/FT and the spectrum has an exponential form. For frequencies

in between, it can be shown that F), oc Vi3,

The “flattened” region of the spectrum in Fig. 2.4 where £, v1/3 is considered to
be characteristic of a disc spectrum. However, this part of the curve is only sub-
stantial if the outer disc temperature is much lower than that of the inner disc, or,
in other words, if Rous > Rin. For white dwarfs, Roux ~ 102R;n, and the expected

disc spectrum is very close to an ordinary blackbody curve.

In addition to the continuum emission discussed above, the observation of emission
lines can be expected from the optically thin gas in the accretion disc atmosphere.
Due to the rotational movement of the disc, such lines often have double-peaked

profiles, which are explained in Section 3.4.3.

2.5.5 Disc luminosity

The luminosity of a disc annulus between Iy and RR; is obtained by integrating the

enerey flux in Eq. (2.50) over the surface area (upper and lower) of the annulus, and
O.. H

_ RLQ [1 - g (%)UQH . (2.69)

is given by

3GMm | 1 2 (R, \ /2
) =75 {7?-.[1‘5(1?—.».)




Fig. 2.5: The geometry of au irradiated accretion disc. The unit vector k indicates the
direction of the incident radiation, and the unit vector n is normal to the disc surface.
(Adopted from Frauk et al. 2002, p. 130, Fig. 5.16.)

The intrinsic luminosity of the whole disc is obtained by setting Ry = R, and
R> — o0, yielding
GMm
Laise = oR, ' (270)

and comparison with Eq. (2.12) then shows that the disc luminosity is equal to one
half of the accretion luminosity. The remaining half is released by other mechanisms

close to the primary star.

2.5.6 Irradiated accretion discs

Accretion discs are often irradiated by the central object, and in some circumstances
the disc luminosity arising from irradiation by the central star can even exceed the
accretion luminosity of the disc itself. In this section, the effective temperatures
for irradiated and unirradiated discs will be compared in order to quantify the im-
portance of this effect. The geometry of an irradiated accretion disc is shown in
Fig. 2.5. The details of changes in the physical structure of the disc by irradiation
(disc “warping”) will not be discussed here. More information can be found in Frank
et al. (2002, Section 5.10).

We will consider the central star as a point source with luminosity L. This lumi-
nosity is defined by L, = 47TR§UT§H, where T is the effective source temperature
and R, the average source radius (which is non-zero, even though we consider it as
a point source in the analysis below!). The flux from the central star at disc radius

Ris Ly/ 47 R?, and the flux entering the disc surface at R is

_ Lt
F= 41 R?

(1—pB)cosy, (2.71)

where S is the fraction of incident radiation that is scattered from the disc surface
without being absorbed (also called the albedo). Here ¢ is the angle between the
disc normal and the incident radiation (the vectors n and k in Fig. 2.5). It can be
shown that cosy ~ dH/dR — H/R. If we define an effective blackbody temperature

Tpe that results from the irradiation of the disc at R by the central point source, it
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follows from Eq. (2.71) that

4 _ Lpt ﬁ .
T = forzs \ 7 )70 1) (2.72)
or l :
To.\" H [R.
pt _ A B
(Teﬂ'> ) ( R> 91 = B) . (2.73)

where g = [‘fl'l‘:l % - l]. From the second equation in the system (2.63), it is evident

that H o RY® for an unirradiated disc. It can be shown that H « RY7 for a disc
which acquires all its luminosity from irradiation by the central star. Therefore the
factor ¢ will lie between 1/8 and 2/7. Because the ratio H /R has more or less a
constant value everywhere in the disc, Ty o R~Y2_ Therefore, for large values of R
(i.e. a large disc) the temperature Tpy resulting from irradiation can dominate the
effective temperature of the disc itself, which. from Eq. (2.66), falls off as R™3/4,
Combining Eq. (2.66) with Eq. (2.72) yields the relationship between these two

p 4
pt _ z RLpt E .
<T(R)> =3cum g0 (274)

temperatures:

It can be shown that the spectrum of an irradiated disc is similar to that of an unir-
radiated disc, exhibiting a Rayleigh-Jeans law for small frequencies and the Wien
law for large frequencies. However, in the intermediate region, there is a consider-
able difference, and it is found that F, o vl
The discussion above is based on the assumption that the central source can be
regarded as a point source. However, in some cases, and often in discs in white
dwarf systems, this is not quite a valid assumption, and it is necessary to perform
a more complicated analysis for an extended central source. Such a consideration
yields
(E&)d — 428 for R — R.
1 , (2.75)
y A
(3,4) ~ 2 (&) (1-p) for B> R,

where Ty is the effective temperature cansed by the irradiation of the disc by the
extended central source. Therefore it turns out that Tey has the same dependence
on the radius as the effective temperature of the disc itself (o R~3/4) for large values

of R. Comparison with Eq. (2.66) yields

T \* 4 L, .‘
(T(R)> ST (2.76)

where L, = 47 R20T%, and L is given by Eq. (2.12).

The heating of the accretion disc by X-rays from the central compact object can also
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Fig. 2.6: Schematic representation of an accretion disc corona in a LMXB with a neutron
star primary. At high inclinations, an observer may still see scattered X-rays from the
corona, even though the neutron star itself is obscured. (Adopted from Jimenez-Garate,
Raymond and Liedakl 2002, Fig. 1.)

cause the formation of a hot, extended disc atmosphere or corona, as illustrated in
Fig. 2.6 for a neutron star in a LMXB (see Seward and Charles 2010, p. 207-209).
A similar corona can form in white dwarf systems, but a lower effective primary

temperature will decrease the temperature and extent of the corona.

2.6 Accretion onto a compact object

The nature of the mechanism by which the other half of the accretion luminosity
is released at the primary star depends strongly on the nature of the primary, and
specifically, on the magnitude of the primary’s magnetic field. In compact binaries,
two basic mechanisms can be distinguished: boundary layer accretion and column

accretion onto the polar caps of a magnetized compact object.

2.6.1 Boundary layer accretion

When a magnetic field is absent or negligible. the accretion disc will terminate at
the surface of the star. Accretion will take place in a thin layer with thickness b
onto the primary surface. The angular velocity relationships in the vicinity of the

boundary layer were already explained in Section (2.5.2).

The radial component of the Euler equation, Eq. (2.17), can be written as

10v% 18P v GM
—_ 2 T + R
20R ' pOR R R?

=0, (2.77)

where the external force has a centrifugal (ug)/ R) and a gravitational (GM/R?)
component. Since the angular velocity of material in the boundary layer is smaller
than the angular Keplerian velocity, i.e. @ < Qi (R.), we also have vy < vk =
VGM/R. The gravity term in the equation above must therefore be balanced by

27




Boundary Layer

Fig. 2.7: An optically thick boundary layer (uot drawn to scale). (Adopted from Frauk
et al. 2002, p. 156, Fig. 6.2.)

either the first or the second term on the left-hand side. From Eq. (2.56), we know
that vp < ¢, therefore the pressure gradient is expected to be dominant relative
to the term containing vp. From the expression for the local sound speed given by
Eq. (2.52), and by using 9/0R ~ b~!, Eq. (2.77) becomes
c? _GM

S

~

b R

*

(2.78)

with which b can be determined. Evaluating H at R, by means of Eq. (2.53) yields
H = R.¢s[R./(GM)]*/?, and we also find that b = H%/R, < H < R,. Deceleration
of the accreting material occurs because of the significant pressure gradient, and this
is accompanied by an increase in the local temperature compared to adjacent regions
where the centrifugal force instead of the pressure gradient provides support against
gravitation. The temperature excess causes a radiation excess, and if the boundary

layer is assumed to be optically thick, it can be approximated as a blackbody emitter.

The boundary layer geometry is illustrated in Fig. 2.7. The radiation from the
boundary layer passes through a region with radial extent ~ H on the upper and
lower disc faces. The area associated with the blackbody emission is ~ 2 x 27 R, H,
and because the associated luminosity is known to bhe %Lacc = GMm/2R,, the

effective blackbody temperature of the boundary layer is given by

- G M
4n R HoTg,, ~ T (2.79)
Comparison with Eq. (2.66) shows that
R\
Torn ~ | = T, 2.80
BL (3 }> (2.80)
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or, with ¢Z = P/p ~ kT, /i,

e\ /3
with sGM
. ¥ M pem
T = ———SM’% b (2.82)

the shock temperature that would have been associated with radial accretion onto

the star.

2.6.2 Accretion onto magnetized objects
Alfvén radius

White dwarfs and especially neutron stars often have magnetic fields that range
between 10° — 10'2 G. which is strong enough to disrupt the flow of material in an
accretion disc. As a simple approximation, the disruption of an accretion flow that is
essentially spherical far from the star will be considered. If the magnetic field has a
dipole nature, the magnetic field strength varies as B ~ pn, /73 at a radial distance r
from the star, where py, = B, RS is the magnetic moment. The associated magnetic
pressure is given by

B uh
81  8mrb

which increases sharply as r decreases. At a certain radius r s, which is the spherical

Pmag = (283)

Alfvén radius, the magnetic pressure will start to exceed the ram pressure and gas
pressure of the accreting flow. which will then be controlled by the magnetic field for
< 7. It can be shown that in spherically symmetric accretion, the flow velocity
close to the star is highly supersonic and close to the free-fall value of (2G M /)72,
therefore the influence of the ram pressure (pv?) is much more important than that
of the gas pressure (pc2). Also, because p(—v) represents the inward flux of material.
we obtain

we have |pv| = mm/4nr?. Therefore, by setting Puag(rar) = pv2|r,,,

rag = 273GV T =T T AT = 5 % 108'r'n,;62/7'm.1_1/7/1..%7 cm , (2.84)

where psp = /(100 G cm3). As pzg = 1 for typical values of B, and R, for
magnetized white dwarfs and neutron stars, the order of +j; above suggests that the
disruption of the disc structure may occur far enough from the primary surface to

be an observable effect.

Returning from spherically symmetric accretion to disc accretion; we need to find
the cylindrical radius Rjs at which the magnetic torque on the disc is equal to
the viscous torque G(R,s). Finding an expression for the magnetic torque is quite

involved. and many estimates of the resulting cylindrical Alfvén radius Ry; shows it

29




Fig. 2.8: Cross-section view of the accretion of material from a disc onto the polecaps of the
magnetized white dwarf or neutron star. (Adopted from Frank et al. 2002, p. 161, Fig. 6.4.)

to be of the order of rpy; typically
Rt ~ 050 = 2.6 x 10855 "oy V7 g em (2.85)

although other estimates yield values that are up to 4 times larger. The exact
results will also depend on the angle 8 between the disc plane and the inclination
of the dipole axis. Rewriting Eq. (2.85) in terms of the accretion luminosity, with

parametrizations applicable to white dwarfs and neutron stars yields

2.8 x 108m}/7R§2/7L;32/7;L%7 cm
Ry ~ , s (2.86)

1.5 x 10877Li/7R(;“/7L;7/ /,1,367 cm
where Ry = R/(10° cm), Lgs = Lace/ (1033 erg s71), ete. Inside R = Ry, the ac-
creting material leaves the disc structure and falls in towards the polecaps along the

magnetic field lines, as illustrated in Fig. 2.8.

The primary star and its magnetic ficld pattern rotates with angnlar velocity .,
generally in the same direction as the disc rotation. The “fastness parameter” is
defined as

Q.

We = —————— . 2.87
Qi (Rar) (2.87)

For steady accretion of material along the fieldlines. it is required that w, < 1, oth-

erwise particles at Ry will be ejected centrifugally.




For some white dwart systems with 2,4, < 4 h, the magnetic moment is large enough
to yield Rys > a. In these systems, called polars, no accretion disc is formed and the
accretion stream couples directly with the magnetic field, whereafter it flows to the
polecap regions. For weaker magnetic fields or longer periods. an accretion disc can
form, even though it can be disrupted at Ry; as shown in Fig. 2.8. The most hasic
condition for disc formation is that the minimum distance of approach (~ 0.5R¢i.)
of the accreting stream to the white dwarf should be larger than the “obstacle” that
the magnetosphere presents to the flow, which may he estimated to have a size of
~ 0.37'/‘/\//.

Accreting polecap area

If plasma instabilities are neglected, it is evident that material can not accrete
outside of a polecap with half-angle , since the ficld lines crossing the star surface
at half-angles larger than p cross the disc plane inside Rjps, an area which is not
accessible to accreting material (see Fig. 2.8). It can easily be shown that the area

of an accreting polecap as a fraction of the total stellar surface is

(R, sin (p)2 _ R, sin? 6
47TR3 N 4R1\/[

(2.88)

If accretion takes place on both polecaps, the fraction is simply doubled, and can

be approximated by
R,

U 2Ry

(2.89)

if 8 is close to 90°. Typical values for f are between 107! and 1074

Column accretion onto white dwarfs

We will now take a closer look at what happens to the accretion stream after being
channelled toward the polecaps. The structural configuration that forms is known
as an accretion column. Because the white dwarf case is the most applicable to
supersoft X-ray binaries, the following overview will only consider column accretion
onto the polecap of a white dwarf. Column accretion onto magnetized neutron stars
has similarities to the white dwarf case, but extreme conditions on the neutron star
surface makes a clear-cut analysis very challenging. More information on column

accretion in neutron stars can be found in Frank et al. (2002, Section 6.5).

The main effect of the magnetic field on the column structure in the polecap region
is to channel the accreting material onto the polecaps, and to confine electron trans-
port processes (e.g. thermal conduction) to take place only along the direction of
the fieldlines. As the flow is approximately radial, it is quite similar to spherically

symmetric accretion. It has already heen mentioned that the infalling material is
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highly supersonic and virtually in free-fall in the latter case, with free fall velocity
vpp = \/2G1M/R. In order to accrete onto the white dwarf surface, the material has
to be decelerated quite dramatically, and therefore the formation of a strong shock
in the column is expected. Because 1, > e, the ions in the accretion stream

carries essentially all the kinetic energy.

It can be shown that the ions are stopped above the white dwarf photosphere for
all reasonable situations within a single accretion column. Therefore the material
is slowed down by a strong shock before reaching the photosphere. In such a shock
region, dissipative processes convert most of the ordered kinetic energy of the su-
personic accretion ffow into the random motion of the post-shock particles (i.e. into

heat). For an adiabatic shock, the post-shock gas below it has a velocity
v 1/2 - .
—Up = % =1.3x 108771{/2]%9 Y2 emsmt (2.90)

The sound speed of the post-shock gas can be shown to be NG, r¢/4 > va, therefore
vy is subsonic. The temperature of the shocked gas is given by Eq. (2.82), and can
also be expressed as

Ts = 3.7 x 103m; Ry' K . (2.91)

The processes by which this shock-heated gas is cooled must now be considered.
The high temperature T5 of the gas suggests Bremsstrahlung to be the dominating
radiative cooling mechanism, with subsequent emission in the form of hard X-rays.
If the accretion column is “tall and thin”, the cooling region below the shock front
will be optically thick in the radial direction, but optically thin in the “horizontal”
direction. However, if the accretion column is “short and fat”, the optical thickness
in the radial direction can be smaller than that in the “horizontal” direction. The
absorption effects in different directions in the accretion column is therefore depen-
dent on its geometry, which then determines the direction of X-ray beaming. The

basic structure of an accretion column is shown in Fig. 2.9.

However, a substantial fraction of the radiation from the cooling region will be
radiated or transported to the white dwarf photosphere at the base of the accretion
column, where it will be absorbed and re-emitted. The re-emitted spectrum will
probably closely resemble that of a blackbody because of the large optical depths
below the white dwarf surface. The typical associated blackbody temperature is

given by

'l/‘l ] ] ) 0l
T, = <——4WL1;§Cfg> =1 x 1050 £ my Ry K (2.92)

where f is once agaiu the fraction of the white dwarf surface that forms part of the
accretion column base, and f_o = 102f. The typical value of T} shows that the

blackbody radiation will mainly consist of soft X-ray photons, with energies much
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Fig. 2.9: Structure of a white dwarf accretion column. (Adopted from Frank et al. 2002,
p. 178, Fig. 6.11.)

smaller than that of the hot accreting matter below the shock region.

This constitutes another possible cooling mechanism, as the electrons can interact
with the soft photons through inverse Compton scattering — the photons are “up-
scattered” to higher energy, while the electron gas will be cooled. Cyclotron emission
will also be a cooling factor in the presence of a magnetic field, but will generally not
be a major cooling mechanism, but rather an important signature process. Only at
very low accretiou rates or very large magnetic ficlds will it substantially contribute

to the total accretion luminosity.

Theoretical considerations of this accretion column model leads us to expect most
of the radiation to be in the form of hard X-rays. However, observations of such
systems imply that the hard X-ray luminosity often constitutes only 10% of the
system luminosity, with the spectrum being dominated by soft X-ray emission. It
has therefore been suggested that in order to account for this discrepancy the ac-
cretion column model should be slightly adjusted to describe polecap accretion not
in terms of a single large accretion column, but in terms of small accreting blobs,
each creating their own small accretion column (Frank, King and Lasota, 1988).
According to this revised model, the original flow is broken up into well-separated
blobs above the white dwarf surface. Diffuse blobs will be shocked above the white
dwarf surface, while dense blobs can penetrate into the photosphere before being

shocked, enhancing the soft X-ray production.
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Primary spin periods

We have seen that the accretion flow is directed onto only a small fraction of the
surface of the primary star when the accretion process is controlled by the magnetic
field of the primary. Half of the accretion luminosity is emitted from this small
region, therefore any rotation of the accreting primary will bring about a periodic
modulation in the observed flux from the system (usually in the X-ray band). This
periodicity represents the spin period of the primary, Pspin (or, if the periodic signal
is created by the directional emission from both polecaps, it represents %Psp;.,). Typ-
ical observed values are 1 s < Pspin S 10% s. It must be kept in mind, however, that
there will be periodic variations (with the binary period P) of the spin frequency

due to Doppler shifts during the binary rotation.

In many X-ray binaries, a steady decrease (“spin-up”) in Pypin is observed, with
occasional small increases (“spin-down”). The spin-up is probably caused by the
torques resulting from accretion, and the spin-downs may be due to changes in the
accretion torque or changes in the internal structure. From Eq. (2.87), it can be

> 1 s, and for a typical Alfvén radius of Ry ~ 108 cim, the

~

shown that for Pypin
fastness w, < 1 and we have a so-called “slow rotator”. For such a slow rotator
accreting from a disc, the dominant torque is the accretion of angular momentum
at Rjs. From the arguments in Section 2.5.2, it follows that the rate of angular
momentum transfer from the disc to the primary is m(GM Ra)'/?, therefore, with

I the moment of inertia of the primary star, the spin-up is expressed as
IO, = m(GMRy)"? . (2.93)
By using Eq. (2.86) and 1 = RL,e/GM, the spin-up rate can also be written as

. 1.4 x 10_17"”;3/7128/7[‘%7“%7[5_01 Hz 57!
Q. =~ o : (2.94)
1.0 x 10~y T RS TLYT 20T 1 Hy 57
where Ijs = I/(10%5 g cm?), etc. For a neutron star, Iys ~ 1, while Isg ~ 1 for a

white dwarf, therefore it is much harder to spin up a white dwarf.

For faster rotators, for which w, ~ 1, other effects may also play a more dominant,
role, c.g. the interaction of its magnetic field with disc vegions at & > Ry, or an-
gular momentum loss by blowing a wind of particles off the stellar surface along
the fieldlines. Theoretically, any star that is spun-up for long enough will become a
fast rotator, and Pypin reaches an equilibrium value, because of the additional effects
just mentioned, and will ouly change significantly again if external conditions should

change.

34




Power ——»

Intensity .y

Lo 'y .‘v‘ \IZA.JH PNAK
Time ~———> ~ Frequency —>

Fig. 2.10: A quasi-periodic light curve (left) and its corresponding power spectrum (right),
showing the characteristic broadened peak due to the presence of a whole range of periods.
(Compiled from sample data.) (Adopted from Seward and Charles 2010, p. 221, Fig. 11.65.)

The fastness of a rotator can also be regarded in terms of the corotation radius. The
corotation radius, R, is the radius where the Keplerian angular velocity is equal to

that of the primary star itself, and is given by

47r2 spin

empz, \'* s 1
Rq = <—sl’l'l> =1.5x 108P2/'5mi/'5 cm . (2.95)

The slow rotator condition w. < 1 can also be expressed by the requirement that
R > Ry At the equilibrium spin period Peg, we ~ 1 and Rq ~ Ry, and compar-
ison of Eq. (2.95) with Eq. (2.86) shows that

2.67111—2/7R;3/7L_3/7; 6/7

b 33 HMzo S 2.96)
ea ™ Lom=27p=3/7=3/7 8/7 ' (2.
Omq " Rg™ Lg;" sy 8

Quasi-periodic oscillations

Broad frequency peaks are sometimes detected in the power spectra of X-ray binaries
and cataclysmic variables, representing what is known as quasi-periodic oscillations
(QPO’s). An example of a quasi-periodic signal and its corresponding power spec-
trum is shown in Fig. 2.10. Tt has been postulated that QPO’s are caused by the
interaction of a weak magnetic field of the primary star with changing, turbulent
“blobs” orbiting the primary in the inner parts of the accretion disc. The magnitude
of the corresponding QPO frequency possibly results from the beat between Py,

and the Keplerian period Pk of the blobs, according to

1 —_
FPqro

1 1
Pspin PK

. (2.97)

The cataclysmic variable AE Aquarii also exhibits QPO’s. However, this system
does not have an accretion disc, but the QPO’s arise from the beat period between
the white dwarf spin period and the Keplerian period of blobs of material that are

being ejected from the system. A power spectrum of AE Aqr is shown in Fig. 2.11
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Fig. 2.11: Power spectrum of AE Aqr. The dotted lines indicate the positions of the
spin period and its second harmonic. The broad structure at ~ 56 mHz indicates a QPO.
(Adopted fromn Meintjes et al. 1994, Fig. 3(d).)

(Meintjes et al., 1994).

2.7 Radiation processes

In the preceding discussions. there have been several references to different radiative
processes and related quantities. In this section, an overview is provided of some
concepts of radiative transport, whereafter the mechanisms of blackbody and ther-
mal Bremsstrahlung radiation are briefly explained. A detailed account of radiative
transfer, as well as other continuum radiation processes, can be found in Rybicki
and Lightman (2004), Longair (1992) and Vietri (2008, Chapter 3).

2.7.1 Basic concepts

A radiation field can be guantified by its specific intensity I,, which has the units
erg cm~2 7! Hz™' sr™! (e.g. Vietri 2008, Section 3.1). When considering all the
radiation directed in a small cone of solid opening angle 2 about a reference direction,
the total energy with frequency between v and d + dv transferred through the cone

across a surface dA normal to the reference direction in a time dt is given by
dE = I,dAdtdQdy . (2.98)

R — . 9 7 1 P : . . .
The specific fluz F, (in erg cm™2 s7! Hz™') is independent of direction and is re-

lated to the specific intensity by
F,= / I, cos 8dS) . (2.99)

If a certain fluid element with volume dV emits radiation with frequency between v
and d -+ d, it will alter the local radiation field I, as it emits an amount of energy
given by

dE = j,dVdvdQdt (2.100)
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directed into a small solid angle d€) in the reference direction. The parameter j,

(in erg cm™ 57! Hz™ ! sr™1) is called the coefficient of spontancous envission. The

specific intensity of 1'adiation‘passing through dV = dA ds will therefore increase by
dl, = j,ds . (2.101)

On the other hand, another Anid clement with volume dV may absorb some of the

radiation, and cause I, to decrease according to
dl, = —o,I,ds | (2.102)

where «, is the coefficient of absorption. expressed as a fraction of the specific
intensity that is absorbed from the incident radiation. It should be noted that there
are two processes which can decrease I, namely absorption (described by «v,) during
which photons are destroyed, and the scattering of photons into other directions,
during which the number of photons is preserved. The latter effect is incorporated
into j,, which is therefore also a function of I,. The equation of radiative transfer

is

I,
‘ = ,’jl/ - O/'I/II/ . (2103)
ds
The optical depth is defined as
T, = /o:,,ds ) (2.104)
and the source function as '
S, =2 (2.105)
Gy

BEq. (2.103) appears quite simple to solve, and indeed a formal solution of the form

Ty
L(r,) =10 ™+ [ S,(r)e ™ dr, (2.106)
Jo
can be obtained. However, because S, is a function of «, and therefore of I, if
scattering effects are present. it is not practically possible to specify S5, without

referring to I,, except if scattering effects can be neglected.

When 7, < 1, the medium is said to be optically thin, and if 7, > 1, the medium is
optically thick. For an optically thick medium, S, = I,. In the special case where
the radiation itself is in thermal equilibrium, the thermal emission is in the form of

blackbody radiation.
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Fig. 2.12: Blackbody spectra at various temperatures. (Adopted from Rybicki and Light-
man 2004, p. 22, Fig. 1.11.)

2.7.2 Blackbody radiation

In thermal equilibrium, the medium is spatially homogeneous and dI,/ds = 0. The
specific intensity I, is now only dependent on the frequency v and the effective

temperature 7" and is given by the Planck law:

2hu3 [
In the limit hv < kT, the exponential term can be approximated by /T — 1 ~
hv/kT and then we have the Rayleigh-Jeans law,
212
R r
% = —HT . (2.108)

In the limit hv > kT, /AT — 1 ~ ™/kT and the spectrum is described by the
Wien law:

N
1w = 2 ekt (2.109)
C

Fig. 2.12 shows a series of blackbody curves for different temperatures. The holo-
metric (i.e. measured over all wavelengths) surface flux (in erg em=2 s~1) from a
blackbody emitter is given in terms of the blackbody temperature by the Stefan-
Boltzmann law,

Fool = oT*, (2.110)

where ¢ is the Stefan-Boltzmann constant. The flux can be expressed as Fi,o =
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Lyol /47w R?, where Ly, is the emitter luminosity and R the emitter radius. Therefore

the bolometric Iuminosity (i.e. the total power over all wavelengths) is given by
Ly = 47 R%cT? . (2.111)

Thus. if the bolowetric lnminosity and cHoctive temperature of a source is known.
the equation above can be used to calculate its radius. Solving Eq. (2.111) for the

radius and expressing it in a more convenient form yields

R=28780 x 101 1/2 [ AL - cm (2.112)
) . 5\ Tov . 2.112
where Lg; = Lhol/lo37 erg s~', and k7T is the effective source temperature expressed
mm eV. The unabsorbed flux F, measured by an observer is related to the bolometric
source luminosity by Ly, = 47nD?F,, where D is the distance from the (earthly)

observer to the source.

2.7.3 Thermal Bremsstrahlung

Bremsstrahlung (“braking radiation”) or free-free emission refers to the emission of
radiation by an electric charge that is accelerated in the electric field of another
charged particle (e.g. Rybicki and Lightman 2004, Chapter 5). No Bremsstrahlung
takes place during the collision of two similar particles, as the dipole moment is pro-
portional to the position of the centre of mass, which stays constant. In an ionized
plasma, Bremsstrahlung due to the interactions between electrons and ions should
therefore be considered. The acceleration of a particle is inversely proportional to

its mass, therefore the electrons will be the primary radiators.

In thermal Bremsstrahlung, the thermal distribution of electron speeds is used to

quantify the nature of the spectrum. Then the spectrum is given by

dE 257¢b 2r \ /2 1 o
— ‘ -1/2 2N N',—lw/k:j 5. 211
dVidtdy — 3mec3 <3k'm,e> T Z"NeNie 9rf . (2.113)

where 77, is the velocity-averaged Gaunt factor. The Gaunt factor is a function
of the electron energy and the emission frequency, and extensive tables for appro-
priate scenarios can be found in the literature, e.g. Karzas and Latter ( 1961). A
schematic representation of the general form of a Bremsstrahlung spectrum is shown
in Fig. 2.13. This spectrum is typical of dense ionised gas such as found in star for-
mation regions. At low frequencies, self-absorption of the emitted spectrum by the
emitting gas modifies the spectrum to the form of the Raleigh-Jeans component of
the blackbody curve.

In this chapter, an overview of the basic properties of accreting binary systems and
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Fig. 2.13: Schematic representation of the form of a typical Bremsstrahlung spectrum,
illustrating the Rayleig-Jeans tail at low freqencies. (Adapted from Rybicki and Lightman
2004, p. 166, Fig. 5.5.)

accretion discs has been provided. One of the most powerful techniques that can be
used to infer the structure and properties of a binary system, is spectroscopy. This
includes the analysis of the spectrum continuum, which may contain several compo-
nents like the blackbody and Bremsstrahlung spectra discussed above. However, it
also requires a closer look at the emission and absorption lines which originate from
transitions between quantified energy states in atoms and ions in the optically thin
regions of the system. The next chapter is devoted to a discussion of the origin of
spectral lines, and how they can reveal an incredible amount of information related

to the emitting regions.
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Chapter 3

The Physics of Spectral Lines

The spectra of many astronomical sources are characterized by a series of “dips”
and “peaks” superimposed on a continuum. They are known as absorption lines
and emission lines respectively, and are caused by transitions between discrete en-
ergy levels in the atoms or ions in the source. These spectral lines contain a wealth
of information related to numerous physical properties in the source, i.e. composi-

© tion, temperature and pressure, as well as the dynamics of the material in the source.

In order to extract such information from the spectral lines, the structure and quan-
tification of energy levels in an atom must first be understood, and also the tran-
sitions between the energy levels. This chapter provides a brief overview of these
core principles, as well as the most relevant mechanisms responsible for the broad-
ened line shapes and changing line positions that are often observed in astrophysical

environments.

3.1 Origin of the quantum numbers

In this section, the origin and interpretation of the quantum numbers will be ex-
plored mainly in terms of the Bohr-Sommerfeld atomic model (Sommerfeld, 1928),
supplemented with the contributions towards quantum theory by de Broglie and
Schrodinger. The content of this section is largely based on the discussion of Kitchin

(1995, chapter 2), supplemented with other sources where indicated.

3.1.1 The Bohr-Sommerfeld atomic model

In the Bohr-Sommerfeld model, the negatively charged electrons are considered as
particles orbiting the small, compact, positive nucleus of the atom. In this model,
the electrons in different orbits have different energies. The quantization of energy is
therefore considered in terms of electrons that are only permitted in certain orbits.
The Bohr-Sommerfeld model is, however, only successful in describing hydrogen

atoms and other single-electron, “hydrogen-like” ions like Het.
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Bohr postulated that the angular momentum of an electron in any allowed orbit has
to be an integer multiple of h/27, i.e.
h

M1 = =, 1
Mt = np— (3.1)

with m, the electron mass, v its velocity, r the orbital radius for a circular orbit,
1 an integer and h Planck’s constant. In the assumned circular orbit, the Coulomb
force attracting the electron to the nucleus acts as the centripetal force keeping the

electron in orbit: . )
Ze* mgut
r2 = yp

(3.2)

where e is the electron charge and Z the atomic number of the nucleus. Solving for
the radius from Eq. (3.2) and eliminating v by using Eq. (3.1), the orbital radius 7,

th

for the n™ Bolr orbit becomes

h2n? n?
= ————— = ap—
dr2meeZ zZ’

(3.3)

where ag = h? /élvrgmee2 ~ 5.294 x 1079 cm represents the first Bohr orbit of hydro-

gen, for which Z = 1. The number n is called the principal quantum number.

The potential energy of an electron is considered to be zero when r = 00, i.e. when
the atom is ionized and the electron is free. For bounded electrons the potential
energy function is negative, i.e.

—Zc?
Epot =

(3.4)

From this relation the potential energy decreases, i.e. becomes negative, for electron

orbits closer to the nucleus.

From Eq. (3.2), the kinetic energy can be expressed as

E ) Ze° (3.5)
in = =MtV = — . .
kin 9 e 9%
The total energy, F, of the electron is then

. —Ze?

E= Epot + Exin = or (36)

The negative sign indicates that the electron is in a bounded state, requiring work

from an external force to detach it from the atomic nucleus.




Substituting r from Eq. (3.3) then yields

—2ringet 22
h2n?

E = (3.7)
Strictly speaking, the electron orbits the centre of mass of the combined electron-
nucleus system rather than the centre of the nucleus itself. Thus, the electron mass
me should be replaced by the reduced mass of the system, po= meM/(ine, + M),
with M the nuclear mass. Then Eq. (3.7) becomes

B —2m2puet 72

E= h2n? (38)

According to the equation above, the energy of an electron for a certain atom is
only dependent on n, the principal quantum number. When an electron makes a
transition from one allowed orbit or “energy level” in the atom to a lower or a
higher level, the difference in energy is emitted or absorbed in the form of a photon.
More specifically, for a transition from encrgy level Ey, corresponding to principal
quantum number nq, to energy level Es, corresponding to ny, Eq. (3.8) can be

applied to express the frequency (v) of the associated photon as

|Ey — By 272petZ? ] - )
= = , 5~ | =cR ’n—_ — (3.9)

174

h

where ¢ is the speed of light and
(3.10)

is the Rydberg constant for an atom with nuclear mass M (after Tennyson 2005,
p. 23-24). In the theoretical limit of an atom with infinite nuclear mass, the reduced

mass /. becomes equal to me:

_ meM _ Mg
e+ M T me/M +1

R Mg for M — oo . (3.11)

The Rydberg constant for a system with infinite nuclear mass is therefore

2
2mimee?

Roo = 2 =109737.32 cm ™!
ch3

and Ry can he expressed in terms of Ry, as follows:

Ry = iRoo . (3.13)

Mg

Sommerfeld extended the concept of circular electron orbits by postulating the ex-
istence of elliptical electron orbits, where the integral of the electron’s angular mo-

mentum associated with a specific orbit must be an integer multiple of h. In such
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Fig. 3.1: Polar coordinates for an elliptical electron orbit. (Adapted from Somunerfeld 1928,
p. 234, Fig. 70.)

an elliptical orbit, the position of the electron has two degrees of freedom: the dis-
tance from the nucleus, r, and the azimuthal angle, ¢ (i.e. in polar coordinates; see

Fig. 3.1). The associated momentum components can be expressed as
Py = Mer2 ) and Dr = MeT . (3.14)

The momentum components are separately quantized, and according to Sommer-

feld’s postulate,

2T
/¢ 0p¢ d¢p = kh (3.15)
27
//) 0'1),r dr = zh , (3.16)
JPHp=

where k£ and z are both integers, with & the azimuthal quantum number and = the

radial quantum number.

According to Kepler’s second law, angular momentum is constant for motion under

the influence of inverse square attraction, therefore evaluating Eq. (3.15) yields
Y h 1~
Pp = Mer P = meur = k— , (3.17)
2

which yields the same result as for Bohr’s circular orbits in Eq. (3.1), but with &

instead of n.

The evaluation of Eq. (3.16) is a bit more involved. The equation of an ellipse can

be written as
1 1+4+ecosg

o oa(l—¢?) (3.18)

where € = Va2 — b2 /a is the eccentricity, a the semi-major axis and b the semi-minor
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axis. Logarithmic differentiation of Eq. (3.18) with respect to ¢ yields (Sommerteld
1928, p. 235) l '

%:T;D - 1;?125;(/) ! (3:19)
which can be utilized together with Eq.’s (3.14) and (3.17) to show that Eq. (3.16)

can be expressed as

=t st gds N (3.20)
27 Jymo (L+ccosd)?  k
Evaluating the integral above yields (Sommerfeld, 1928, p. 550)
/C2
l—g?= 3.21
© T kroe (3:21)

showing that the eccentricity of the ellipse is also quantized. The kinetic energy of
an electron in an elliptical orbit is given by
Mg

Biin = <2(72 +r%¢%) | (3.22)

F4

which can be expressed as follows upon using Eq.’s (3.14), (3.18) and (3.19):

2 2
g 1+4¢*

¢ ( -; + e cos ¢) . (3.23)
The potential energy is still given by Eq. (3.4), but can also be expressed as

—~Ze*(1 + ¢ cos p)
a(l —¢?)

Epoy = (3.24)
by substituting from Eq. (3.18). By considering the fact that the total electron
energy is independent of time (and therefore of ¢), it can be shown that the total

energy is
22t 22

E = Eyin + Epoy = ‘m

(3.25)

This is a quite remarkable result, as comparison with Eq. (3.7) shows that the quan-
tum number n for a circular orbit corresponds to the quantum sum & 4 z for an
elliptical orbit. This means that each quantized ellipse has an amount of energy

equal to that of a circular Bohr orbit.

If 2 =0, Eq. (3.21) implies that the eccentricity is zero and we have Bohr’s circular
orbit once again. A value of k = 0 would be impossible, as it would reduce the
orbit to a straight line and require the electron to pass straight through the nucleus,
therefore the possible k-values start from 1. According to the above, n = k + z,
therefore the upper limit for & is equal to n (corresponding to z = 0). The upper

limit of z is 7 — 1 (corresponding to k£ = 1). The Bohr-Sommerfeld atomic model can
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therefore be described by two quantum numbers: n = k + =, (with possible values

1,2,3,4,...) and k (with possible values 1,2, 3, ..., ).

In the non-relativistic case, the energy is not dependent on k, and is simply given
by Eq. (3.8). However, if relativistic effects are to be taken into account. the energy
exhibits a weak dependence on k, causing a splitting of the spectral lines, known as
their fine structure. The electron’s energy with relativistic corrections introduced is

then given by

—2mpet Z2 27 (1 3
o 2o 3.2
h2n? {1 T \E T w)) (3.26)
where )
2me ‘
a="% — 7997 x107* (3.27)
he

is known as the fine structure constant.

In the more refined general quantum-mechanical consideration (see Section 3.1.4), an
orbital angular momentum quantum number, |, is introduced, which is analogous to

the azimuthal quantum number k in the Bohr-Sommerfeld model. More specifically,
l=k-1(=0,1,2,..,n - 1). (3.28)

3.1.2 Space quantization

Because an atom is three-dimensional, another quantum number is needed to de-

scribe the orientation of an electron orbit in three-dimensional space. If there is

no reference direction in the system, identical orbits with different orientations will

have the same energy, i.e. they will be degenerate. If there is a reference direction
such as that introduced by a magnetic field, some or all of the orientations will have

different associated energies (e.g. the Zeeman effect).

The orbital angular momentum of the electron is described by a vector L with
magnitude v\/mﬁ-_l)li which is perpendicular to the orbital plane (e.g. Beiser 2003,
p. 209). The only allowed orientations of the electron orbit are those for which the
projection of L onto the reference direction has the value m; /i, where m, is an integer
called the magnetic quantum number. The space quantization for [ = 2 is shown in

Fig. 3.2, which also illustrates that m; will be limited to values of
my =0,%1, .., +l. (3.29)

This result also follows more formally from quantuin mechanics. There is no as-
sociated quantization in the other angular coordinate, as L will precess about the
reference direction. In the presence of a magnetic field, the precession frequency will

be the Larmor frequency v, = 1.400 x 108 B Hz, with B the magnetic field strength
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Fig. 3.2: (a) Allowed orientations of the orbital angular momentum vector L in 3 dimensions
for | = 2. L constantly precesses about the reference direction. (b) Section in 2 dimensions,
illustrating associated values of m;. (c) The precession of the orbit with normal vector L
about the reference direction. (Adopted from Beiser 2003, p. 211-212, Fig. 6.4, Fig. 6.5(b)
and Fig. 6.6.)

in gauss.

3.1.3 Electron spin

In addition to orbital motion about the nucleus, the electron also spins about its
axis. The spin angular momentum of the electron is also quantized and is de-
scribed by a vector S with magnitude \/mh and direction parallel to the spin
axis (e.g. Beiser 2003, p. 230), where s = 1 for an electron. Analogous to the
space quantization of the orbital angular momentum, the space quantization of the
electron-spin is described by the condition that the projection of S onto the reference
direction must have the value mg#, where m; can be equal to either +% (spin-up)

or —% (spin-down). The number my is called the spin magnetic quantum number.

3.1.4 Wave and Quantum Mechanics

‘The Bohr-Sommerfeld model is quite successful in describing hydrogen and hydrogen-
like atoms, but it is not efficient in describing more complex. many-electron atoms.
It became clear in the 1920’s that the behaviour of an atom is better described by

wave and quantum mechanics.

De Broglie suggested that particles could behave like waves. The wave nature of an

electron orbiting the nucleus can thus be described by the de Broglie wavelength of
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the electron, which is given by A = h/mv, or, by substituting v from Eq. (3.2),

h T
A=—,/ . 3.30
e\ Zme ( )

The only allowed electron orhits are those cou-

stituting of an integer number of de Broglie wave-
lengths (e.g. Beiser 2003, p. 132), creating a

standing wave, 1.e.

nA = 27, . (3.31)
Fig. 3.3: The standing de Broglie
Remarkably, combining Eq.’s (3.30) and (3.31) yave of an electron in an allowed
yields exactly the same expression for 1 as the circular Bohr orbit. (Adapted from
one predicted by Bohr, given in Eq. (3.3). The Kitchin 1995, Fig. 2.2.)
Bohr orbits can now be visualised as those con-

taining a standing de Broglie wave, as illustrated in Fig. 3.3.

The quantum numbers discussed so far also arise quite naturally from a quantum-
mechanical analysis, where Schrédinger’s wave equation is solved for an electron in a
hydrogen-like atom. The results are only summarized here; for a detailed discussion,
see Beiser (2003, Chapter 6).

The Schrédinger wave equation for a particle with wave function ¥(r,t) is given by

PW(r,t)  PU(r,t)  PU(r,t) 1 PVU(r,¢t)
=2 -0 32
N R R T (3:32)

The square of the absolute magnitude of the wave function, i.e. |[¥[? = ¥*, relates
to the probability of finding the particle at the position r = (2,y,z) at time ¢
(e.g. Beiser 2003, p. 162)!. Therefore, instead of the fixed orbits described by the
Bohr-Sommerfeld model, we now have a function quantifying the electron’s position

in terms of a probability. The solution to Eq. (3.32) can be written in the form
W(r, t) = pe 2N (3.33)

where ¢ is time-independent and only depends on position. It can be shown that
1) 1s separately dependent on functions of each of the polar coordinates r, 8 and ¢,

and can therefore be expressed as

4 = R(r)0(0)d(4) . (3.34)

"To be precise, the quantity |¥|*> = ¥ represents the probability density constraining the

electron’s position at (z,y, 2,t).
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The time-independent form of the Schrédinger equation for a hydrogen-like atom

can then be written in the following form:

sin®f d [ 5dR N sinf d [ . ) de N 2l sin? 6 [ Ze? B 1 d2
— T — _— Sin ¢ ——- _— — " = — .
B ar \| ar o a0 \"" s 2 - T dg?

(3.35)

The two sides of Eq. (3.35) are functions of different variables and must therefore

be equal to the samne constant, which is called ’m,f. Therefore we have

TRk
(:']F + vnf(I) =0. (3.36)
Further separation of variables introduces another constant, called [(/ 4+ 1), and we
obtain i o )
1 C m
——— [ sinf— (l+1) - ——|6= 3.37
sin 4 df <51n d9> * { (t+1) sin’ 9} ( )
and I 722 ( ) .
1 d [ 5dR 2u e r+1
—— | = — | — - =0 3.
72 dr (r dr) * {17,2 ( T +E> 72 } k=0 (3:38)

The solutions to Eq. (3.36) has the form
(I)(¢) — Aeiml(p 7 (339)

provided that m; is O or a positive or negative integer (m; = 0, £1, £2, 43, )

The next equation, Eq. (3.37), has a solution only if [ is an integer and | > {my],
implying that m; =0, 1, £2,..., £l

In order to solve Eq. (3.38), E must either be positive (a free electron) or negative
(a bounded electron), specified by Eq. (3.7), which is identical to Bohr's result.
Another condition for the solution of Eq. (3.38), is that n > [ -~ 1, which implies
that { =0,1,2,...,n— L

3.1.5 Many-electron atoms

For atoms with more than one electron, the solution of the Schrodinger equation is
much more involved, and will not be considered here. See Beiser (2003, Chapter 7)
and Tennyson (2005, Chapter 4) for more information. However, the basic principle
of the quantization of electron energy according to the set of quantum numbers

discussed above, still holds.
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Description Symbol Allowed values No. of allowed values

Principal n 1,2,3,...,00 )
Orbital angular momentuin { 0,1.2,...,n-1 n
Magnetic my 0.£1.£2, ... & 20+ 1
Spin magnetic Mg :i:% 2

Table 3.1: Quantum numbers.

3.2 Quantum states and energy levels

3.2.1 The role of the quantum numbers

The four quantum numbers that have been discussed in the preceding sections are
summarized in Table 3.1. The quantum state of any electron in an atom can be

described by a set of specific quantum number values.

Instead of referring to the numerical value of the principal quantum number, the
main shells are sometimes labelled with capital letters, i.e. K, L, M, N, O, etc. cor-

responding to n-values of 1, 2, 3, 4, 5, etc. (e.g. Kitchin 1995, Section 2.4).

By convention, different values of [ are also usually indicated by a set of letters, with
the subshells s, p, d, {, g, h, i, k, ], etc., corresponding to numerical /-values of 0, 1,
2,3,4,5,6, 7, 8, etc. For example, the quantum state corresponding to n = 3 and

I =1 is called the 3p state, or 3p orbital.

According to the Pauli Exclusion Principle (e.g. Beiser 2003, p. 233),

“No two electrons in an atom can exist in the same quantum state. Each electron

must have a different set of quantum numbers n, [, m; and mg.”
Therefore the quantum numbers describing a specific electron must be unique.

In the non-relativistic case, the energy of an orbital in a hydrogen-like atom is only
determined by the principal quantum number n, and not by {, so that the energy

ordering is as follows (Tennyson, 2005, p. 55):
E(1s) < E(2s) = E(2p) < E(3s) = E(3p) = £(3d) < E(4s)... (3.40)

However, in many-electron atoms, the orbital energy does depend on (. This can
be explained by the fact that electrons in orbits with low values of | penetrate into
orbitals that are even closer to the nucleus. Because they spend more time closer to

the nucleus, their energy is lowered relative to orbitals with higher [-values in the
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Fig. 3.4: The energy sequence of quantum states in a many-electron atom {not to scale).
(Adopted from Beiser 2003, p. 246, Fig. 7.12.)

same shell, yielding a different energy ordering:
E(1s) < E(2s) < E(2p) < E(3s) < E(3p) < E(4s) < E(3d)... (3.41)

This relative energy sequence of quantum states in a many-electron atom is illus-
trated in Fig. 3.4.

From Table 3.1, it is evident that an s subshell (/ = 0) has only one allowed value
of the magnetic quantum number, rn; = 0, and therefore contains only one orbital.
Likewise, a p subshell has 3 orbitals (m; = —1,0, 1), a d subshell 5 orbitals, etc.
Each orbital can contain 2 electrons with opposite spin, yielding 2(2! 4+ 1) distinct
quantum states for a subshell with orbital angular momentum quantum number /.
In the ground state, the electrons in an atom will fil] up the orbitals from lower to

higher energy.

The distribution of electrons in an atom, referred to as the configuration, is often
expressed in a notation in which the amount of electrons in a subshell is written

as a superscript, with no superscript implying one electron. For example, carbon

v,:\\
S\ 22 O\ ©0




contains G electrons, and the ground state configuration is
; 25 2
ls225‘2p ,

while in the excited state we have

152252 2p 3p .

3.2.2 Angular momentum coupling

As discussed in Sections 3.1.2 and 3.1.3, an electron in an atom has two momentum
components: the electron orbital angular momentuin described by [, and the electron
spin angular momentum described by s. However, only the total angular momentum
of the electron is a conserved quantity. The total electron angular momentum is
denoted by j and is defined as the vector sum of [ and s {(Tennyson, 2005, p. 43),
ie.

j=l+s. (3.42)

Considering the triangulation condition for vector addition and the quantization

conditions arising from quantum mechanics, Eq. (3.42) is equivalent to
g=l-s,ll=s+1, . 0l4+s—11+s. (3.43)

In a hydrogen-like atom, the equations above are quite adequate in describing the
“coupling” of the orbital and spin angular momenta to obtain the total angular mo-

mentum, as there is only one electron.

If, on the other hand, we have a complex atom containing more than one electron,
the conserved quantity is the total angular momentum J for all the electrons in the
atom. Evidently this requires that the angular momentum values of the individual
electrons should be added together in some way. There are two quite logical ways
to achieve this: either by L — S coupling or by j - j coupling (Tennyson, 2005,
p. 59-62).

L — S coupling

In this coupling scheme, the total orbital angular momentum, L, and the total
spin angular momentum, 5, are also assumed to be conserved quantities. They
arve first calculated separately. and then vector summed to obtain the total angular

h electron

momentum, J, of the atom. If the orbital angular momentum of the *

is [;, and its spin angular momentum is s;, then L and S are calculated from the
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respective vector sums in the following way:
L= E Z,
i

and
S = E S; -
i

The total angular momentum is then

J

=L+5. (3.46)

For closed (i.e. filled) shells and subshells. L = S = 0, therefore it is only necessary to

consider electrons in partially-filled shells, which are referred to as active electrons.

J — j coupling

An alternative approach is to first calculate the total angular momentum for every
separate electron according to
Li=L+s (3.47)

and then to couple the j-values together to yield the total angular momentum for
the atom:

I=24, (3.48)

Once again, J = 0 for closed shells and subshells.

Example

Consider the second ionized state of oxygen (O III) with configuration 15225%2p3d.
The 1s% and 2s? orbitals are closed and only the 2p and 3d electrons contribute to

the angular momentum:

For the 2p electron: {4
For the 3d electron: |

Iy =h+s = 5=

Nl= Lo
[ [ I NI

Jo=lytsy = jo

= L=123,
§ : So = S=O,l

The values of J arising from combinations of the above according to the two different
coupling schemes are shown in Table 3.2. It is evident from this table that the two
approaches give rise to an identical set of twelve .J-values. However, the L — S coup-
ling scheme is actually a non-relativistic approximation, and is only approximately

accurate for atoms lighter than iron, for which relativistic effects are weak. As we
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coupling (L=L+8) || j - j coupling (L= j, +j,)

L-8§

LS J Level Jil ga J
10| 1 'PS ;|3 1,2

1| 1]012| %Py, %Ps, %P || § |3 2.3
200 2 'D3 i1 0,1.2,3
2 [ 1|1,23|°D5,°Ds,*Dg || 3| 3 1,2,3.4
310( 3 'R

3101|2341 %F3, °F3, °F

Table 3.2: Coupling of the angular momentum quantum numbers of the two active electrons
in O 1II according to the L — S and j — 7 coupling schemes.

are mostly considering lighter atoms, the L — .5 coupling scheme will suffice.

Every quantum state of an atom is identified by a specific combination of L, .S and
J. and each state defined as such is known as a level. The twelve levels of the O III
atom are also listed in Table 3.2 by making use of spectroscopic notation, which is

explained in the next section.

The consideration of the nuclear spin angular momentum 7, and the associated ly-
perfine structure in the energy levels is not discussed here. More details can be
found in Kitchin (1995, Section 3.7).

3.2.3 Spectroscopic notation

As illustrated above, atoms with many active electrons can have different energy
levels associated with a single configuration. States arising from the L — S coupling
scheme are denoted by using the spectroscopic notation system (Tennyson, 2005,
p. 62-65). According to this system, a state associated with a certain value of L and

S is called a term, and has the format

25+1L(0) )

The first superseript is known as the spin multiplicity — if the expression 25 + 1
equals 1, we have a singlet, 2 denotes a doublet, 3 a triplet, etc. In Table 3.2, there
are six different terms: three singlets and three triplets. Special care must be taken
of the Pauli Exclusion Principle when determining allowed terms when there are

open shells containing multiple electrons.

The value of L is not given as a number, but as one of the letters corresponding
to the orbital angular momentum as discussed in Section 3.2.1, only now we use

an upper case letter. This is illustrated in Table 3.2, as L-values of 1,2, and 3 are
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represented by the letters P, D and F respectively.

3

The final superscript “0” indicates the parity of the corresponding wave function.
If the sum of the [-values of all the active electrons is odd, all the levels have odd
parity and the “o” is present. If the sum is even, they will have even parity and the
‘07 is absent. It is only necessary to consider the active electrons, because closed
shells and subshells always contain an even number of electrons. In our example,

l1 + 12 = 3, which explains why all the levels have odd parity.

Terms are split into levels according to the value of J. For example, in Table 3.2,
there are three values of .J obtained from combining L = 1 and .5 = 1, yielding three
different levels. each with a subscript denoting the J-value, according to the level

notation format
25+1 r (o)
Ly’ .

In the non-relativistic case. a configuration is split into one or more terms with

different energy levels as discussed, while the levels in each term with different values

of J are degenerate. However, if relativistic effects are considered, the degeneracy
on the levels in the term is lifted and fine structure splitting occurs. Also, each level
contains 2J + 1 sub-levels called states, described by the total magnetic quantum

number, M;, with allowed values
My=-J—-J+1,.,J-1,J. (3.49)

If an external magnetic field is present. these states have different energies {(known
as the Zeeman effect).
3.2.4 Hund’s rules

The relative energy ordering of the different terms and levels according to L — S
coupling for a given configuration is governed by Hund’s rules (Tennyson. 2005,
p. 65-66):

1. The term with the largest spin multiplicity is lowest in energy.

2. For a given spin multiplicity, the term with the largest value of L is the lowest

in energy.

3. The lowest energy is obtained for the lowest value of J in the normal case
(atoms with less than half-filled shells) and for the highest value of J in the

inverted case (atoms with more than half-filled shells).

While Hund’s rules are only rigorous for ground states, they are also useful in de-

scribing the ordering of excited states.
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Fig. 3.5: Electron transitions. (Adopted from Robinson 2007, p. 28, Fig. 3.4.)

3.3 Transitions

An electron can transfer from one energy state to another, in what is called an elec-
tron transition. Four basic types of transitions can be distinguished, as illustrated
in Fig. 3.5. They are the following (Robinson, 2007, p. 27):

e In a free-free transition, a free electron absorbs or emits energy, but remains

free after the transition.

o In a bound-free transition, the electron absorbs sufficient energy to escape from

the atom and to become a free electron. This is also known as ionization.

e In a free-bound transition, a free electron is “captured” by an atom and emits

energy in the process. This is also known as recombination.

o In a bound-bound transition, the electron remains within the atom, but trans-

fers from one quantized energy level to another.

3.3.1 Ionization potentials

As mentioned above, the process of ionization refers to the absorption of a photon
by an electron bound to an atom, yielding a free electron and an ion. By convention,
Roman numerals are used to indicate the degree of ionization. Fel refers to the neu-
tral iron atom, Fell refers to Fe™ and FeXI is equivalent to Fe'%F, etc. The amount
of energy (¢;) required to ionize an atom from one ionized state to another, is known
as the ionization potential. Table B.1 in Appendix B was adopted from Allen (1964,

p. 37-40) and summarizes the ionization potentials for hydrogen to uranium up to

XII, and for magnesium to zinc up to XX. The values are given in electronvolts (eV),
where 1 eV = 1.602 x 1072 erg.




For ionization to take place, photons with energy greater than or equal to the ion-
1Ization energy is required. These photons are often associated with a local thermal
radiation field. The ionization energy ¢; (in eV) can be converted to a temperature

value by

1.602 x 1072 erg 1 .
602 x T8 2 A~ 11600 K V™! x ¢ (3.50)
1eV k

where £ is now (and hereafter) Boltzmann’s constant, not to be confused with the

T(e;) =€ x

azimuthal quantum number £ in the Bohr-Sommerfeld atomic mode] discussed ear-

lier.

Suppose that a spectrum is observed that contains lines of Fell. From Table B.1,
we see that a photon with minimum energy 7.87 eV is required to remove the outer

electron of Fe. This can be converted to a temperature value by using Eq. (3.50):
T(e;) = 11600 K eV~ x 7.87 eV ~ 91 000 K , (3.51)

which leads us to the conclusion that for thermal ionization of Fe I to Fe II, a tem-

perature of at least ~ 91 000 K is required.

A rough estimate for the temperature of the emitting region can be obtained by
equating the energy of the photons associated with the emission line to the average

kinetic energy of particles in the gas, i.e.

he 3
— = —kT . .52
3 2AT (3.52)

Substituting the constants and rearranging yields

9.590 x 10" K A
S .

T(\) (3.53)
For Ha photons, with a wavelength of 6563 A, the corresponding temperature ac-
cording to the equation above is ~ 14 610 K.

3.3.2 Bound-bound transitions

In a bound-bound transition, the amount of energy lost or gained by the electron is
equal to the difference between the two energy levels involved. During excitation,
the electron transfers from a lower energy level Ej to a higher energy level E) by
absorbing a photon with energy hv = E, — E; from an external source, e.g. a ra-
diation fleld. During the inverse process (de-ezcitation), the electron transfers from
E} to E; and emits a photon with exactly the same energy hv as the one absorbed

originally.
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Fig. 3.6: Grotrian diagram for hydrogen, indicating the first lines of the first six spectral

series, and the ionization limit of each. Wavelengths are given in Angstrom(A), where 1 A =
1071 m. The vertical axis represents the energy relative to the ground state. (Adopted
from Lang 1999, p. 130, Fig. 2.4.)

The different atomic energy levels and the allowed transitions can be summarized in
what is called a Grotrian diagram. It has already been mentioned that the orbital
energy of a hydrogen-like atom only depends on the principal quantum number 7,
therefore such atoms will have the simplest Grotrian diagrams. Fig. 3.6 represents
the Grotrian diagram for hydrogen — other hydrogen-like atoms will have similar
Grotrian diagrams, but the energy level values will of course be different according
to Eq. (3.7). For examples of more extended Grotrian diagrams related to many-
electron atoms, see Lang (1999, p. 131-140).

The transitions in an atorm are divided into different series based on the principal
quantum number of the lower level. In the hydrogen atom, some of the series have
special names. Transitions between the ground state (n = 1) and a higher level are
called the Lyman series, between 1 = 2 and a higher level the Balmer series, and
likewise for the Paschen (n = 3), Brackett (n = 4), Pfund (n = §) and Humphreys
(n = 6) series (see Fig. 3.6). Each series includes a number of transitions — in
the optical waveband, the first five lines of the Balmer series of hydrogen, denoted
by Hea, HB, Hvy, Hé and He, are of considerable importance in most astrophysical

environments.
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The emission of a single photon in an astronomical source is unlikely to be noticed,
but if many identical atoms are undergoing the same transitions, they will all emit
photons of the same energy. This means that the intensity of emission at a certain
wavelength will be enhanced relative to the surrounding continuum, and we see this
as emission lines in the spectra of certain astronomical sources. Similarly, the ab-
sorption of photons with a certain wavelength from the local radiation field by many
atoms will decrease the emission intensity at that wavelength, and this shows up as

darker bands in the continuum spectra from stars, known as absorption lines.

Although it is conceptually easier to consider the bound-bound transitions simply
in terms of electrons making a transition from one energy state to another, it is
more correct to consider a transition as the atom changing from one energy state to

another.

Selection rules

According to the above, one may be lead to expect that a bound-bound transition
can take place between any two energy levels in an atom. However, even when
considering the relatively simple case of a hydrogen atom, it can be seen that this is
not the case (Kitchin, 1995, Section 4.2). In the hydrogen atom, the possible levels
for n = 2 are

25 *Sip. 20 PPY,. 2p PPy,

and the levels for n = 3 are
35 %S12, 3p PPy, 3p ? 525 3d ™Dy, 3p D

It appears that there should be 15 different transitions for an electron transferring
from 7 = 3 to n = 2 (i.e. for the Ho emission line). However, only 7 of these do occur
in practice. The rules by which we can determine whether a transition is allowed or

not, are called selection rules.

The strong transitions between levels are driven by electric dipoles. The electric
dipole selection rules put limitations on the allowed changes of the quantum numbers

during a transition, and they are the following (Tennyson, 2005, p. 71-74):
(1) AJ =0, =1, but transition from J = 0 to J = 0 is not allowed.

(2) AM, =0,1.

(3) Parity must change (the Laporte rule).

(4) AS = OA

59




(5) Ouly one electron jumps, and
An = any
Al = =£1.

(6) AL = 0,+£1 but transition from L =0 to L = 0 is not allowed.

Rules (1) to (3) are rigorous, i.e. they must be obeyed by all electric dipole transi-
tions. Transitions obeying all of the selection rules above, are called allowed transi-

tions.

The 7 allowed transitions constituting Ha emission are:

a. 2
3s “Sy/p — 2p 2P.‘l’/.z
3s 281/2 — 2p 2P§/2
3p 2P‘]’/2 — 2 281/2
3]3 2P§/2 — 28 28]/2
3d *Dyjp = 20 Py
3d *Dyjp — 2p *P§
3p ?Dsjp — 2p *P )
Transitions that violate rules (4) to (6) are still possible, but much more unlikely.
Transitions disobeying rule (4) are called intercombination lines and they arise from
the mixing of spin states because of relativistic effects. Transitions disobeying rule
(5) and/or (6) are called forbidden transitions and are usually weaker than the in-

tercombination lines.

While not discussed in detail here, it should be noted that, apart from electric dipole
transitions, weaker transitions driven by magnetic moments and higher electric mul-

tipoles are also possible. These are also known as forbidden transitions.

Einstein coefficients

According to the selection rules above, some transitions are allowed, some are for-
bidden and some are even “more forbidden”. The allowability of a certain transition
can be quantified in terms of the average lifetime of the transition (e.g. Kitchin
1995, Section 4.3). The transition probability (expressed in s~') is the inverse of
the lifetime of the transition, and is given by the associated Einstein coefficients
(e.g. Rybicki and Lightman 2004, p. 27-33).

The number of transitions per unit time per unit volume from a higher level j to a
lower level 1 is given by
JV]'AJ‘.,; + IVijjIji . (354)
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The first term represents the contribution from spontaneous ewission. Nj is the
unumber of atoms per uunit volume in state j and Ay is the Einstein coefficient for
spontaneons cmission, which is the number of transitions per second from state j to

state 1.

The second term represents the contribution from stimulated emission. Bj; is the
Einstein coeflicient for stimulated emission, and T 4i 18 the intensity associated with
the external radiation field with appropriate wavelength to induce the transition

from state j to state i.

The number of transitions from level i to j caused by the absorption of photons with

appropriate wavelength from the external radiation field, is given by
NiB;;1;; (3.55)

where B;; is the corresponding Einstein coefficient for photoabsorption. There-
fore, for every possible transition in the different atoms and ions, there exists
an Einstein coefficient describing the probability of that transition occurring. A
database of transition probabilities is available on the website of the National Insti-
tute of Standards and Technology (NIST) at http://physics.nist.gov/cgi-bin/
ASBibl/TransProbBib.cgi (Kramida and Fuhr, 2011). The NIST website also pro-

vides atomic and molecular energy levels and transition wavelengths.

3.4 The significance of the line profile

The preceding discussion of energy levels and transitions related to the formation
of spectral lines, creates the perception that a certain spectral line will have a very
specific wavelength and that it will in fact show up as an infinitely thin spike on an
intensity versus wavelength diagram. However, it is quite obvious from any spec-
trum that each spectral line has a non-zero width, forming a more or less V-shaped
structure, which is called the line profile. Such broadened profiles are shown in
Fig. 3.7.

The intensity contained in a broadened spectral line is described by a convenient

measure called the equivalent width which is defined as (e.g. Allen 1964. p. 164)

Wy, = / <1 - i) dh (3.56)
. Cax

where I is the line intensity and C)\ the continuum level at wavelength . According
to this definition. the equivalent width will be positive for an absorption line and

negative for an emission line. In a more practical sense, consider a rectangle with
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Fig. 3.7: The equivalent width and FWHM of an absorption line and an emission line. The
shaded areas are all equal. (Adapted from Robinson 2007, p. 54, Fig. 5.3.)

height equal to the mean background-subtracted continuum at the line position.
The width of this rectangle with area equal to the area contained in the spectral line

itself, is the equivalent width of a spectral line. This concept is illustrated in Fig. 3.7.

Theoretically, the equivalent width is independent of exposure length and spectro-
graph properties, as it is normalized to the continuum, but practical considerations
can lead to ~ 10% differences for different instruments (Kitchin, 1995, Section 13.4).

The equivalent width is often expressed as the dimensionless quantity W = Wy /A.

The width of a spectral line is usually described by its width at half its peak in-
tensity. This is called the full width at half mazimum (FWHM) or the holf-width
(AA;j2) of the line, and is indicated for both lines in Fig. 3.7.

The widened shape of the spectral line is primarily the result of processes taking
place in the source itself. By analysing line profiles, a wealth of information can be
extracted related to the fascinating physical processes inherent to the source. In this
section the different broadening mechanisins contributing to the shape of a spectral

line will be discussed.

3.4.1 Natural line broadening

In spite of (and not contradicting) the quantized nature of the energy levels in
an atom, the energies associated with energy levels are not precisely determined,
but spread over a small energy range AF (e.g. Peach 1975). This is explained by

referring to the Heisenberg uncertainty principle, which can be written in terms of
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energy and time as
h .
AEAt > 3’ . (3.57)

This means that the product of the uncertainty in energy and the lifetime of a en-
ergy level has a certain minimum value. Therefore, in a transition between two such
“fuzzy” energy levels, the energy change will still be associated with a photon with
precise wavelength, but photons arising from many of these transitions will have
slightly different wavelengths, causing the spectral line to have a slightly widened

profile.

Consider a collection of atoms in which the number of atoms in state J at time ¢
is denoted by IV;(t). The probability that a spontaneous transition from state 7 to
another state will take place in a time dt is given by v;4dt. The rate v; is often called
the level’s damping constant and represents the total number of transitions per unit

time from state 7 to all available lower levels n and all available higher levels m, i.c.

Y = Z Ajn + Z Bjn[jn + Z BijjM (358>
n ki m.

(refer to the discussion of Einstein coefficients in Section 3.3.2). It can be shown

that the number of atoms in state j at time ¢ relates to the number of atoms at

t =0 in the following way:
N;(t) = N;j(0) e™ " (3.59)

In an atomic transition from level j to level i, an electromagnetic wave is emitted
with amplitude
J(t) = f(0) etosit=0rii/ Dt (3.60)

which represents a wave with decaying amplitude, where wy; is the associated an-
gular frequency. Because two levels are involved during the transition, the effect of
the damping constants of both levels are included by using the combined damping

constant v;; = v; + .

The wave in Eq. (3.60) consists of a multitude of separate monochromatic waves
with slightly different angular frequencies w distributed about the central angular fre-
quency, wj;, and this distribution can of course be described by the Fourier transform
F(w) of Eq. (3.60). The corresponding energy spectrum is given by (1/2m)| F(w)]?.
For an ensemble of atoms that are emitting photons at random phase, the spectrum
of the ensemble is proportional to that of a single emitter. Then it can be shown

that the line profile is

(3.61)




which is in the form of a Lorentz profile describing the intensity spread for frequencies
about the central frequency, vj;. It can be readily deduced from Eq. (3.61) that the
FWHM of the line profile is given by 4

Avyg =2V —vj) = ;% . (3.62)

In a classical approximation. the damping coefficient for a classical oscillator,

871'2(321/]2,[: .
T= 3mecd (3.63)

can simply be substituted into Eq. (3.62) (e.g. Kitchin 1995, Section 4.4.1). Because
AN = —¢/v?Av, the FWHM in wavelength termns is then

2

~ 0.000118 A | (3.64)

dme
FWHM = 3 5

MeC
which is of course a constant, and this means that all naturally broadened lines
have the same wavelength width, which is very small. Even though the more accu-
rate quantum mechanical consideration introduces a dependence of the FWHM on
the line identity, these values are also very small in most cases — in fact, natural
broadening is usually completely overpowered by other broadening mechanisms and

is often safely negligible in observational astronomical spectroscopy.

3.4.2 Pressure broadening

Because atoms consist of positive and negative charges, any atom will have an elec-
tric feld associated with it. When there is a close encounter or “collision” between
different atoms or ions, they will perturb each other’s electric fields and the energy
levels of the atoms will be disturbed. This can cause a transition between two energy
levels to be associated with a wavelength that is slightly shifted from the expected
value, and the spectral line arising from emission or absorption by many such dis-
turbed atoms will have a broadened profile. This is known as pressure broadening
(e.g. Robinson 2007, p. 61).

J. Stark suggested that the electronic vibrations of a radiating atom can he perturbed
by the presence of neighbouring charges, and this was confirmed when the splitting
of spectral lines into mudtiple coruponents under the influence of a strong clectric
field was observed (see Struve 1929 and references therein). In a gas or plasma with
many positive ions and free electrons, the distances from each perturbed atom to
the neighbouring charged particles are randomly distributed. This implies that the
wavelengths of the components produced by individual atoms will not be the same,

and the combination of components from a population of atoms will blend into a

continuously broadened line profile.




Pressure broadening is actually a very complex process with several possible con-
tributing mechanisms, i.e. linear and quadratic Stark broadening, resonance broad-
ening and Van der Waals interaction, but ion broadening by the linear Stark effect
is the most important effect for hydrogen lines in the optical waveband (Lang, 1999,
p. 188-196). However, electron broadening will also play a role, especially where the

transitions involve levels with large principal quantum numbers.

When considering the influence of nearby charges on an atom, either the quasi-static
or the impact approximation is often used. According to the quasi-static approxi-
mation, the charged particles move slowly and the electric field is therefore almost
static. The impact approximation considers the atom as a radiating oscillator that
is perturbed by close encounters with nearby particles and it is assumed that these

collisions occur one at a time and are virtually instantaneous.

Vidal, Cooper and Smith (1973) provide tables of Stark broadening values for hy-
drogen. These are based on a “unified theory” for linear Stark broadening where ion
broadening is considered in terms of a quasi-static approach, and electron broadening
in terms of an impact approach near the central wavelength, and in terms of a quasi-
static approach very far from the central wavelength. A selection of these tables,
together with a description of how they should be used, are presented in Appendix C.

Consider an Ha emission line originating in a plasma with a temperature of 10 000 K.
The amount of pressure broadening for this line will be determined by the density
of the plasma. Tables C.1 to C.4 in Appendix C were used to calculate the pressure
broadened profile for the He line at four different electron densities. These profiles
are shown in Fig. 3.8. As can be expected, the width of the profile increases for

larger densities.

3.4.3 Doppler broadening

When there is relative movement between a source of radiation and the observer,
a phenomenon called the Doppler effect is introduced. When the source is moving
towards the observer, the time between successive wave fronts decreases and the
observer sees radiation with a shorter wavelength (called a “blue shift”). When the
source is moving away from the observer, the time between successive wave fronts
increases and the result is that the observed wavelength is longer (called a “red
shift”) (e.g. Robinson 2007, p. 46).

It is important to note that only motion directed along the line of sight — named

radial motion — will introduce a Doppler effect, while motion perpendicular to the
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Fig. 3.8: The Ha line profiles for T = 10 000 K at electron densities 10'3 cm~3, 10*4 em™3,
1015 cm—3 and 10%% cm—3 respectively, compiled from the tables of Vidal et al. (1973). AX
represents the distance from the central wavelength, 6562.82 &, while S(A\) represents the

intensity. For display purposes, the area under each curve is equal to the magnitude of its
corresponding electric field strength F (see Appendix C for more details).

line of sight will have no effect on the perceived wavelength. The Doppler formula
relates the relative radial velocity v between the source and observer to the shift
from the rest wavelength A or the rest frequency vp:

A _ Ay
oV

v

where AX = A — Ao, with A the apparent wavelength, Av = v — 1y, with v the
apparent frequency, and c is the speed of light. For motion away from the observer,
v is positive; for motion towards the observer, v is negative. The simple equation
above is only valid for non-relativistic speeds; if v is comparable to c, the relativistic
Doppler formula should be used:

AN 1+v/c

A . A |
Ao /1+02/c?

Analysis of the Doppler effect is an immensely powerful diagnostic tool in astro-

(3.66)

nomical spectroscopy, as it relates to various physical phenomena in astronomical

sources.

Thermal broadening

The atoms or ions in any emitting source with temperature above absolute zero are in
constant thermal motion. Thermal broadening is one of the broadening mechanisms
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contributing to the spectral line profile, and is caused by the radial components
of the movement of the emitting atoms. The velocity distribution of a population
of atoms with temperature T is described by the Maxwell distribution (e.g. Peach
1975),

1
Fv)do = (%) 2 gmmv/2T gy (3.67)

with m the mass of a single particle with most probable speed /2kT/m. By means of
Eq. (3.65), it is quite straightforward to rewrite Eq. (3.67) as a function of wavelength
in the following way:

2 \3
f(X)dr = (%) e~ M (A=20)? /2T gy (3.68)
T 0

This represents a Gaussian distribution (e.g. Kitchin 1995, Section 13.7.1) with
intensity profile

I(A) = I(Ag)e ™" A=20)* /24T AG (3.69)
and
FWHM = SkTI;‘?‘ Ao . (3.70)
mc

If thermal broadening is the only broadening mechanism present, the associated
spectral line will therefore have a Gaussian profile with a width dependent on the
temperature of the emitting region and the rest wavelength of the line. The depen-
dence on the mass (inertia) of the atoms implies that thermal broadening will be

smaller for larger atoms.

To calculate the thermal broadening for an Ha line (A9 = 6562.81 A) produced in
a plasma with temperature 10 000 K, we substitute these values into Eq. (3.70)
together with the mass of a hydrogen atom (i.e. the proton mass mp), to obtain
FWHM = 0.47 A. This can be verified by plotting the corresponding normalized
gaussian profile, given by the dashed curve in Fig. 3.9.

By convolving this thermal profile with the Stark profile for N, = 10 cm™3 in
Fig. 3.8, the solid curve in Fig. 3.9 is obtained. The FWHM of the convolved
profile is 0.52 A, slightly larger than the 0.47 A for the pure thermal profile. Tem-
perature broadening is clearly much more prominent than pressure broadening if

N, ~ 10 c¢cm™3 for the plasma described above.

The convolution of a 10 000 K thermal profile with Stark profiles at different electron
densities for the Ho and HB lines were also obtained from the tables of Vidal et al.
(1973) in Appendix C, and the resulting profiles are shown in Fig. 3.10. It is evident
that pressure broadening is more pronounced for H3 (and also for higher Balmer
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Fig. 3.9: Ho profiles for pure thermal broadening (dashed curve, FWHM = 0.47 A) and for
thermal broadening convolved with Stark broadening for electron density 10** cm™3 (solid
curve, FWHM = 0.52 A) according to the tables of Vidal et al. (1973) (Table C.2). The
area under each curve is normalized to 1.

lines) than for He.

Turbulent broadening

Large-scale motions of atoms arising from turbulence in the source, also causes
Doppler broadening of spectral lines. This includes the movement of convective
“blobs” inside the source. Like thermal broadening, turbulent broadening is also
associated with a Gaussian profile (e.g. Kitchin 1995, Section 13.7.2), but the most
probable speed of the thermal motion is replaced by an average turbulent velocity
vr. The profile due to turbulence is then

I(A) = I(Mg)e SO0 /028 (3.71)
with
4v2.1n2
FWHM = 1/ =522 X . (3.72)
(&

For an average turbulent velocity of 2 km.s™}, the FWHM of an He line will be
0.07 A, and the FWHM of an Hp line, 0.05 A. The combined profile of the two
Gaussian profiles arising from temperature and turbulent broadening is just a third

Gaussian profile with

4(2kT/m +v2) In2
2

FWHM = \/ Ao - (3.73)
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Fig. 3.10: A T =10 000 K thermal broadening profile convolved with pressure broadening
profiles at different electron densities (10'3 cm™2, 10** ¢cm™3, 10%® cm™2 and 106 cm™?) for
Ho (top) and HB (bottom). For display purposes, the area under each Ho curve is normalized
to 1, while the area under each Hf curve is equal to the magnitude of the corresponding
electric field strength Fy. The FWHM of each profile is also indicated. (Compiled from the
tables of Vidal et al. 1973 in Appendix C.)
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Stellar rotation

Rotation is an inherent property of many astrophysical environments, and photons
emitted from different regions of the source will therefore be Doppler shifted by
different amounts, depending on the radial component of the rotational velocity at
every point. Because we usually observe a source as a point object, photons from
different regions will be observed simultaneously, and the observed spectral line will
have a broadened profile (e.g. Kitchin 1995, Section 13.7.4).

For example, a rotating star with equatorial velocity ve will have a projected equato-
rial velocity of v, sini along the line of sight to the observer, where i is the inclination
of the rotational axis, i.e. the angle between the axis and the line of sight. It can be
shown that the radial velocity of any point on the star’s surface is proportional to
the distance of the point from the axis, and that the line profile is given by

_ 02(/\ - )\0)2]1/2 , (3_74)

T) = I{%) [1 (ve sin 1)\

which is a semi-elliptical profile. The base width of the line is 2veAgsini/c, and the
full width at half maximum is

FWHM =

____\/Evzsm o (3.75)

Expansion, contraction and stellar winds

The radial movement resulting from the radial expansion or contraction of a star can
also result in Doppler-broadened spectral lines (e.g. Kitchin 1995, Section 13.7.5).
For example, novae and supernovae have monotonically expanding surfaces during
their explosive phases, while some protostars may have monotonically contracting
surfaces. Cepheids, on the other hand, expand and contract continuously. Also,
stars often lose mass in the form of stellar winds blowing from the surface. These
processes can be very complex, and individual models should be used for an accurate
description of the associated spectral lines. However, the spherically symmetric case

is considered below as an idealized example.

In a shallow (i.e. very thin in comparison with its extent) absorbing or emitting
region, the broadened spectral line can be described by the simple triangular profile

I(A) = I(o) [1 - C)‘O/\; ’\] , (3.76)

up to the maximum wavelength shift AgV/c, where V' is the expansion or contraction
velocity. C is a constant appropriate to the star being considered. The full width
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Fig. 3.11: P Cygni line profile. (Adopted from Kitchin 1995, Fig. 13.9.)

at half maximum of the profile is

FWHM = % . (3.77)

However, for stellar winds and many other expanding sources, the thickness of the
region is significant compared to its extent. The line shape is then still more or less

triangular, but the wings now have a parabolic form, and the profile is now given by

{1—0(%;—*)2} for A>,\0< v - )
{1—(; —1) [1-0(%%)2” for /\5/\0< " 1—;)

(3.78)
where rg and r; are the inner and outer radii respectively of the absorbing or emit-

k=i

~
— o

I(A) = I(%)

?

} 5o
L:Tw

[<I%
=

ting region around the source.

In regions that accelerate as they are expanding, emission may come from the inner
parts, while absorption takes place in the outer regions. This results in an absorption
feature on the short wavelength side of the emission line, and this is known as a
P Cygni profile (see Fig. 3.11).

Collimated outflows

Various astronomical objects, for example active galactic nuclei and other accreting
compact objects. lose mass by collimated outflows or “Jets”. by which a collimated
stream of material is ejected from the system. If such an outflow has a velocity
component along the line of sight, emission or absorption associated with material
in the jet will also be Doppler shifted. In order to predict the corresponding effect
on the spectral line shape, various parameters of the individual object have to be

considered first, e.g. the angle of the outflow to the line of sight. the opening angle
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Fig. 3.12: The average blue spectrum of RX J0513.9-6951 at a resolution of 1.3 A. (Adopted
from Southwell et al. 1996, Fig. 1.)

and velocity distribution of the jet itself, and the possibility that part of the jet
may be obscured by other parts of the system. If the radial component of the jet
velocity is very small, one may expect a slight Doppler shift just contributing to the
broadening of the spectral lines. For jet velocities with a large radial component,
the emission or absorption features associated with the jets may be completely sep-

arated from the main or central emission line.

Evidence of bipolar outflows have been found in several supersoft sources (Cowley
et al., 1998), one of them being the LMC supersoft source RX J0513.9-6951. Fig. 3.12
shows the average blue spectrum of this source, taken by the 3.9-m Anglo-Australian
Telescope at Siding Spring at the end of November 1994 (Southwell et al., 1996).
The presence of blueshifted (S~) and redshifted (S*) “satellite lines” on either side
of the H3 and He II \4686 lines are interpreted as high-velocity components of the
respective lines which are associated with bipolar jets in these systems. The inferred
projected jet velocity for RX J0513.9-6951 is ~ 3800 km.s~'.

Accretion disc line profile
Another very interesting broadening mechanism associated with disc-accreting sys-
tems is the characteristic line profile arising from the Doppler shift of emission from

a rotating accretion disc. In a previous section, the line broadening due to stellar
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Fig. 3.13: (a) Top view of idealized rotating accretion disc, with constant radial velocity
enrves indicated. (b) The resnlting double-peaked line profile. Shaded areas indicate which
part of the disc produces which part of the profile. (Adapted from Robinson 2007, p. 112,
Fig. 9.5, after Horne and Marsh 1986, Fig. 1.)

rotation was discussed, and by a similar argument, the emission from a revolving
accretion disc should also yield a broadened spectral line. However, the geometry of
a disc is very different from that of a star, so the broadened profile due to the disc

can be expected to be very different from that associated with a rotating star.

In fact, apart from being considerably broadened, emission lines originating from
accretion discs often have a double-peaked structure and quite broad wings (see
Fig. 3.13(b)). Robinson (2007, p. 107-117) provides an overview of a basic model
compiled by J. Smak which explains the structure of the double-peaked profile
(Smak, 1969), and also mentions the refinements of K. Horne and T. Marsh on
this model (Horne and Marsh, 1986).

In Smak’s model, it is assumed that the accretion disc is optically thin and that
emitting material is evenly distributed throughout the disc. It is also assumed that

the orbital motion of the disc material about the primary object is Keplerian.

Consider an accretion disc that is being viewed at an inclination of 90, i.e. “edge-
on”. For the moment, we will consider the rotational disc broadening to be the only
relevant line broadening mechanism. Emission from disc material moving perpen-
dicular across the line of sight (on line AB in Fig. 3.13) will of course not be Doppler
shifted, and is represented by the central reversal region at the rest wavelength of
the line. Emission from material moving towards or away from the observer (across

CD) will be blue shifted or red shifted respectively.




However, the material crossing CD will not all have the same speeds; material to-
wards the outer edge will move slower than material at the inner edge of the disc.
In fact, the points on the disc’s inner edge, closest to the primary star, will have the

highest radial velocity and represent the outer wing limits of the line profile.

For such an optically thin disc. we can consider the intensity of the line profile at a
certain Doppler shift from the rest wavelength as being proportional to the number
of emitters in the disc material that are moving at the associated radial velocity.
Thercfore we can gain some insight in the form of the profile by investigating “con-
tours” of constant radial velocity on the disc. If we should start at the point C
and move counterclockwise, the Keplerian velocity will stay constant, but the radial
component will decrease, therefore points with radial velocity equal to that of C,
should be closer to the centre, like point E. In this fashion, a map containing an
infinite amount of constant radial velocity curves can be created. Some of these
curves are shown in Fig. 3.13(a), and the pattern created represents that of a dipole
field.

Thus, emission from all particles along one of the curves will produce a single point
on the line profile. The longest lines represent the blue and red peaks. Fig. 3.13

illustrates which parts of the disc produces what part of the profile.

However, the assumption of evenly distributed material is not entirely realistic, as
the inward spiralling of material actually causes the density closer to the central star
to be higher. This will cause the intensity in the wing regions of the profile to be

enhanced.

Horne and Marsh refined Smak’s model by considering the potential absorption of
an emitted photon in an optically thick disc. For such a photon to be absorbed,
the relative velocity of the absorbing atom relative to the emitting atom must be
zero, otherwise the photon is “seen” to be at a wavelength differing from the rest
wavelength. By simply considering the different relative velocities encountered by
photons emitted at different angles, it is found that a photon has the greatest chance
of escaping an optically thick disc if the angle of emission is 45° measured from the
disc radius drawn through the emitting atom. The effect of this refinement to the
line profile shape is to change the form of the central reversal more to a “V”-shape

from the “U”-shape predicted by the Smak model.

So far, our discussion only considers a symmetrical disc, and therefore equal intensi-
ties of the two peaks. Asymmetrical features like one or more “hot spots” where the
material transferred from the secondary hit the accretion disc rim, will obviously

change the profile shape and the relative heights of the two peaks.
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Fig. 3.14: Accretion disc emission line profiles for different inclination angles. (Adopted
from Robinson 2007, p. 113, Fig. 9.6.)

For inclinations smaller than 90°, the rotational broadening effect will be similar
but diminished, as the radial component of the disc rotation will be smaller. This

is illustrated in Fig. 3.14. If we view the accretion disc face-on (at an inclination of

0°), the rotation will essentially have no radial component or broadening effect.

However, depending on the nature and inclination of the disc and of course the
spectrograph resolution, an emission line from an accretion disc may not necessarily
exhibit the double-peaked structure discussed above, but may just be considerably

broadened about the central wavelength.

3.5 Doppler shift of central wavelength

Apart from the numerous phenomena that introduce broadening of a spectral line
due to the Doppler effect, the movement of the source as a whole relative to an
earthly observer will obviously cause a Doppler shift as well. This can be observed
as a shift of the whole spectral line, and can be quantified in terms of the shift of the
central wavelength of the line from the rest wavelength Ag. The shift in the central
wavelength depends on the radial velocity through the Doppler formula Eq. (3.65),

regardless of any broadening that might also be present.

The radial velocity of the centre of mass of a system relative to the Sun is called its
systemic wvelocity. Any astronomical system will thus have an associated systemic
velocity Vg, cansing the central wavelengths of all the spectral lines from that system
to be shifted by AN = A\gVy/c.

The significance of the radial velocities measured from central line wavelength shifts
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for the two components of a binary system was already discussed in Section 2.1,
where it has become evident that such measurement can play a key role in quanti-

fying the characteristic parameters of a binary system.

Having reviewed the basic properties of accreting binary systems in the previous
chapter and the fundamental principles applicable to spectroscopy in this chapter,

we will now continue to a discussion of the general properties of supersoft X-ray

sources as a class of objects.




"Chapter 4

Supersoft X-ray Sources:

General Characteristics

Supersoft X-ray sources (SSS) are a class of highly luminous astronomical sources,
with bolometric luminosities ~ 10%¢ — 1038 erg s=', which are near the Eddington
limit for a solar-mass object. They are characterized by the emission of X-rays in
the 0.1 — 2 keV band; in fact, > 90% of the source photons (without interstellar
absorption) have energies below 0.5 keV (e.g. van Teeseling 1998). and effective
temperatures range between ~ 15— 80 eV. They were first discovered in the Magel-
lanic Clouds due to the low interstellar absorption in the direction of these galaxies,
and their proximity. The supersoft sources CAL83 and CALS87 in the Large Magel-
lanic Cloud (LMC), and 1E 0035.4-7230 and 1E 0056.8-7154 in the Small Magellanic
Cloud (SMC) were already discovered around 1980 with the Einstein satellite (Long,
Helfand and Grabelsky, 1981; Seward and Mitchell, 1981). They were only estab-
lished as a distinct class of objects during the all-sky survey of the ROSAT satellite
in 1990-1991 (Triimper et al., 1991), during which several new SSS were discovered,

and the subsequent pointed ROSAT observations.

The approximate known populations of SSS are as follows: ~ 15 in the Milky Way,
18 in the LMC (Kahabka et al., 2008), 6 in the SMC and 120-160 in about 20
external galaxies (Kahabka, 2006). The small number of observed SSS in the Milky
Way is ascribed to the high degree of interstellar absorption of supersoft X-rays in

the galactic plane.

4.1 The primary star — an accreting white dwarf?

Because of the similarities of their spectra to those of low-mass X-ray binaries, it
has initially been suggested that SSS may be accreting black hole (Cowley et al.,
1990; Smale et al., 1988) or neutron star systems (Greiner, Hasinger and Kahabka,
1991; Kylafis and Xilouris, 1993). However. these models present several problems,

as pointed out by van den Heuvel et al. (1992).
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Although black hole systems such as Cyg X-1 and LMC X-3 do have soft X-ray
spectra. their effective temperatures are still in the range of a few keV, which is
higher than required for SSS. Greiner et al. (1991) explained the supersoft emission
as originating from a neutron star accreting matter at very high rates, yielding an
accretion luminosity at or above the Eddington limit. This would cause the for-
mation of a dense cocoon of ionized material around the neutron star, causing the
X-ray spectrum to become softer as the photospheric radius expands. However, one
of the difficulties of this model is that a column density high enough to quench the

X-ray Hux is expected to exist at super-Eddington accretion in a nentron star system.

The luminosity, radius and effective temperature of a star are related by the Stefan-
Boltzmann law (see Section 2.7.2). Typical values of the intrinsic luminosity and
effective temperature for SSS are L ~ 3 x 10%7 erg s™! and kT ~ 40 eV. Sub-
stituting these values into Eq. (2.112) yields radii that are typical for white dwarfs
(R ~ 10° cm), leading to the conclusion that the X-rays are produced by accretion
onto a white dwarf (e.g. Kahabka and van den Heuvel 1997).

A white dwarf (WD) would have to accrete matter at a rate of ~ 2 x 107¢Mg yr™!
to produce such a high accretion luminosity. However, it can be shown that the
nuclear fusion of an amount of material on a white dwarf yields about 30 times
more energy than the accretion energy that is released when the same amount of
material is accreted onto the white dwarf. Therefore, if nuclear fusion is present, the

accretion rate required to produce the observed luminosity is substantially reduced.

Van den Heuvel et al. (1992) showed that the supersoft emission can be explained
by steady nuclear burning of accreted hydrogen on the surface of a white dwarf with
mass between 0.7Mg and 1.2Mg (see also Iben 1982). This requires mass transfer on
a thermal time-scale by Roche lobe overflow from a close main-sequence companion
that is more massive than the white dwarf (1.5 — 2.0M ), yielding ¢ > 1. This is
the close binary supersoft source or CBSS model. The accretion rate required to
sustain the steady nuclear burning is ~ 1 — 4 x 107" Mg yr~".

There is evidently some similarities between the CBSS model and those of the cata-~
clysmic variable (CV) class of objects, with the important difference being that, in
CV’s, the mass ratio ¢ < 1, and the mass transfer rate will be too low to sustain

steady hydrogen burning.

Although the high white dwarf masses inferred for many SSS seem to suggest that

they contain O-Ne-Mg white dwarfs, this does not have to be the case; they may

have started out as C-O white dwarfs, gaining mass through accretion (see Kahabka
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and van den Heuvel (1997) and references therein).

4.2 Nuclear H-burning as a function of accretion rate

When an envelope of hydrogen-rich material is accreted onto a white dwarf, nuclear
fusion can be ignited if the critical envelope mass Avngi is reached, which can sus-
tain the temperature and pressure conditions that are required for nuclear burning
by the CNO cycle (i.e. T" ~ 10° K and P 2> 10*8~10%0 dyne cm™~2) (Fujimoto, 1982).
The value of A decreases with increasing WD mass and increasing accretion
rate (Prialnik and Kovetz, 1995). The higher the accretion rate, the less violent the
induced outburst will be, and steady nuclear burning can occur if the accretion rate

is similar to the rate of nuclear burning, i.e. M ~ 175,¢.

In fact, there are three different regimes when considering the response of a white
dwarf to accretion — unstable nova shell outbursts for low accretion rates, steady
nuclear burning for intermediate accretion rates, and some of the accreted matter
blown off in an optically thick accretion wind for very high accretion rates. These
three regimes are illustrated for different WD masses in Fig. 4.1, and in Fig. 4.2 the

positions of the corresponding white dwarfs on the HR diagram are indicated.

4.2.1 Low accretion rate

For material consisting of 70% hydrogen (X = 0.7), the boundary between stable

and unstable nuclear burning is given by (Hachisu and Kato, 2001)

Mwp
Mo

Msteady = 3.7 X 1077 < - 0.4> Mg yr=t | (4.1)
and is represented by the lower horizontal line in Fig. 4.1. No steady hydrogen burn-
ing takes place for 1 < rigeady, but nova outbursts are triggered by unstable shell
flashes. This is represented by the dotted lines in Fig. 4.2. For accretion rates below
0.257g4eady: all accreted matter will be blown off during a nova outburst (Kahablka
and van den Heuvel, 2006).

The basic evolutionary stages of a nova outburst are shown in Fig. 4.3. The time-
scale of the evolution is. however, very different for different novae. with a higher WD
mass ylelding faster evolution. In the presence of an optically thick wind, supersoft
X-rays will not be observed due to absorption by the wind. Therefore, theoretically,
all novae will become supersoft sources after the optically thick wind has ceased, up

to when the hydrogen burning stops (Kato, 2010).
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4.2.2 Intermediate accretion rate

For X = 0.7, the onset of accretion winds is marked by the critical value (Hachisu
and Kato, 2001)

Mw D
Mo

titey = 7.6 x 1077 ( - 0.4> Mg yr~, (4.2)
which is represented by the upper horizontal line in Fig. 4.1. For myieaqy < 71 < 1iter,
steady hydrogen shell burning takes place without the formation of optically thick
winds. This leads to the formation of a persistent SSS, represented by the solid lines
in Fig. 4.2.

4.2.3 High accretion rate

When m > 1., stable hydrogen burning can take place in a thin shell around the
white dwarf, while the excess accreted matter piles up to form an extended envelope
(a so-called red giant envelope) around the white dwarf, with part of the envelope
being blown off in an optically thick wind. This is represented by the dashed lines
in Fig. 4.2. Absorption of supersoft X-rays by the optically thick winds will prevent
such a source from being observed as a SSS during such an extremely high mass
accretion phase. However, a source with such a high accretion rate may still exhibit
transient supersoft behaviour by a limit-cycle process such as that described hy
Reinsch et al. (2000).

4.3 White dwarf properties

The radius of a white dwarf is inversely related to its mass by (see Eracleous and
Horne 1996; Hamada and Salpeter 1961)

(4.3)

, —0.8
Rwp = 4.9 x 10° <MWD> .

Mo

according to which the white dwarf radius decreases with increasing mass.

However, the accretion of material onto the WD surface will cause the formation of a
hydrogen burning shetl on the WD, and this will mean that the cffective photosphere
of the X-ray source will have a larger radius than the radius of the degenerate core.
Therefore the radius inferred from a measured luminosity and effective temperature
by using the relationship in Eq. (2.112) will also include the contribution of a hydro-
gen burning shell. Using this radius to calculate the WD mass with Eq. (4.3) will
therefore lead to an underestimation of the WD mass. For SSS with stable nuclear
burning, the photospheric radius will be ~ 2 — 3 times larger than the radius of the

white dwarf alone (see Ihragimov et al. 2003 and references therein).
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Fig. 4.4: Relationship between mass and luminosity for degenerate dwarfs with H-burning
shells. The solid curve at the top is the plateau luminosity curve for cool WD’s. The dashed
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the maximum accreting WD Iuminosity that can be reached by the release of gravitational
potential energy. (Adapted from Iben and Tutukov 1996, F ig. 5.)

The relationship between the luminosity and mass of a hot, degenerate C-O white

dwarf core powered by a shell of burning hydrogen can be estimated by:

L Mwp
— = — 2 4
17 60000 < 1\/[,3, 0.5 > (4 4)

and is illustrated by the dash-dotted curve in Fig. 4.4 (see Iben and Tutukov 1996 and
references therein). This luminosity represents the “platean” luminosity, i.e. the lu-
minosity at the horizontal track for a specific WD mass in the HR diagram (Fig. 4.2).

For a He white dwarf, the relationship is described by

L oo/ Mwp\®
Zg_10 ( A ) (4.5)

during the plateau H-burning phase after its departure from the first giant branch.

This relation is represented by the dashed curve in Fig. 4.4. For thermonuclear
burning of hydrogen on a zero-temperature WD consisting of He, C and O, or O
and Ne, the following estimate (given by the solid curve in Fig. 4.4) can be used

during the shell H-burning phase after a shell flash:

L ]\/.[WD
— = - 0.2 .
T 46000< 0 6) (4.6)
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According to Iben and Tutukov (1996), SSS that are undergoing stable burning
normally have hot cores and are described quite well by Eq. (4.4). On the other
hand, white dwarfs in CV’s and symbiotic sources undergoing nova outhursts are

more likely to be old, and the approximation for a cool WD in Eq. (4.6) is more valid.

Suleimanov and Ibragimov (2003) approximated the mass-radius relation for a white

dwarf by a third-order polonomial,

Mwp Mwp\* _( Mwp\®
Ry =1.90-2.90 2.5 - 0. , 4.7
o =1.90—2.9 < i >+ 03< e ) 1,960 ( (4.7)

where Ry = Rwp/ 10° cm. They analysed the effective temperature of supersoft
sources in the region of stable nuclear burning, and suggested the following estimate

of the relationship between the effective temperature and the WD mass for a SSS:

my (my — 0.26)%2

kToy = 26 eV x ;
[1 — 1.53my + 1.33m? — 0.51m3

(4.8)

]0.5 }

where my = Mwp/Mg. The equation was derived assuming that the WD luminos-
ity is equal to one half of the plateau luminosity, and that the photospheric radius
is larger than the radius of the WD by a factor of 2(Mg/Mwp)?. However, they
note that the appropriate relation for sources accreting helow the steady-burning

rate may be more complex than the above.

Another quantity that is of importance is the surface gravity of the WD, given by

Y= GMwp

(4.9)

under the assumption that the WD can be regarded as a point mass.

4.4 SSS subclasses

Apart from the classical CBSS model of van den Heuvel et al. (1992), there are also
other classes of systems that can produce supersoft X-ray emission. Di Stefano and
Nelson (1996) considered hydrogen burning on accreting white dwarfs, and distin-
guished four basic classes: CV’s, CBSS’s, WBSS’s (wide-binary supersoft sources)
and SySS’s (symbiotic supersoft sources). This classification scheme is shown in
Table 4.1.

Even though CV’s can not be steady SSS, nova outbursts in such systems can still

bring about supersoft emission as explained in the previous section. Classical novae

(CN) are defined as systems for which only one eruption is observed. Recurrent
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Type Mass transfer ™ Py, Steady (S) / Mass ‘Well-known

mechanism (Mg yr™') (days) Recurrent (R) ejection examples
Cv Magnetic <~ 107° <~ 0.2 R Nova  Nova LMC 1995 (CN)
braking/ U Sco (RN)
gravitational SMC 137"
radiation
CBSS Thermal >~ 107" ~0.2-3.0 S Winds CAL 83
time-scale (for CAL 87
readjustment > e ) RX J0925.7-4758
of donor
<~ 1077 ~0.2x10° R. Nova
WIBSS Nuclear >~ 107" ~ 3.0 x 107 S Winds
evolution (for
of donor m > 1ier)
<~ 1077 ~3.0x 107 R Nova,
SySS Stellar >~ 107" ~ 107 S Winds RR Tel
winds or AG Dra
Roche lobe RX J0048.4-7332

overflow from
evolved donor )
<~ 1077 ~ 102 R Nova

Table 4.1: The SSS classification scheme of Di Stefano and Nelson (1996) for hydrogen-
burning C-O white dwarfs. (Adapted from Di Stefano and Nelson 1996, Table 1.)

*SMC 13 has previously been classificd as a CBSS, but is now thought that this source may
be a CV with supersoft emission from a slowly evolving nova outburst.

novae (RN). on the other hand. are defined as systems that were first classified as
CN, but were later found to repeat their eruptions (e.g. Warner 1995). Examples of
SSS exhibiting such behaviour are the CN Nova LMC 1995, and the RN U Sco.

Systems in which the donor star is initially more evolved than the donor in a CBSS,
and in which the nuclear evolution of the donor can then sustain mass transfer by
Roche lobe overflow with it in the steady burning range, are referred to as wide-
binary supersoft sources or WBSS by Di Stefano (1996), who suggests that such a
system may also exhibit SSS behaviour.

Some SSS have been identified as symbiotic systems. Symbiotic stars are interacting
binary stars with very long periods that usually consist of a hot white dwarf and a
red giant donor embedded in an ionized nebula. The nebula is produced by the ex-
citation of the atmosphere/wind of the giant by radiation from the hot white dwarf
(Miirset, Schild and Vogel, 1996). Material from the red giant is accreted onto the
white dwarf, and when a critical mass is reached, this can lead to a nova outburst.
However, nuclear outbursts in symbiotic novae last much longer than those in clas-
sical novae (McKenna et al., 1997). Symbiotic systems that have been observed as
SSS are RR Telescopii and AG Draconis in our galaxy, and the SMC source RX
J0048.4-7332 (SMC 3).

Other possible scenarios for the production of supersoft X-rays include the luminous
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nuclei of planetary nebulae (PN) — like the SMC SSS 1E 0056.8-7154 — and He
shell flashes (Kato. 1996). Before eventually becoming the nucleus of a PN, a star
can undergo a final He shell flash during the course of its evolution. Also. if part
of the accreted matter remains on the surface of an accreting WD after a nova
outburst, a layer of He “ash” can develop under the H-burning zone, and this will
grow with every H flash. Once the mass of the He layer is large enough. it can be
ignited and a He nova outburst follows. Both a “final He flash” and a He nova can
produce supersoft X-rays. Yungelson et al. (1996) also mentions systems with He
donors, as well as double degenerate systems, as SSS candidates. The LMC SSS
RX J0439.8-6809 is possibly a double degenerate source (van Teeseling et al., 1997).

4.5 The nature of the secondary star

As previously discussed, the CBSS model requires a secondary star more massive
than the WD. Such an appropriate donor should have a radiative envelope, and
should be a slightly evolved main-sequence star with a spectral type earlier than
about F5 (Kahabka and van den Heuvel, 1997). This is explained as follows: With
g > 1, the mass transfer will shrink the binary separation and also the Roche lobe
of the donor. Also, the thermal equilibrium radius of an evolved star with a He-rich
core will not shrink when mass is removed from its envelope. Therefore the Roche
lobe shrinkage will yield the donor thermally unstable, and mass will be transferred

on its thermal time-scale until it becomes less massive than the primary.

When considering SySS, there are two possibilities. Roche lobe overflow from a red
giant with a lower mass than the WD can take place due to the nuclear evolution of
the red giant. In wide symbiotic systems where the red giant is on the asymptotic
giant branch and does not fill its Roche lobe. a strong stellar wind from the red

giant can still drive mass transfer rates high enough for the system to be a SSS.

However, because the optical spectra of CBSS are completely dominated by emission
from a bright, irradiated accretion disc, the donor itself makes only a minor (~ 10%)
contribution to the optical spectrum, therefore the spectral type of the secondary can
not be directly determined (see Kahabka and van den Heuvel (2006) and references
therein). (It does appear that the donor star is strongly heated by the X-ray emission
from the WD, and therefore contributes to the reprocessing of X-ray emission to
optical flux). The exceptions on this limitation are SSS that can also be observed
in their optically faint states, like recurrent novae, where irradiation of the disc is
greatly reduced and the spectrum is dominated by the secondary. For example, the

donor of the recurrent nova U Sco has been found to be of spectral type K2 V.
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4.6 The accretion disc

Observational evidence suggests that many SSS may contain accretion discs. How-
ever, the WD luminosity due to nuclear burning is much larger than the accretion
luminosity of the disc, and some of the X-ray energy emitted by the luminous white
dwarf irradiates the surface of the disc. Therefore the main role of the disc in terms
of radiation is the reprocessing of X-rays from the white dwarf, and this greatly

exceeds the accretion energy released in the disc (Popham and Di Stefano, 1996).

Popham and Di Stefano (1996) calculated disc models and spectra for steady-burning
sources by using the so-called “slim disc” equations, which are more sophisticated
than the simple thin disc models. They included the spectrum of the white dwarf,
the spectrum of the disc with reprocessing and flaring, and also the contribution of
the heated donor (see Fig. 4.5 for some of their results). They compared the com-
bined model to the observed optical and UV fuxes for three LMC sources, CAL 83,
CAL 87 and RX J0513.9-6951, and it was found that the fuxes for CAL 83 is de-
scribed quite well with such a model. The low inclination of RX J 0513.9-6951, and
the high inclination of the eclipsing sonrce CAL 87 can explain the differences bo-

tween their observed fluxes and that of the model. for which i = 60° was used.

According to Meyer-Hofmeister, Schandl and Meyer (1997), the impact of the accret-
Ing stream of material impinging on the disc probably leads to a high rim structure
at the outer edge of the accretion disc, with a height of up to z/r = 0.4, which
corresponds to an accretion rate of ~ 2x 1077 My yr~!. This elevated rim structure
is like a huge screen, and is strongly irradiated by the white dwarf. Tt is thought that
the reprocessed radiation from the accretion disc rim can then hecome the strongest
source of optical light from the system, and this is confirmed by e.g. the light curves

of the eclipsing source CAL 87.

In cases of super-Eddington accretion, the standard disc model of Shakura and
Sunyaev (1973) no longer provides an accurate solution, and a supercritical ac-
cretion disc or “superdisc” is formed (Fukue, 2000; Fukue and Matsumoto, 2001).
In superdises, the effects of self-irradiation and self-occultation are important. and
the double-peaked profiles becore ‘asymmetric. The superdisc huninosity is also
close to the Eddington limit. The accretion rate required to create a superdisc is
titous ~ 107° Mg yr~! at the outer edge of the disc, while the typical accretion rate at
the inner disc edge in SSS is 7isi, ~ 1077 - 1078 (Kitabatake, Fukue and Matsumoto,
2002). Kitabatake et al. (2002) suggested that a radiation-driven “superwind” may
be blowing from the superdisc, in which most of the accreting material is blown

away without being accreted onto the white dwarf.
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Fig. 4.5: Comparison of model spectra with those of 3 LMC sources. The model spectra
shown are the WD spectrum (dotted curve), the disc spectrum with reprocessing and flaring
(dashed curve), the spectrum of the heated donor (dash-dotted curve) and the combination
of all 3 (solid line). The WD miass is 1.2A/p, and an inclination of i = 60° is assumed.
The other parameters for the solution are listed at the top. (Adopted from Popham and Di
Stefano 1996, Fig. 4.)

4.7 Bipolar jets

The He II \4686, Ho and Hf emission lines in the optical spectra of the sources
RX J0019.8+2156, RX J0513.9-6951 and RX J0925.7-4758 were found to have
blueshifted and redshifted satellite features (varying on time-scales of months) at
Doppler shifts of ~ 885 km s™!, ~ 3800 km s~! and ~ 5200 km s~! respectively
(see Kahabka and van den Heuvel 2006 and references therein). The satellites for
the HB and He II \4686 lines of RX J0513.9-6951 were shown in Fig. 3.12 of Chap-

ter 3. These satellite components are interpreted as bipolar jets from these systems.

The observed Doppler velocities can be compared with the escape velocity from a

) Mwp R -1 .
Vese A 5160\/% (M) km s~ , (4.10)

white dwarf,

and the terminal velocities 'ulo‘l = 3uey Of a line driven wind, and 'ugg = 0.42vq of a
radiation driven wind from the inner part of the disc. The observed bipolar jets are
explained quite well by radiation driven winds originating from the inner accretion

disc region close to a white dwarf. This is confirmed by absorption velocities from
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P Cygni structures found in the X-ray spectrum of RX J0925.7-4758. The observed

velocities also serve as further justification for the white dwarf model for SSS.

4.8 Spectral properties

4.8.1 X-rays

SSS are often approximated as optically thick blackbody emitters. However, the
blackbody fits to the X-ray spectra often predict luminosities that are above the
Eddington limit. Heise, van Teeseling and Kahabka (1994) showed that H- and
He-rich local thermal equilibrinm (LTE) white dwarf atmosphere models yield bolo-
metric luminosities below the Eddington limit, and that the predicted radii are closer
to what is expected for white dwarfs. However, for a truly adequate interpretation,
deviations fromr LTE has to be taken into account, and fully metal-line blanketed
non-LTE model atmospheres should be fitted to the spectra (e.g. Rauch and Werner
2010).

Apart from possible long-term transient behaviour, the soft X-ray light curves of
some 5SS exhibits an asymmetric modulation that is in phase with the optical
orbital light curve (Kahabka, 1996a). The observed X-ray light curves may indicate

a WD with a strong magnetic field.

4.8.2 Ultraviolet and optical

As mentioned previously, the strong UV and optical fluxes detected in SSS is ascribed
to a strongly irradiated accretion disc, with the heated side of the companion also
contributing to the optical flux (see Fig. 4.5). Balmer and He II A4686 emission lines
from the accretion disc are quite common in the spectra of SSS, and high-excitation
emission lines of e.g. C, N, O, S and Si are also observed (e.g. van Teeseling 1998).
Quasi-sinusoidal variations in the optical flux with the orbital period is observed
in most systems, while long-term variations are also detected in transient sources.
More- details on the individual spectra will be provided in the next chapter, where

the characteristics of specific sources are discussed.

4.8.3 Radio

Radio emission and X-ray emission are often found together in high-energy astro-
physical environments. While the X-ray spectrum represents thermal emission from
material at very high temperatures, non-thermal radio emission can originate from
the spiralling of electrons around magnetic field lines in the system. If the electrons
are relativistic, synchrotron emission takes place, while cyclotron emission is associ-

ated with non-relativistic electrons (e.g. Rybicki and Lightman 2004, Chapter 6).
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Source Point-source flux density (mJy)

35¢m 6.3 ¢cm 12.7 cm 21.7cm
LMC
RX J0O513-69 < 0.09 <0.09 <0.15 <0.18
RX J0528-69 < 0.09 <0.09
CAL 83 <0.12 <0.12
CAL 87 <0.12 <0.12
RX J0550-71 <0.15 <0.15
SMC
1E 0035-72 <0.12 <0.12
RX J0059-71 <0.12 <0.15

Table 4.2: 3¢ upper limits on radio emission from Magellanic Cloud SSS frommn ATCA
observations. (Extracted from Fender et al. 1998, Table 1.)

The high accretion rates in SSS imply that the accretion disc in magnetized systems
exerts a large torque on the magnetosphere of the white dwarf, which opens up the
possibility for transient non-thermal behaviour. Magneto-hydrodynamic (MHD) in-
stabilities can be expected to produce non-thermal radio outbursts as a result of

magnetospheric flares.

A radio survey of X-ray sources in the LMC and SMC (including a sample of SSS)
was performed during the period of 30 June - 13 July 1997 with the Australia Tele-
scope Compact Array (ATCA) (Fender, Southwell and Tzioumis, 1998). None of the
targets were detected as radio sources, but upper limits on possible radio emission
from these sources could be reduced. These results of Fender et al. (1998) are shown
in Table 4.2.

During radio observations with the VLA and MERLIN telescopes during 2000, two
components with a combined fAux of ~ 1 mJy ! were detected in the galactic symbi-
otic SSS AG Dra — the radio emission possibly originates from the ionized nebula
surrounding the source (Ogley et al., 2002). The galactic supersoft sources T Pyxis,
Nova Cygni 1992 and QR Andromedae were not detected.

Mereghetti et al. (2011) reported the fivst radio detection of the planctary nebula
N67 with ATCA on 30 November 2010.

The availability of MeerKAT and eventually the SKA will be extremely valuable in
studying accretion in SSS, as the high sensitivity will enable the detection of much
fainter radio signals that may originate from non-thermal emission in these sources.
The detection of non-thermal radio emission from other SSS will greatly enhance

our understanding of the role of magnetic fields in this class of objects.

1 mly =107 erg s7! em~? Hz™!
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4.9 Origin and evolution of SSS

The origin ot CBSS is closely related to that of C'V's. the difference being that the
eventual douor is more massive than the WD (Kahabka and van den Heuvel, 1997).
A schematic illustration of CBSS formation is shown in Fig. 4.6. They initially form
through common envelope (CE) evolution of wide binary systems consisting of a red
giant (on the asymptotic giant branch) with a degenerate C-O or O-Ne-Mg core and
a main-sequence star with My < 2.56M,. After the red giant engulfs the lower-mass
companion iu its envelope, the frictional drag on the orbital motion of the two stars
in the CE causes the stars to spiral in rapidly, while the envelope is expelled due to
the heat produced by friction. The binary will become a CBSS when the conlpanion

fills its Roche lobe at a later stage.

The origin of symbiotic systems is similar, but the initial orbit is so wide that the
envelope ejection and white dwarf formation of the initially more massive red giant
takes place without noticeable interaction with the companion star. Mass transfer

only starts when the companion evolves into a red giant.

Apart from the thermal time-scale evolution associated with the CBSS model of van
den Heuvel et al. (1992), an alternative evolutionary scenario has been suggested by
van Teeseling and King (1998), i.e. the wind-driven evolution of SSS with low-mass
secondary stars. They propose that the strong irradiation of the secondary star
by the white dwarf excites strong winds from the secondary, and that the consid-
erable loss of angular momentum in the wind can drive Roche lobe overflow at a
high enough rate to sustain steady or recurrent hydrogen burning in systems with
¢ < 0.7. Such a self-sustained wind-driven model is proposed for SMC 13, and also
for the LMC SSS RX J0537.7-7034 (Greiner, Orio and Schwarz, 2000).

A white dwarf is supported against its own gravitation by electron degeneracy pres-
‘sure. The maximum mass for an object supported by electron degeneracy is the
Chandrasekhar limit, which is M &~ 1.4My. When a massive accreting white dwarf
approaches the Chandrasekhar limit, the ignition of nuclear fuel in its core can
cause the white dwarf to be destroyed in a runaway explosive event called a Type
Ia supernova (SN Ia). In some other cases, the degenerate electrons of the mas-
sive white dwarf are captured by the ionized nuclei through a process known as
inverse beta decay, which involves the combination of a proton and an electron to
yield a neutron and a neutrino. The white dwarf is therefore robbed of its electron
degeneracy support before a supernova explosion cominences, and it collapses to a
neutron degeneracy supported core (i.e. a neutron star). This process is referred
to as accretion-induced collapse (AIC) (e.g. Metzger et al. 2009). Explosive nuclear

burning and electron captures are therefore two “competing” processes, and the fate
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Fig. 4.6: The formation of a CBSS through CE evolution. (Adopted from Rappaport and
Di Stefano 1996, Fig. 1.)

of the white dwart will depend on which of the two processes cornmences fivst.

Although the exact nature of the progenitor systems of SNe Ia are not yet clear, the
most popular model for SNe Ia is an accreting C-O white dwarf in a binary system,
either as part of a single-degenerate or a double-degenerate binary. In the single-
degenerate case, the white dwarf is believed to accrete mass from the companion
star until it reaches the Chandrasekhar limit and a SN Ia takes place. However, the
problem with this model is that it is not as easy as may be expected to increase the
mass of a white dwarf through accretion. For a low accretion rate, nova explosions
may eject most of the accreted material, while for a high accretion rate, most of the
transferred material can be lost through winds. For this reason, the intermediate
accretion rates in steady-burning CBSS make these objects a very promising class
as possible progenitors of SNe Ia (see the reviews of Kahabka and van den Heuvel
(1997); Podsiadlowski (2010) and references therein). The possibility also exists that
off-centre ignitions of He on sub-Chandrasekhar C-O white dwarfs (with masses in
the range 0.6 — 0.9M) can create explosions that are similar to SNe Ia. This can

occur after the accumulation of 0.15 — 0.20M;, of He through hydrogen burning —
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this is the so-called double-detonation model.

Another possibility is that supersoft sources may evolve to become cataclysmic vari-
ables. Meintjes (2002) and Schenker et al. (2002) explain the long orbital period and
short white dwarf spin period (~ 33 s) of the CV AE Aqr by the possibility that the
source has passed through a supersoft phase in its recent past. It is thought that
a significant fraction of the current cataclysmic variables may have formed in this
way. Examples of other CVs with such short spin periods indicative of extensive
spin-up of the white dwarf are V533 Her (63.633 s) and DQ Her (142 s)? (Norton,
Wynn and Somerscales, 2004).

The purpose of the basic discussion of supersoft X-ray sources in this chapter is not to
provide a comprehensive account of all the aspects of this highly multi-dimensional
class of sources, but only to provide an overview of their general properties, es-
pecially those related to binary characteristics and accretion-related phenomena.
The individual properties of the different targets that torm part of this study are

discussed in the next chapter.

2QOriginally thought to be 71 s, but shown by Zhang et al. (1995) to be twice this value, i.e. 142 5.
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Chapter 5

Supersoft X-ray Sources:

Review of Target Sample

The supersoft sources included in the observational part of this study are the su-
persoft X-ray binaries CAL 83 in the LMC and SMC 13 in the SMC, the luminous
single nuclens 1E 0056.8-7154 of the SMC planetary nebula N67, as well as the
galactic supersoft symbiotic nova RR Tel. The coordinates of these sources are
given in Table. 5.1. In this chapter, a literature review of each source is presented,
focusing only on those aspects that are considered the most relevant to the cur-
rent study. These include the nature of the compact object, as well as the binary
parameters and accretion-related phenomena as related to observable properties in

different wavelength regions.

5.1 CAL 83

5.1.1 X-ray spectra

The Large Magellanic Cloud supersoft X-ray source CAL 83 was one of the first
SSS discovered by the Einstein X-ray Observatory (Brown et al., 1994; Long et al.,
1981), and since then it has been observed by several other X-ray satellites. The soft
nature of its spectrum was confirmed by an EXOSAT observation on 18 December
1985 (Crampton et al., 1987).

Target Galaxy RA Dec

CAL 83 LMC 05:43:34.5 -68:22:18
1E 0035.4-7230 (SMC 13) SMC 00:37:19.0 -72:14:14
1E 0056.8-7154 (N67) SMC 00:58:37.1  -71:35:50
RR Telescopii Milky Way  20:04:18.5 -55:43:33

Table 5.1: Celestial coordinates of SSS that formed part of this study (epoch=J2000,
equinox=2000).




Parameter LTE NLTE

kTeg (eV) 444710 <347
Ny (10 an=2)  887HSS 6.077E0
logg 9.0 9.0

Ly (10°7 erg s™') 5817043 220

R (10° ¢cm) 1.00-1.14 21.03

A 2/DOF 1.18 1.48

Table 5.2: CAL 83 LTE and NLTE white dwarf atmosphere fit parameters for a ROSAT
PSPC ohservation. DOF is the degrees of freedom for the fit. (Adopted from Kahabka 1998,
Table 3.)

Parameter Blackbody LTE NLTE
kTg (8V) 41 +6 46.4 £ 1.4 44,052 32.6+£0.7
Nu(10®em™2) 82+l  65° 9.5493 6.5

logg 9.0 8.45

Lio (107 ergs™") 6.4£3"  2.4940.19 54438 2.3045-39
R (10° cm) 13344 0.826 £0.030  1.05£0% 1254508
XY DOF 0.71 0.76 1.02 0.76

Table 5.3: Results of spectral fits to BeppoSAX LECS data for CAL 83. An LMC distance
of 50 kpec (kiloparsec) was adopted. (Adopted from Parmar et al. 1998, Tables 1-3.)
*Fixed at the value of 6.5 x 10%® cmi~? determined by Génsicke et al. (1998a).

CAL 83 has been observed several times by ROSAT — during the ROSAT calibration
phase, during the ROSAT all-sky survey, as well as during subsequent pointed obser-
vations (Greiner et al., 1991; Kahabka, 1998; Triimper et al., 1991). Kahabka (1998)
performed fits of LTE (local thermal equilibrium) and NLTE (non-LTE) white dwart
atmosphere models to the ROSAT PSPC (Position Sensitive Proportional Counters)
data, and obtained the parameters shown in Table 5.2. The parameter Ny is the hy-
drogen absorbing column density along the line of sight, ¢ is the white dwarf surface
gravity and Lo the inferred bolometric luminosity. By using their derived value of
Ny = 6.5 x 10%° cm~2, Génsicke et al. (1998a) constrained the WD luminosity to
Lol = (0.7—2) x 10*" erg 57! by fitting LTE models to the ROSAT PSPC data. with
R=(3-8)x10% cm and R = (2—6) x 108 cm for log g = 8 and log g = 9 respectively.

Observations with the BeppoSAX LECS (Low-Energy Concentrator Spectrometer)
on 7-8 March 1997 were fitted with blackbody, LTE and NLTE models by Parmar
et al. (1998). The derived fit parameters are shown in Table 5.3. CAL 83 was also
observed with ASCA on 21-22 June 1997, and an effective temperature of 29 £ 8 eV
was derived (Dotani et al., 2000).

From a re-analysis of ROSAT data with line-blanketed LTE white dwarf atmosphere
models, and a comparison to theoretical relationships between the properties of white

dwarfs with hydrogen shell burning (see discussion in Section 4.3), Suleimanov and

96




Parameter LTE
ETey (V) 434+£15
Ny (10*° cm™?) 6.33%
log g S.0-38.25
Lier (10%7 erg s™1) 2.8 -3.1
R (10% ¢m) 0.7-09
My /Me, (for Rwp = R) ~0.6-08
Mwp /Mg (for Rwp = %R) ~12-13

Table 5.4: Physical parameters of CAL 83 based on a re-analysis of ROSAT data. The
first mass estimate was calculated by assuming that the photospheric radius is equal to that
of the WD core (more applicable to a cool WD), and the second by assuming that it is
twice that of the WD core (inore applicable to a warin WD). (Adopted from Suleimanov
and Ibragimov 2003.)

"Fixed at the galactic value in the direction of the LMC.

Ibragimov (2003) estimated the source parameters for 10 known supersoft sources,
including CAL 83, SMC 13 and 1E 0056.8-7154. Their estimates for the physical
parameters of CAL 83 are shown in Table 5.4.

The higher spectral resolution of the modern X-ray telescopes Chandra and XMM-
Newton, has opened up the possibility of more detailed spectral fits to SSS spectra.
CAL 83 was observed by XMM-Newton on 23 April 2000, and an initial comparison
of the spectrum by Paerels et al. (2001) to various line-blanketed models pointed
to an effective temperature of ~ 45 eV, for a WD surface gravity of logg ~ 8.5.
A combined analysis of the XMM-Newton RGS (Reflection Grating Spectrometer)
spectrum, as well as a spectrum recorded with Chandra on 15-16 August 2001 us-
ing the HRC (High Resolution Camera) and the LETG (Low Energy Transmission
Grating), is presented by Lanz et al. (2005). They used detailed line-blanketed
NLTE models to characterize the spectra, and their results are shown in Table 5.5.
Their fits provided spectral evidence that the white dwarf in CAL 83 is massive.
iLe. Mwp 2 1Mg. This implies that the white dwarf mass is just below the Chan-
drasekhar limit (i.e. Mc =~ 1.4M0), where hydrostatic equilibrium is achieved by

electron degeneracy pressure.

5.1.2 Ultraviolet spectra

IUE spectra of CAL 83 taken during November 1984, February 1985 and May 1986
contained two emission lines, N V A1240 and He II A1640, an unidentified emis-
sion feature near 1670 A and also possible absorption features near 1260, 1300 and
1335 A (Crampton et al., 1987). Génsicke et al. (1998a) considered the possibility

that the unidentified feature, which they placed at ~ 1666 A, may represent red-

shifted emission of the He IT A1640 line, which would imply a high velocity shift of
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Parameter NLTE
kTo (eV) 47 =2
logy 8.5+01
Lpo (107 erg s™') 34+£1.1
R (10Y cw) 0.7+ 0.07
Mwp /M 1.3+£03

et al. 2005, Table 3.)

Table 5.5: Results of NLTE spectral analysis of XMM-Newton RGS and Chandre HRC-
S/LETG data for CAL 83. The adopted LMC distance is 50 £ 3 kpc. (Adapted from Lanz

~ 4000 km s~.

an upper limit of Ny =

absorption lines are probably due to interstellar absorption.

(refer to the discussion in Section 5.1.4).
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Fig. 5.1: HST GHRS spectrum of CAL 83 recorded on 10 November 1996. The geocoronal
Lo emission line is truncated. (Adopted from Gansicke et al. 1998a, Fig. 1.)

A spectrum of CAL 83 recorded with the HST GHRS (Hubble Space Telescope
Goddard High Resolution Spectrograph) on 10 November 1996 is shown in Fig. 5.1
(Génsicke et al., 1998a). From the broad Lo absorption profile. these authors derive
(6.5 1.0) x 10%0 cx

column density along the line of sight to CAL 83. The three absorption features

m~2 for the neutral hydrogen absorbing

detected in the IUE spectra are also present here, along with several others. All the

Several emission lines were also observed (see Fig. 5.1), most probably originating
from an accretion disc. The N V doublet lines exhibit a complicated structure, with
the red wings extending to about 800 km s~! from the line centre. Génsicke et al.
(1998a) noted that if the N V lines originate from an accretion disc, their small
width indicate a low inclination for CAL 83. It was also indicated that the UV flux

is variable, and the detected UV bright state coincides with an optically bright state

Schmidtke et al. (2004) presented a UV spectrum of CAL 83, recorded with FUSE
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Fig. 5.2 ESO 3.6-m spectrumn of CAL 83 (May 1984). The resolution is ~ 9 — 12 A,
(Adopted from Pakull et al. 1985, Fig. 1.)

(Far Ultraviolet Spectroscopic Explorer) in September 2001. The only stellar feature
in the FUSE spectrum is O VI A1031.9 emission. This emission line also shows an
extension to longer wavelengths, similar to what has been observed in He II lines.
However, the phasing of the O VI line, with a maximum velocity at ¢ ~ 0.23, is
different from that of He 1I, which may indicate that the O VI and He II emission
originate from different locations. The parameter ¢ refers to the orbital phase,

ranging from 0 to 1.

5.1.3 Optical photometry and spectroscopy

CAL 83 was identified with a blue star (B ~ 16.8) with variable He II emission
(Cowley et al., 1984). An optical spectrum of CAL 83 recorded with the ESO (Eu-
ropean Southern Observatory) 3.6-m telescope at La Silla during May 1984 is shown
in Fig. 5.2 (Pakull, llovaisky and Chevalier, 1985). From various spectroscopic obser-
vations during 1980 and 1983-1984. they find that the emission ratio of He IT A4G686
to Hf3 is always larger than 5, and that the equivalent width of H/ does not exceed
6 A. A weak emission feature at ~ 4660 A was also observed. They suggest that
the emission feature may represent blueshifted He II emission, indicating Doppler

motion of ~ 1500 — 2300 km s~! towards the observer.

Several spectroscopic observations of CAL 83 were performed at CTIO (Cerro Tololo
Inter-American Observatory) and the Las Campanas Observatory during 1982-1985
(Crampton et al., 1987). The average spectrum is shown in Fig. 5.3. The spectra
exhibit a blue continuum (U — B = —1.1) mainly characterized by strong He IT and

weaker Balmer emission.
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Fig. 5.3: Average spectrum of CAL 83 taken with the Las Campanas “2D-Frutti” detector
during December 1985. (Adopted from Crampton et al. 1987, Fig. 1.)

Epoch H6 Hy HP Ha Cui/iv Hen Ow
1982 Feb ......... 109
1982 Nov.......... 24 10.0 12
1984 Jan ......... 25 5.0 1.8
1985 Mar......... 26 23 64 28 128 0.7
1985 Dec ......... 1.5 1.8 53 18 22 122

Table 5.6: Equivalent widths (in A) of CAL 83 emission lines detected during observations
at CTIO and Las Campanas. (Adopted from Crampton et al. 1987, Table 2.)

The He II A4686 emission line has a very broad, variable wing structure with a ve-
locity range ~ 10® km s~! which is usually on the violet side, but then shifted to the
red side of the line during the 1985 observations. A similar structure was detected
in the HB emission line during 1985 (see Fig. 5.4). The weak emission feature at
~ 4660 A, also identified by Pakull et al. (1985). is still present in the 1985 spectrum
where the He II wing has shifted to longer wavelengths. Therefore these authors
interpret this ~ 4660 A feature to be the result of C III and C IV emission. The
identification of highly ionized O VI emission at 3911 A and 3834 A supports the
presence of highly ionized C. The only feature identified in the red spectrum is He.

The equivalent widths of the detected emission lines are given in Table 5.6.

A possible interpretation of the slowly changing He II A\4686 structure is the slow
precession (with a period ~ 69 days) of an accretion disc which exhibits outflow

through either a wind or a jet with a large collimation angle. This possibility is
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Fig. 5.4: Extracts from the average spectra of CAL 83 from 5 different observing runs at
the CTIO and Las Campanas. Note the changing wing structure of He IT 24686, as well as
the HF wing in the last 2 spectra. (Adopted from Crampton et al. 1987, Fig. 2.)

supported by the arguments of Southwell, Livio and Pringle (1997), who showed
that irradiation-induced accretion disc warping in CAL 83 can cause disc precession
on these time-scales. Based on the variation in velocity of the He II emission line,
Crampton et al. (1987) also showed that, for any value of the compact primary
star mass, the secondary star must be less massive, i.e. g < 1. This is in contradic-
tion with the mass ratio ¢ > 1 predicted for CAL 83 by van den Heuvel et al. (1992).

The low intensity of the Balmer emission lines relative to the CNO lines indicate
that the accreting matter from the envelope of the secondary is H-poor. This may
indicate that the WD is accreting from an evolved secondary star that has lost its
outer envelope as a result of high mass transfer. This corresponds to the situation
in AE Aqr where the line ratios of C and N relative to H shows that the 0.6M
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Fig. 5.5: Photometric light curve of CAL 83 from December 1984 data, folded on an orbital
period of 1.0436 d. (Adopted from Smale et al. 1988, Fig. 3.)

HeIl 24688 Hp
Date UT Obs Velocity FWHM Eq.Width Velocity FWHM Eq.Width
(km/sec) (km/sec)  (A) (km/sec) (km/sec)  (A)
1983 Jan (Sum) ESO 326+16 37637  8.2%1.1 326116 376137 8.2%l.1
1983 Jan/Feb (Sum) AAT 260420 340433 7.3£0.9 25519  160+40  1.80.5
1983 Dec (Sum) SAAO 233+23 279152  2.4+04 402140 93+10 1.41+0.3

1985 Dec 16 (Sum) SAAO 23523  407£52  12.5+2.3 229434 362174  4.2x1.7

Table 5.7: Emission line parameters for He IT 4686 and HS, showing the velocity shift
in the central wavelength, the FWHM and the equivalent width for the summed spectra.
(Adopted from Smale et al. 1988, Table 4.)

secondary is rather evolved for its mass (Jameson, King and Sherrington, 1980;
Mauche, Lee and Kallman, 1997).

An orbital period of 1.0436 & 0.0044 d (days), with a variation amplitude of AV =
0.22, was determined from V-band photometry obtained dwring an international
campaign in December 1984 (Smale et al., 1988). Shown in Fig. 5.5 is their folded
light curve. Their data also show cvidence of occasional short time-scale (~ 2 hr)
variability. Smale et al. (1988) also obtained optical spectra of CAL 83 with ESO
3.6-m telescope, the 3.9-m AAT (Anglo-Australian Telescope) and the SAAO 1.9-m
Telescope. He II A4686 and H/3 emission is detected, with the He II line exhibiting
a broad wing towards the violet side. Their measured line parameters are given in
Table 5.7.

Spectra obtained with the CTIO 4-m telescope during November 1996 exhibit several
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Emission line Average equivalent width (A) FWHM (A)

He 11 \686 12.1 5.4
He I \d541 0.8
He [T A5411 -1.8
Ho \6563 ~21.9
Hp M\861 -4.8
Hry Ad340 1.9
O VI A5290 1.3
O VI A3811 1.6

Table 5.8: Emission line parameters for CAL 83 recorded with the CTIO 4-m telescope.
(Values from Cowley et al. 1998, Table 5.)

emission lines of H, He IT and O VI. The lines and their equivalent widths are listed
in Table 5.8 (Cowley et al., 1998). It is noticeable that the ratio of He IT A\4686 to HA3
emission from the values in Tables 5.6, 5.7 and 5.8 15 smaller than 5 and even equal to
1 for the Jan 1983 ESO observations, contrary to the findings of Pakull et al. (1985).

Considering the optical light curve and emission-line widths, the inclination of
CAL 83 should be in the range i = 20 — 30° (see Cowley et al. (1998) and ref-
erences therein). If Mwp = 1.3Mp, then the secondary should have a mass of
~ 0.5Mg. Such a low secondary mass, as well as the H-poor envelope discussed ear-
lier, supports the scenario of the evolution of cataclysmic variables from supersoft
sources, as proposed for AE Aqr (Meintjes, 2002; Schenker et al., 2002).

Schmidtke et al. (2004) derived the following orbital ephemeris from MACHO Project

photometry:

To = JD 2451500.953 £ 0.004 + 1.047568E = 0.000003 d .

Oliveira and Steiner (2006) reported an optical observation obtained with the GMOS-
IFU (Gemini Multi-Object Spectrograph Integral Field Unit). They found the [FeX]
A6375 coronal line in emission, and also evidence of absorption and emission compo-
nents of H and He IT that may be associated with bipolar jets. Emission near 6548 A
may be due to [N II], but may also be associated with blueshifted Ha emission from
a jet with a radial velocity of ~ —600 km s~!. Such a blueshifted feature is observed

with the same velocity near HpS.

Optical evidence has been found that CAL 83 is surrounded by a large ionization
nebula (Chiang and Rappaport, 1996; Remillard et al., 1995). Remillard et al. ( 1995)
derived a time-averaged ionizing luminosity of ~.(1 —4) x 1037 erg s=! for CAL 83 -

from the nebular Ho and [O III] emission.
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5.1.4 X-ray off-states and variability

Although there has been several X-ray detections of CAL 83 at nearly the same ef-
fective temperature and X-ray luminosity, several X-ray “off-states” have also been
documented. The first, observed X-ray off-state was on 28 April 1996, and off-states
have also been observed on 29-30 November 1999, 3-4 October 2001 and 2 Jan-
uary 2008 (Alcock et al. 1997; Greiner et al. 2008; Greiner and Di Stefano 2002;
Kahabka 1998; Lanz et al. 2005; Lanz, Audard and Walter 2008). The inferred
duration of such an off-state is < 100 days. Greiner and Di Stefano (2002) inves-
tigated optical light curves recorded by MACHO, and found that CAL 83 exhibits
long-term variations between a low, intermediate and high optical state and that
the X-ray off-states and optical low states are anti-correllated. These observed X-
ray off-states contradict the initial description of CAL 83 as a prototypical CBSS

undergoing steady nuclear burning.

The exact nature of these long-term variations is still not quite clear, but various
models have been put forward. Alcock et al. (1997) explained the first X-ray off-state
by a model where a decrease in the accretion rate causes a cessation of hydrogen
burning on the WD, and where the short time-scale of the off-state implies a mas-
sive WD. Kahabka (1998), on the other hand, ascribed the off-state to an increase
in accretion rate that results in the expansion and cooling of the WD photosphere.
Greiner and Di Stefano (2002) considered both photospheric radius changes and ab-
sorption by circumstellar material, but concluded that the situation is much more
complex than these simple models and that the interaction between the changing

photosphere and the irradiated disc also has to be taken into account.

Lanz et al. (2005) report short time-scale variations (less than 10% of the orbital
period of 1.04 d) in the Chandra and XMM-Newton X-ray light curves of CAL 83.
Schmidtke and Cowley (2006) performed period analysis on these data, and found a
periodic signal of 38.4-minutes in the Chandre LETG data, but no statistically sig-
nificant periodicity in the XMM-Newton data. These authors ascribe the periodicity
to possible non-radial pulsations in the accreting WD, similar to those observed in

some novae.

According to our knowledge, no white dwarf spin period has been detected for
CAL 83 so far.

In summary, the observational evidence suggests that CAL 83 consists of a massive
(~ 1.3M;) white dwarf accreting from a less massive (~ 0.5Mz) companion. This
yields ¢ ~ 0.38, which is in contradiction with the ¢ > 1 model of van den Heuvel

et al. (1992). According to Eq. (2.27), mass transfer will cause the Roche lobe of
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the secondary to expand if ¢ < % while any loss of angular momentum from the
systemn will tend to shrink the Roche lobe. If the white dwarf in CAL 83 has a
substantial magnetic field, the magnetic propelling of accreting material with high
angular momentum from the bhinary system will tend to shrink the secondary Roche
lobe. Also, a main sequence star with a mass of ~ 0.5M will have a convective
envelope, and the removal of material from a convective envelope by Roche lobe
overflow will cause the star to expand. This effect can contribute to a mass transfer
rate high enough to cause nuclear shell burning of hydrogen on the white dwarf

surface, even though ¢ < 1.

5.1.5 Radio emission

Upper limits for possible radio emission from CAL 83 are given in Table 4.2, i.e.

< 0.12 mJy at both 3.5 cm and 6.3 cm wavelengths.

5.2 1E 0035.4-7230 (SMC 13)

5.2.1 X-ray spectra

SMC 13 is one of the sources discovered by the Einstein IPC (Imaging Propor-
tional Counter), and Seward and Mitchell (1981) considered the source as extended,
possibly a supernova remnant (SNR). However, the source was detected as a point
source with the Einstein HRI (High Resolution Imager), as reported by Jones et al.
(1985). The Einstein observations imply a low effective temperature, Ty < 35 €V,
a luminosity of Lx ~ 10%7 erg s~! in the Einstein band and a high X-ray-to-optical
luminosity ratio of ~ 10* (Wang and Wu, 1992).

SMC 13 was also detected during the ROSAT All-Sky Survey (RASS) and a sub-
sequent deep pointed observation. The results of a blackbody fit to a pointed ob-

servation spectrum yielded ATes = 41 £ 9 eV and a bolometric white dwarf lumi-

nosity of Lpo = 2.4 x 1037 erg s~ for an absorbing hydrogen column density of
Ny = 5.0'_*%:? x 10?9 ¢cm~2 (Kahabka, Pietsch and Hasinger, 1994). The adopted

distance to the SMC is 65 kpc.

The source was observed with the BeppoSAX LECS (Low-Energy Concentrator
Spectrometer) during January 1998 (Kahabka, Parmar and Hartmann, 1999b). Com-
bined spectral fits of the BeppoSAX and ROSAT PSPC data were performed, using
© first a simple blackbody model. and then a blackbody combined with an absorption
edge. The position of the fitted edge (~ 0.44 keV) suggested that a C edge may be
present, and a blackbody model with CV and CVI edges fixed at their respective
energies was applied. LTE and NLTE white dwarf atmosphere models were also

fitted. Their results are shown in Table 5.9. The possible presence of a C edge sup-
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BeppoSAX LECS + ROSAT PSPC

Model Ny kT.s Ecv Ecwi TCV TC V1 Lag® 2
Edge (0.1-2.4 keV) X/ DOF
(10* em™)  (eV; (keV) (bolometric)
10° K)
bbody 4.8+pn 43+ 9.3+45 0.68
5.025:3 12432
bbody-+edge 3844 63xi]  0.44%008 54438 4.2+3} 0.62
7.3417 5.2+%9
bbody+Cv+Cviedge 3.943 6518 0391 0487 1659 39435 4243 0.63
7.5%1% 54438
LTE WD atm? 3.69 4 474} 20404 0.80
5.548'1 4.8+54
Non-LTE WD atm® 41483 28+§% 9.8%1] 0.77
3.25%084 10.9+43

Table 5.9: Results for combined spectral fitting of BeppoSAX LECS and ROSAT PSPC
spectra of SMC 13. 90% confidence errors are given, except where otherwise indicated. The
adopted SMC distance is 60 kpe. (Extracted from Kahabka et al. 1999h, Table 1.)
268% confidence errors are given.
PLuminosity for the BeppoSAX spectrum (Lsg = L/10% erg s71).

Parameter LTE
kT (eV) 40.0 0.9
Ny (10%° cm™?) 6.94*

log g 7.7~-7.9
Lo (1037 erg s71) 3.0-33
R (10° cm) 08-1.0
Mwp /Mg (for Rwp = R) ~0.65 - 0.85
1\/[WD/1‘/IO (fOl‘ Rwp = %R) ~1.25

Table 5.10: Physical parameters of SMC 13 based on re-analysis of ROSAT data. (Adopted
from Suleimanov and Ibragimov 2003.)
2Fixed at the galactic value in the direction of the SMC.

ports the WD model. Under the assumption that the source is on the stability line

for nuclear burning, they constrain the WD mass to ~ 1.1Mg and ~ 0.9My with

the LTE and NLTE fits respectively, but they also note that the temperature and

luminosity values derived from the NLTE fit actually indicates Mwp ~ 0.6~ 0.7A1g.

Table 5.10 gives the parameters of SMC 13 derived by Suleimanov and Ibragimov

(2003).

5.2.2 Optical photometry and spectroscopy

Jones et al. (1985) proposed a star with V' ~ 21 as the probable optical candidate

for SMC 13. This was confirmmed by Orio et al. (1994). who reported an optical
counterpart with V = 20.25 £ 0.05.
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Schmidtke et al. (1994) initially reported an orbital period of 0.1719 #+ 0.0004 d for
SMC 13 from optical CTIO (Cerro Tololo Interamerican Observatory) data, with
minimum light at an epoch Nov. 3.105 1994. From a detailed analysis of photometric
observations from the CTIO 0.9-m telescope during December 1993 and November
1994, Schimidtke et al. (1996) determined the maximum V-magnitude of SMC 13
to be 20.2, with a smooth light curve modulated over a range ot AV ~ 0.3. Their
period analysis of these photometric observations and comparison with ROSAT light

curves, yielded the following photometric orbital ephemeris for SMC 13:
To = HIJD 2449659.6001 +0.0002 + 0.1719256F =+ 0.0000005 d ,

where Tp is the midpoint of minimum V light. Their optical light curve is shown in
Fig. 5.6, together with the ROSAT light curve of SMC 13, both folded on the or-
bital ephemeris above. The rounded maximum and sharper minimum of the optical
light curve are similar to the light curves of systems where the “inner” side of the
secondary star undergoes strong heating by the primary. However, the amplitude
of the optical variation is smaller in SMC 13 than in these systems. This can be
accounted for if an accretion disc is the dominant source of optical light in SMC 13.
Due to the short orbital period, the spectral type of the donor star should be G or
K.

Crampton et al. (1997) considered the 1993 and 1994 data, as well as new photomet-
ric data taken with the CTIO 0.9-m telescope during November 1995 and November
1996, and derived a new orbital ephemeris. Their folded V-magnitude light curve is
shown in Fig. 5.7. Because of the flat maximum and quite sharp. asymmetric mini-
mum, these authors consider SMC 13 to be an eclipsing system, where the minimum
is due to a partial eclipse of the accretion disk by the donor star, viewed at i ~ 75°.
Considered together with the He II emission line velocities, this implies a primary
mass between ~ 1.3 — 1.5M,.

Additional photometric observations with EFOSC-2 at the ESO/MPI 2.2-m tele-
scope at La Silla during December 1996, lead van Teeseling et al. (1998) to yet

another revised orbital ephemeris of
To = HJD 2450434.1320 £ 0.0006 + 0.1719260F = 0.0000007 d .

They also reported a significant variability in the B — V index, with the source
appearing to be bluest at orbital phase ¢ ~ 0.7 — 0.8. Their optical V-band light
curve folded on the orbital ephemeris above is shown in Fig. 5.8, and exhibits an

almost perfectly sinusoidal form without the sharp minima reported by Schmidtke
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Fig. 5.6: Optical CTIO light curve (top) and ROSAT X-ray light curve (bottom) folded
on the orbital ephemeris of Schmidtke et al. (1996). (Extracted from Schmidtke et al. 1996,
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Fig. 5.7: V-band folded light curve of SMC 13. (Extracted from Crampton et al. 1997,
Fig. 2.)




Photometric phase

Fig. 5.8: Optical light curve of SMC 13 obtained with EFOSC-2 at the ESO/MPI 2.2-m
telescope, folded on the orbital ephemeris of van Teeseling et al. (1998). (Extracted from
van Teeseling et al. 1998, Fig. 1.)

et al. (1996) and Crampton et al. (1997). Therefore van Teeseling et al. (1998) pre-
fer a model with a moderate inclination of 7 = 20 — 50°, with ¢ > 0.33, but they
do not exclude the possibility of a higher inclination, where i ~ 70°. The effective
temperature of the heated side of the companion is that of an O or a B star, but the
inferred intrinsic temperature of the companion is that of an (unobservable) type M
star. These findings are consistent with the scenario of wind-driven evolution sug-
gested by van Teeseling and King (1998). As discussed in Section 4.9, these authors
consider SMC 13 as a system with a low-mass companion (¢ < 0.7) in which mass

transfer is sustained by an irradiation-driven wind from the donor.

Several optical spectra of SMC 13 have been recorded, and are found to exhibit a very
blue continuum with various weak emission lines, with the only well pronounced fea-
ture being the He II A\4686 emission line, with signs of Balmer absorption (e.g. Orio
et al. 1994; Schmidtke et al. 1996).

A series of spectra taken with EFOSC-1 at the La Silla 3.6-m telescope during Oc-
tober 1995 also show He II emission and Hf absorption, with some spectra also
showing the other Balmer lines (including Her) in absorption (van Teeseling et al.,
1998). The average flux-calibrated spectrum is shown in Fig. 5.9. Part of the Balmer

absorption may originate from the companion star.

Spectroscopic data, taken with the CTIO 4-m telescope on the same nights as the
photometric data in November 1996, show quite strong emission lines of He II and
also Ha (which is also blended with He II emission) that was not present in previous
spectra (Cowley et al., 1998; Crampton et al., 1997). Broad absorption features
appear on both sides of the Balmer emission cores, with only the absorption compo-
nent visible for Balmer lines higher than HB. H~ absorption appears to the strongest

when the companion star is closest to the observer. O VI emission from the inner
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Fig. 5.9: Average flux-calibrated EFOSC-1 spectrum of SMC 13, taken during October
1995. The resolution is ~ 15A. (Adopted from van Teeseling et al. 1998, Fig. 7.)

parts of the disc is also detected. The relative weakness of the H and He II lines
relative to O VI is ascribed to the presumably small size of the accretion disc in-

ferred from the very short orbital period. The average spectrum is shown in Fig. 5.10.

The velocity curve of the He II MG86 emission line confirms an orbital period of
~ 0.1719 d, even though its maximum occurs at phase ¢ ~ 0.8. The phasing suggests
that the He II lines originate near the compact star and reveal its orbital motion.
An orbital inclination of 4 ~ 75° is inferred for SMC 13 from light curve models of
eclipsing systems by Meyer-Hofmeister et al. (1997). When using the radial velocity
semi-amplitude for He II A\d686 (K ~ 100 km s™!) to calculate the mass function,
it is found that the component masses should be My ~ 1.3Mg and My ~ 0.4Mg.

On the other hand, it has been suggested that SMC 13 is actually a cataclysmic vari-
able driven by magnetic braking, with a low mass WD (~ 0.6M/y) accreting from
a low mass (~ 0.4M:) donor at a rate (~ 1078 — 1079My yr=!) below the steady
burning limit and that the supersoft emission may be due to a nova outburst that is
evolving very slowly (Kahabka and Ergma, 1997; Kato, 2010). Such a model with a
low mass WD is favoured by the value of Mwp inferred from the NLTE BeppoSAX

temperature and luminosity discussed in Section 5.2.1.

Clearly, there is still some uncertainty about the inclination and component masses

of SMC 13. In order to determine the masses from the mass function, the incli-
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Fig. 5.10: Average CTIO 4-1u telescope spectrum of SMC 13, taken during Novemnber 1996.
The resolution is ~ 3A. (Adopted from Crampton et al. 1997, Fig. 3.)

nation should be known and vice versa, and without any additional independent

information, this makes it very difficult to obtain these variables.

5.2.3 Orbital modulation in X-rays

Orbital modulation in X-rays has been found in the ROSAT PSPC data of SMC 13
(Kahabka, 1995, 1996a). The intensity at the X-ray minimum is ~ 77% of the in-
tensity at phases ¢ = 0.5 — 0.95. Kahabka (1996a) searched for periodicity in the
ROSAT data around the period of Schmidtke et al. (1994), and found a period of
0.1718 d in X-rays. The ROSAT light curve in the 0.1 — 0.5 keV band is shown in
Fig. 5.11, which also illustrates the separate light curves in the soft (0.1 — 0.25 keV)
and hard (0.26 — 0.50 keV) energy bands. These light curves are folded on the
ephemeris of Schmidtke et al. (1994).

In addition to the main minimum at ¢ ~ 0.9 — 1.1, there seems to be a second dip
at ¢ = 0.6, but this is only detected in the 0.1 — 0.25 keV band. This minor dip,
as well as the main dip, is coupled with an increase in the hardness ratio (HR). It
is also interesting to note that the count rate in the hard energy band correllates
with the variations in HR. This can be explained by temperature variations from
~ (4 - 5) x 10° K, caused by the changing aspect of an accretion column struc-
ture above the polecaps of a magnetic WD. An alternative interpretation of the HR
variations is that it is caused by the presence of an additional, varying absorbing

column of Ny < 4 x 10?2 cm™2, which may originate in the binary system, e.g. a

~

wind driven from the secondary star.
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Fig. 5.11: Phase-binned ROSAT PSPC light curves of SMC 13, with an orbital period of
0.1718 d folded with respect to the epoch Nov. 3.105, 1994. Two cycles are shown for clarity.
(a) Light curve in the 0.1 — 0.5 keV band. (b) Light curves in the soft (0.1 —0.25 keV) and
hard (0.26 —0.50 keV) bands. The panel at the bottom shows the variations in the hardness
ratio, defined as HR={H-S)/(H+S), where S is the number of counts in the soft band and H
the number of counts in the hard band. (Adopted from Kahabka 1996a, Fig. 2 and Fig. 3.)

From Fig. 5.11, it appears that the X-ray modulation is synchronous with the or-
bital motion. However, Schmidtke et al. (1996) found that, according to their derived
ephemeris, the optical minimum occurs about a quarter of an orbital cycle earlier
than the X-ray minimum (see Fig. 5.6 in the previous section). This may be ex-
plained by a small difference between the optical and X-ray periods due to disc
precession or the presence of a third body. However, the preferred interpretation
of these authors is that X-rays are scattered in an accretion disc corona, and that
the X-ray minima can occur when the corona is partially occulted by an extended

accretion disc rim, slightly before mid-eclipse.

5.2.4 Radio emission

Upper limits for possible radio emission from SMC 13 are given in Table 4.2, i.e.

< 0.12 mJy at both 3.5 cm and 6.3 cm wavelengths.

As remarked by Kahabka and Ergma (1997), SMC 13 “is possibly one of the most

puzzling supersoft sources”, and many riddles regarding the nature of this source

still have to be solved.




Parameter Blackbody LTE (H-rich) LTE (He-rich)

ET e (eV) 31 39 37
Ny (107 ¢m=?) 8 5 5
Lyyor (10%7 erg s=1) 30 2 2
R (10% cm) 5 0.8 0.9
x?/DOF 0.82 0.69 0.70

Table 5.11: Best-fit parameters of 3 different models for the ROSAT PSPC spectrum of
1E 0056.8-7154. (Adopted from Heise et al. 1994, Table 1.)

5.3 1E 0056.8-7154 (SMC N67, SMP 22)

5.3.1 X-ray spectra

The supersoft X-ray source 1E 0056.8-7154 was discovered with the Einstein Obser-
vatory, and was also detected with EXOSAT (Jones et al., 1985; Seward and Mitchell,
1981). Wang (1991) shows that the observed X-ray spectrum of this source is con-
sistent with that of a single nucleus of a planetary nebula (PN) collapsing to a white
dwarf, and identifies this X-ray source with the bright (V=16.6) planetary nebula
N67 in the SMC (also known as SMP 22). N67 has the hottest nucleus among all
the known planetary nebulae in the SMC, and its previously known characteristics
confirms its ability to produce the observed soft X-ray cmission. Wang (1991) de-
rives a blackbody temperature of kTpy ~ 26 £ 9 eV and a bolometric Iuminosity of
Lol ~ (2 —40) x 1037 erg s~! for the nucleus from the Einstein IPC data, and this

corresponds to an effective radius of R ~ 4 x 10% cm.

Heise et al. (1994) fitted blackbody and LTE meodels (H-rich and He-rich) to the
ROSAT PSPC spectrum of 1E 0056.8-7154, and their results are shown in Ta-
ble 5.11. It is noted that, unlike the blackbody fit, the LTE fits yield luminosities

under the Eddington limit for a white dwarf.

Table 5.12 gives the parameters of 1E 0056.8-7154 derived by Suleimanov and Ibrag-
imov (2003). Because this source is most likely to be a hot WD, the mass estimate

of 0.9 — 1.1Mg is probably the correct one.

More recent observations by XMM-Newton (2007 and 2009) were modelled with an
NLTE white dwarf model atmosphere, composed of H, He, C, N and O with abun-
dances derived from studies of the nebular lines (Mereghetti et al., 2010). Results
of the NLTE fit, as well as those of a simple blackbody fit. are shown in Table 5.13.
It appears that the white dwarf is quite massive, which is in good agreement with

its other observational properties.
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Parameter LTE

ETey (eV) 345+86
Ny (10%° cm~?) 3.7125%,
log g 7.7 -85
Lot (1037 erg s71) 2.4 -8.0
R (10Y c¢m) 1.0 - 2.8

Mwp /M., (for Rwp =R)  ~05—0.8
J\JWD/]\[:, (fOI‘ Rwp = éR) ~09-11

Table 5.12: Physical parameters of 1E 0056.8-7154 hased on re-analysis of ROSAT data.
(Adopted from Suleimanov and Ibragimov 2003.)

Parameter Blackbody NLTE
kT (eV) 27.0%49 13.3 +£0.09
Ny (10% cm™2) 5271 2.8+04
log g 6.0

Lo (10%7 erg s™!) 8 6

R (10° cm) 3.5 1341
Mwp /Mg 12401
v?/DOF 0.98 1.17

Table 5.13: Blackbody and NLTE fit parameters for XMM-Newton data of 1E 0056.8-7154.
The adopted SMC distance is 60 kpc. (Values from Mereghetti et al. 2010.)

5.3.2 Ultraviolet spectra

Spectra obtained with the IUE (International Ultraviolet Explorer) during April
1984 exhibit several emission lines of C, N, O and He (Aller et al., 1987). N67 has
the highest N/O abundance ratio (~ 1) of the known SMC planetary nebulae and
is classified as a type I PN. Nebular modelling of the IUE observations yields the
following stellar parameters for the nucleus of N67: log g ~ 5.15, kTeer ~ 9.91 eV and
R ~ 8 x 10° ¢cm. Kaler and Jacoby (1990) provided an estimate of kTeg ~ 17.7 eV
hased on the He II M\4686 to HS ratio. However, according to Stasiriska and Tylenda

(1986) these temperatures most probably represent lower limits.

N67 has formed part of an extensive Hubble Space Telescope survey of Magellanic
Cloud Planetary Nebulae. Full details are not presented here, but can be found in
e.g. Stanghellini et al. (1999, 2003); Vassiliadis, Dopita, Bohlin, Harrington, Ford,
Meatheringham, Wood, Stecher and Maran (1998); Vassiliadis, Dopita, Meather-
ingham, Bohlin, Ford, Harrington, Wood, Stecher and Maran (1998). An HST
spectrum for NG7 is shown in Fig. 5.12. No P Cygni profiles are detected in the
emission lines. According to Stanghellini et al. (1999), the nebular expansion ve-
locity of N67 is Viy, = 27.9 km s~ Vassiliadis, Dopita, Meatheringham, Bohlin,
Ford, Harrington, Wood, Stecher and Maran (1998) calculated the temperature and
luminosity of the nucleus to he kleg ~ 18 eV and Ly ~ 10%7 i

erg s~ respectively,
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Fig. 5.12: HST spectrum of N67. The crossed circle denotes geocoronal emission. (Ex-
tracted from Vassiliadis, Dopita, Bohlin, Harrington, Ford, Meatheringham, Wood, Stecher
and Maran 1998, Fig. 1.)

corresponding to a mass of Mwp ~ 0.7Mc,.

5.3.3 Optical spectra

Meatheringham and Dopita (1991) performed a detailed optical spectrophotometric
study of planetary nebulae in the Magellanic Clouds, during several observations in
1983, 1986 and 1988. They provide a list of spectral lines for N67 covering the range
of 3340 — 7330 A. The spectral lines exhibit a broad range of ionization, from [O I]
to [Ne V]. The high abundance of N and lower abundance of C and O is probably
coupled to the high temperature of N67, as C and O are important cooling agents
through the collisional excitation of their lower energy levels. The nebula has a
very high electron temperature: T ([O III]) = 26 600 K and 7,([N II]) = 11 600 K.
Derived electron densities are N, ([O II]) = 5510 cm ™3 and N,([S II]) = 2330 cm 3.
Photo-ionization modelling of these data yields kTsz ~ 17 eV and L ~ 1037 erg s~ !
for the nucleus of N67 (Dopita and Meatheringham, 1991).

5.3.4 Radio emission

Mereghetti et al. (2011) reports the first radio detection of N67 with the ATCA
(Australian Telescope Compact Array) on 30 November 2010. It was detected with

a flux of 0.36 mJy at 6 cm and a Hux of 0.31 mJy at 3 cm.

5.4 RR Telescopii

RR Tel is a galactic symbiotic nova that started its last nova outburst in 1944, with
the outburst lasting for many decades (Kahabka and van den Heuvel, 1997). It is a
very wide, interacting binary system with an orbital period of 387 days. It consists
of a hot compact star (presumed to be a white dwarf) and a cool Mira variable with
spectral type around M5 (McKenna et al.,, 1997; Whitelock, 2003). The systemic
velocity of RR Tel is ~ —62.3 km s~ !.



Pointed ROSAT PSPC observations of RR Tel were carried out during April 1992,
and exhibited a soft spectruin, with a small hard compounent that is thought to origi-
nate from a collisional shock between a fast wind from the hot white dwarf and a slow
wind from the cool companion (Jordan, Murset and Werner, 1994). The soft end of
the spectrum can be described by a NLTE atmosphere model with kTeq = 12.2 €V,
Liyo = 1.3x10%7 erg s~ logg > 6.5 and R = 6.3 x 10" cm, yielding Mwp = 0.9A/...
A blackbody fit yields AT = 11.6 = 0.4 €V, Ly, = 9.5+ 0.8 x 10% erg s7! and
R =6.3x 10° cm.

The binary components are embedded in an extended nebular envelope caused by the
ionization of the wind from the secondary star by the luminous primary star. RR Tel
exhibits an extremely rich optical spectrum, dominated by nebular emission lines.
With increasing time, the spectrum is evolving towards higher ionization states.
Spectral line lists of RR Tel are available in the literature (e.g. Kotnik-Karuza,
Friedjung and Exter 2009; McKenna et al. 1997). RR Tel is a well-known source
that has been studied extensively with a variety of instruments. In this discussion,
the focus will be the Raman scattering of emission lines in RR Tel and how they

provide evidence of an accretion disc in the source.

5.4.1 Raman scattering of O VI emission lines

Broad emission features at ~ 6830 A and ~ 7088 A were found in the spectrum of
RR Tel, and in fact they are observed in more than 50% of symbiotic stars. Schmid
(1989) identified these features as Raman-scattered emission features of the O VI
AA1032 and 1038 resonance doublet.

Raman scattering is the process by which a photon is inelastically scattered by an
atom or molecule, as opposed to Rayleigh scattering, which involves elastic photon
scattering (e.g. Loudon 2000). Usually, this means that a photon is absorbed by an
atom, which is then excited from its initial state to an intermediate state, whereafter
a photon with a lower energy is emitted by the atom (in a random direction). The
atom is then de-excited to its final energy state, which is still higher than its initial
state. In some (rare) cases, the photon may gain energy from the atom (which may

happen if the atom was already in an excited state).

Schmid (1989) showed that the observed emission features can be produced by the
Raman scattering of the O VI doublet by neutral hydrogen. The initial photon with
frequency v; excites hydrogen from its ground state, 1s 2S, to an intermediate state,
from where the Raman-scattered photon with frequency v is emitted, leaving the

atom in the excited state 2s 2S. From the conservation of energy, the frequency of
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O VI A1032
0 VI 21038

Fig. 5.13: Energy levels involved during the Raman scattering of O VI photons by H 1.
(Adopted from Schmid 1989, Fig. 2.)

the scattered photon is given by
VE= V=g, (5.1)

where v;; represents the frequency difference between the initial and final atomic
states. For such a scattering scenario, wavelengths of 6825.44 A and 7082.40 A are
obtained for the Raman scattered components of O VI A\1032 and O VI A1038 re-
spectively. Such emission can be strongly polarized (Schmid and Schild, 1990). A

schematic representation of the energy levels involved is given in Fig. 5.13.

The wavelengths of the O VI doublet is close to that of LB A1026, therefore the
intermediate state lies close to 3p 2P°. The size of the scattering cross-section in-
creases strongly when the energy of the intermediate state approaches that of a
bound state, therefore the scattering cross-section for 21032 should be larger than
for A1038. This is indeed observed in symbiotic star spectra, where the intensity of
the ~ 6830 A feature is about 4 times larger than that of the ~ 7088 A feature.

During the Raman scattering process described above, the wavelength shift of an
. Incident O VI photon is amplified by the wavelength ratio between the scattered and
initial photons, which is ~ 6.7. According to Friedjung, Stencel and Viotti (1983),

radiative transfer can be responsible for red shifts in the resonance lines of C 1v,

N V and Si IV. This can also explain the ~ 5 A difference between the predicted

and observed wavelengths of the Raman scattered O VI lines, which would require
a shift of 0.11 A in the original O VI lines.
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Fig. 5.14: Schematic illustration of the production of double-peaked Raman-scattered O VI
emission lines in RR Tel. (Adopted from Lee and Park 1999, Fig. 1.)

5.4.2 Evidence of an accretion disc in RR Tel

Lee and Park (1999) showed that the double-peaked structures and high degrees of
polarization of the Raman-scattered O VI lines in RR Tel provide strong evidence
for the presence of an accretion disc around the primary star. The fact that the
Raman-scattered lines are double-peaked, while the other emission lines are single-
peaked, is interpreted in terms of line-of-sight effects. Fig. 5.14 provides a schematic

diagram of their model.

The neutral hydrogen atoms responsible for the scattering are believed to be mainly
located near the secondary star (Scattering Region (A)), with a small (but non-
negligible) amount of scatterers located in a shell expanding at Veyp, = 30 km 571
(Scattering Region (B)). While an observer viewing the accretion disc at a low incli-
nation angle < will only see single-peak profiles, the H I scatterers near the secondary
will “see” double-peaked profiles from an accretion disc. The emission regions in the
accretion disc can be divided into the red emission region (RER) rotating away
from the secondary, and the blue emission region (BER) rotating toward the se-
condary. Together, they produce the Doppler-broadened, double-peaked emission
profile “seen” by the scatterers in region A. which scatter this double-peaked profile

to longer wavelengths.

A higher mass concentration in the RER relative to the BER can cause the blue

peak of the emission line profile to be weaker than the red peak. It is noted that, in

118




T T T T T
T -10 - ovI -
oct, L q <] & |
n L Lya 01
1
i T N 1NV o)
! L SiV 4
MgVI

5 -11 + cmt Hell [ ng ] —
) NeV 4
5 Lsvy | [NeVi | Nev] I O;V J
= [ r‘] ]
= ‘
EBh | | i
)
° ]

-13 ITETE . | POV S N S Y WU S E U S ST T RS S SN BT

1000 1100 1200 1300 1400
Wavelength (&)

Counts (10%)
oM e o

i

6800 6900 7000 7100
Wavelength (&)

Fig. 5.15: Top: HUT spectrum of RR Tel, showing the O VI A\1032 and 1038 doublet.
Bottom: The optical AAT spectrum, showing the double-peaked, Raman-scattered compo-
nents at ~ 6830 A and ~ 7088 A. The crossed circles denote geocoronal emission. (Adopted
from Espey et al. 1995, Fig. 1 and Fig. 2.)

the illustration of Lee and Park (1999) in Fig. 5.14, the double-peaked O VI \1038
emission line is depicted with asymmetric peaks (red stronger than blue), while the
O VI A\1032 emission is not. However, according to our interpretation, the O VI
A1032 line and its Raman-scattered component should also have the same asym-
metric profile as O VI A1038, and this is confirmed by observations of the 6330 A

component.

Simultaneous observations of the direct O VI lines and their Raman-scattered com-
ponents during March 1995 are presented by Espey et al. (1995). The optical spec-
trum, obtained with the AAT, and the UV spectrum, obtained with the HUT (Hop-
kins Ultraviolet Telescope), are shown in Fig. 5.15. The presence of the blended
O VI AX1032 and 1038 doublet (with each component having a single peak) and the

double-peaked Raman-scattered components are clearly visible.

The discovery of Raman-scattered lines other than O VI in spectra recorded with
the ESO 3.6-m telescope during September 1988 are also reported (van Groningen,
1993). These lines are identified as the Raman-scattered components of He IT AA972
and 949, and C III A977 that are scattered by neutral hydrogen to wavelengths of
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4851 A, 4332 A and 4977 A respectively. The presumably Raman-scattered C III
feature is actually observed as a double-peaked structure with peaks at 4977.0 and

4979.8 A, which is compatible with the velocity spread of the scattered O VT lines.

Schmid et al. (1999) found the shift in the line centre of the Raman-scattered com-
ponent at ~ 6830 A to be +28 km s~!, and its FWHM = 10.7 A. The broad wings
of Har are probably due to the Raman scattering of L3 photons by H I (Lee, 2000).

This concludes the literature review of the target sample for this study. Various
aspects of binary characteristics and accretion have been discussed in relation to the
spectral and temporal behaviour of the sources in different wavebands. The next
chapter is devoted to a discussion of the new optical spectra that were obtained for
the sources CAL 83, N67 and RR Tel. Observational results for SMC 13 will only
be presented in the chapter on X-ray spectroscopy (Chapter 7).




Chapter 6

Optical Spectroscopy

The main focus of this chapter is to apply the technique of optical spectroscopy to a
tew selected sources, which were discussed in the previous chapter. The purpose of
this is to utilize the properties of the spectral lines to constrain the location of the
line-emitting regions within these sources, as well as the kinematical properties of
the line-emitting plasma. Of special interest is possible differentiation between the
line emission from possible disc outflow, outfow driven by radiation pressure from

a hot white dwarf, or possible magnetospheric propelling.

The chapter is structured as follows: An introductory discussion is presented. first
focusing on the instrumentation that was utilized (Section 6.1). Sections 6.2 and 6.3
focus on the observations and data reduction techniques respectively. Sections 6.4
and 6.5 present a very brief discussion related to spectral calibration and analysis
methods. In the last three sections, the results and accompanying discussion of the
selected sources, i.e. CAL 83 (Section 6.6), N67 (Section 6.7) and RR Telescopii
(Section 6.8) are presented separately.

6.1 Instrumentation

Optical spectra of the three supersoft sources were obtained at the South African As-
tronomical Observatory (SAAO) in 2011. The observatory is located approximately
18 km east of Sutherland in the Northern Cape, with coordinates 20° 48’ 38.5" E;
32° 2246" S, at an altitude of 1798 m. The instruments that were used to record the
spectra are the Robert Stobie Spectrograph (RSS) on the Southern African Large
Telescope (SALT), and the Grating Spectrograph on the SAAO 1.9-m (Radcliffe)

Telescope.




6.1.1 The Robert Stobie Spectrograph (RSS)

Relevant information related to SALT and the RSS was obtained from the SALT
website!. The RSS Observer’s Guide (Burgh and Nordsieck, 2009) and the technical
documents of Burgh et al. (2003), Kobulnicky et al. (2003) and Nordsieck and Babler
(2011) were consulted as well. Links to these documents can also be found on the
SALT website.

SALT

SALT is the largest single optical telescope in the southern hemisphere. The primary
mirror has a diameter of about 11 m and consists of 91 hexagonal mirror segments,
each 1 m wide. This compound primary mirror is spherical in shape.- SALT operates
at a fixed altitude of 53° (with observable altitude range 47° to 59°) and can only
rotate in the azimuthal direction to acquire astronomical targets. Target tracking
is achieved by moving the tracker and optical payload over the mirror on a virtual
spherical focal surface, enabling the payload to track targets as the earth rotates
without adjusting the azimuth angle for up to 2 hours. The payload also contains
the Spherical Aberration Corrector (SAC).

RSS

The RSS is mounted at the prime focus of SALT. The SAC provides an £/4.2 beam
and an 8 arcminute feld of view at the focal plane, with a plate scale of 4.5” /mm.
The RSS has three hasic observing modes, i.e. Imaging, Grating Spectroscopy and
Fabry-Perot Imaging Spectroscopy. Polarization optics also introduces a polarimet-

ric sub-mode for each of these three main modes.

The optical layout of the RSS is shown in Fig. 6.1. A variety of longslits can be
inserted in the focal plane (see Table 6.1), as well as custom-designed masks for
multi-object spectroscopy (MOS). The field lens is 10 mm beyond the focal plane.
Behind this lens, waveplates for polarimetry can be inserted. Then follows the col-
limator system, with a 90° fold mirror before the last collimator doublet. A shutter
is situated in the collimated beam, just before the dispersers. The disperser area

contains either a double-etalon Fabry-Perot system, or one of six diffraction gratings.

There is one regular transmission grating and five volume-phase-holographic (VPH)
gratings. Where a regular diffraction grating diffracts light by means of a periodic
surface structure, a VPH grating diffracts light by means of refractive index vari-
ations within its volume (Barden et al., 2000). The advantages of VPH gratings

include their high diffractive efficiency. low induced polarization effects and a ve-

'http://uww.salt.ac.za
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Longslit Width (arcsec) Height (arcmin)

Standard longslits PLO060N001 0.6 8
PLO100N002 1 8
PL0120N001 1.2 8
PL0125N001 1.25 8
PL0150N001 1.5 8
PL0200N001 2 8
PL0300N001 8
PL0400N001 4 8
Polarimetric longslits PL0O060P001 0.6 4
PL0125P001 1.25 4
PL0150P001 15 4
PL.0400P001 4 4

Table 6.1: Longslits available on the RSS. (According to the PIPT 1.98 SALT software.)

Grating Wavelength Usable Bandpass  Resolving Power

coverage (A) angles (°) per tilt (A) (1.25” slit)
pg0300 3700-9000 3900/4400 250-600
pg0900 3200-9000 12-20 ~ 3000 600-2000
pg1300 3900-9000 19-32 ~ 2000 1000-3200
pgl800 4500-9000 28.5-50 1500-1000 2000-5500
pg2300 3800-7000 30.5-50 1000-800 2200-5500
pg3000 3200-5400 32-50 800-600 2200-5500

Table 6.2: RSS gratings (Adopted from Burgh and Nordsieck 2009, p. 6.)

duction of scattered light. Their efficiency also varies with the angle of incidence,
therefore a large wavelength range can be accessed with a single grating by changing
the angle between the beam and the grating normal. This is achieved by using a
rotating grating stage. The VPH efficiency is usually at a maximum at the Lit-
trow condition (where the angle of incidence is equal to the angle of diffraction),
therefore the RSS camera angle has to be adjusted to two times the grating angle.
For a given slit width, a larger grating tilt will also enhance the spectral resolution.
The available gratings, with their wavelength, angle and resolution ranges are listed
in Table 6.2. The efficiencies of the VPH gratings in at different wavelengths and

resolution values are illustrated in Fig. 6.2.

The gratings are only used in first order. Second order transmission is removed by
an appropriate order-blocking filter: in addition to a clear filter, there are 4 “cut-off”
filters for order-blocking. There are also 40 different narrow-band interferometric

filters for Fabry-Perot imaging spectroscopy.
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Fig. 6.1: The optical layout of the Robert Stobie Spectrograph (RSS). (Adopted from
Burgh et al. 2003, Fig. 1.)

The science camera (f/2.2) has a plate scale of 8.6”/mm. The detector subsystem
consists of a mosaic of three E2V 44-82 CCD chips. This mosaic is cooled by a
Cryotiger, and as a result the inherent dark current is insignificant.

A variety of arc lamps are available for wavelength calibration: Ar, Ne, Xe, CuAr,
ThAr and HgAr. See the technical discussion of Nordsieck and Babler (2011) for

more information.

6.1.2 The SAAO 1.9-m Telescope Grating Spectrograph

The information on this instrument was obtained from the SAAO website?, primarily
from the user manual by Kilkenny and Worters (2011) which is also available on the

website.

2http://wuw.saao0.ac.za
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Fig. 6.2: The efficiencies of the VPH gratings of the RSS versus resolution (R) and wave-
length. The contours indicate efficiencies of 50%, 70% and 90%. “D” indicates the grating
thickness in microns and “dn” the modulation in the refractive index. Most of the VPH
grating efficiencies peak at > 90%, which is appreciably higher than e.g. the efficiencies
of the regular diffraction gratings of the 1.9-m Telescope Grating Spectrograph shown in
Fig. 6.4. (Adopted from Burgh and Nordsieck 2009, p. 6, Fig. 4.)

The SAAO 1.9-m (Radcliffe) Telescope

The Radcliffe Telescope has a primary mirror with diameter 1.9-m. It has an equato-
rial mount and all observations are carried out with the telescope on the eastern side
of the polar axis. It has an £/4.85, 22.49” /mm Newtonian focus which is rarely used,
and an /18, 6”/mm Cassegrain focus which can be used with the following science
instruments: the Grating Spectrograph, the GIRAFFE Echelle Spectrograph, the
HIPPO (High speed Photo-Polarimeter), the SAAO CCD (STE3/STE4) and the
UCT CCD Photometer.

1.9-m Grating Spectrograph

The optical layout of the spectrograph is shown in Fig. 6.3. The guide mirror is a
plane mirror oriented at 45° to the incident beam. It has an elliptical hole in the cen-
tre, effectively creating a circular 6.5” aperture to incident light. During acquisition,
the mirror is moved to an off-centre position, and the light that would have been
focused at the slit, is reflected from the guide mirror and reaches the acquisition
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Fig. 6.3: The optical layout of the 1.9-m Grating Spectrograph. (Adopted from Kilkenny
and Worters 2011, p. 31, Fig. 4.3.)

CCD. This enables the observer to point the telescope to the exact target position.
After acquisition, the guide mirror is centred, and the target beam can reach the
spectrograph slit. A guide star near to the target has to be selected so that the light
from the guide star is reflected from a ~ 4’ annulus on the guide mirror just out-
side the circular aperture. The acquisition camera is then moved to an appropriate
position (on an XY slides system) to intercept the guide star image, which is then
used for autoguiding.

The observer can choose one of a number of different filters which are contained in
the filter wheel. There are the different colour filters (BG38, BG39 and GG495) for
order separation, as well as a number of neutral density filters that may be required

for the observation of extremely bright stars.

Two types of arc lamps are available: CuAr and CuNe. When taking an arc expo-
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Grating Lines Order Dispersion Bandpass Blaze wave- Resolution

(mm~1) (A/mm) 4) length (A) (A)
4* 1200 1 50 800 4600 1
5 1200 1 50 800 6800 1
2 20 350 3400 0.5
6* 600 1 100 1600 4600 2
7 300 1 210 4200 4600 )
8* 400 1 155 2300 7800 4
2 75 1150 3900 2
9 830 1 65 960 7800 1.5
2 30 480 3900 0.7
10 1200 1 50 800 10000 1
11 600 1 100 1600 10000
12 300 1 210 4200 10000

Table 6.3: Available gratings of the 1.9-m Grating Spectrograph (Adopted from Kilkenny
and Worters 2011, p. 73.)
*Gratings 4, 6 and 8 have been severely scratched.

sure, the arc mirror is moved into the beam; the light from the target is blocked and
the light from the arc lamp reaches the slit. If a colour filter is inserted in the sky
beam, the same type of filter should be used in the arc beam.

The focal point of the Cassegrain configuration is on the entrance slit. The slit
width can be set to one of 28 possible values, ranging from 0.15” to 4.19”. The slit
illumination lamp is used to illuminate the slit, and consequently an image of the
slit is formed on the acquisition CCD. Whenever this lamp is on, the slit shutter
should be closed to protect the science CCD. Slit illumination is used to determine
the position of the slit on the acquisition image, or to focus the acquisition camera.
Behind the slit and its shutter is the rear of slit mirror, that can be used for “knife-
edge” telescope focusing.

The Hartmann shutters (A and B) are situated just after the collimator system.
Shutter A can be used to block one half of the collimated beam, while shutter B can
be used to block the other half. A focus test of the spectrograph camera is carried
out by recording two arc spectra — the first with shutter A in the beam and the
second with shutter B in the beam.

Several diffraction gratings with different resolutions and accessible wavelength ranges
are available, and are listed in Table 6.3. The blaze wavelength of a grating repre-
sents the wavelength for which the grating has the maximum efficiency for a given
order. The wavelength range accessed by a grating will vary with the grating angle.
The viability of using a grating in a certain wavelength range also depends on the
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Fig. 6.4: Efficiency curves for the gratings of the 1.9-m Grating Spectrograph. For gratings
5, 8 and 9, second-order efficiency curves are shown as well (on the left). The thick red curve
extending from ~ 3250 — 10700 A represents the efficiency of the science CCD. (Adopted
from Kilkenny and Worters 2011, p. 83, Fig. 9.15.)

efficiency of the grating in that range. The efficiency curves for the different gratings

are shown in Fig. 6.4.

The science CCD is a SITel 1798 x 266 pixel chip with a linearity maximum of
~ 40 000 counts per pixel, a gain of 1 and readout noise equal to 6.7 electrons. The

dark current associated with this chip is negligible.

6.2.1 RSS

The galactic symbiotic nova RR Tel was observed with the RSS on 27 June 2011, and
the close binary supersoft source CAL83 in the LMC was observed on 26 November
2011. All the different instrumental configurations that were used are shown in
Table 6.4. A list of the target exposures are provided in Table 6.5. An arc lamp
spectrum was recorded after each iteration sequence. (Wavelength calibration by

6.2 Observations

means of arc spectra is discussed in Section 6.4.)
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Setup Longslit Grating Grating Range Resolution Filter Arc

width (”) angle (°) (A) (A) lamp
A 1 pgh9n0  12.88  3342-6453  ~3.8  pc03200 ThAr(0.36A)
B 1 pg3000 43.62  4216-4925 ~ 0.8 pc00000  CuAr(0.062A)
C 0.6 pe0900  12.13  3057-6175  ~23  pc00000  ThAr(0.24A)
D 0.6 pe0900  19.62  5882-8801  ~23  pc04600  Xe  (0.124)

Table 6.4: Difterent RSS configurations used for the observations in Table 6.5. The values
in brackets after the arc lamp specifications indicate the approximate uncertainty in the
wavelength calibration.

Target Setup® Start date and time (UT) Exposures

RR Tel A 2011-06-27 21:28:02 4x60 s=2405
B 2011-06-27 21:40:38 6 x 150 s =900 s
CAL 83 C 2011-11-26 01:31:20 6 x 37 s=12225
D 2011-11-26 01:55:47 6 %37 s=2223

Table 6.5: RSS target exposures.
“Refer to the different instrument configurations in Table 6.4.

6.2.2 1.9-m Grating Spectrograph

During an observing run in September 2011, optical spectra of the SMC planetary
nebula N67 and the galactic source RR Tel were obtained. The different instrumen-
tal configurations that were used are presented in Table 6.6, and the target exposures
are listed in Table 6.7.

A set of 20 to 40 dome flat field exposures were taken at the start of each observing
night. A set of bias frames were also recorded —15 per night during the April
observing run, and 20 per night in September, except for the nights of 14 and 19
September, for which the bias frames of 15 and 20 September respectively were used.

An arc spectrum was recorded before each target spectrum.

6.3 Basic CCD data reduction

Every raw CCD image not only contains photons from the program star collected by

the spectrograph, but also unwanted signal, or noise. Such noise can originate from

Setup Slit Grating Grating Range Resolution Filter Arc

width () angle (°) (A) (A) lamp
E 15 4 5.4 4040-4904 ~1 None  CuAr(0.094)
F 15 5 2.9 6220-6968 ~1 GG495 CuNe(0.024)

Table 6.6: Different 1.9-m Grating Spectrograph configurations used for the observations in
Table 6.7. The values in hrackets after the arc lamp specifications indicate the approximate
uncertainty in the wavelength calibration.
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Target Setup® Start date and time (UT) Exposures

RRTel E 2011-09-14 18:15:07 2% 900 s=1800s
RRTel 2011-09-15 19:43:42 4 %900 s =3600s
RRTel 2011-09-16 21:43:16 2% 900 s =1800s
4 x 600 s =2400s
RRTel F 2011-09-17 21:11:47 4x180 s=7205s
N67 2011-09-18 00:05:05 2 x 1800 s = 3600 s
RRTel 2011-09-19 21:04:08 4%x180 s=720s
RRTel 2011-09-20 21:00:29 2x 180 s=360s

Table 6.7: 1.9-m Grating Spectrograph target exposures.
sRefer to the different instrument configurations in Table 6.6.

various sources, such as readout noise, cosmic rays, thermal current and hot pixels,
dust or internal reflections in the telescope. In order to produce a CCD spectrum

of good quality, these artefacts have to be removed.

Each CCD exposure was stored in FITS (Flexible Image Transport System) format,
which can handle tables and multi-dimensional arrays very effectively. The reduction
and analysis of these CCD spectra were cairied out by making use of the software
program IRAF V2.15.1a (Image Reduction and Analysis Facility). This section
provides an overview of the most basic reductions that are required, and concludes
with a brief summary of how the data sets were reduced with IRAF. A detailed
discussion of CCD reductions with IRAF can be found in Massey (1997).

6.3.1 Overscan, bias correction and trimming

The first step is to calibvate the signal on each CCD frame to the zero noise level
(e.g. Howell 2006, p. 52-54). Consider an unexposed CCD pixel, i.e. one with zero
collected photoelectrons. The digital count value of such a pixel (i.e. value stored
on computer) after readout and analog-to-digital (A/D) conversion can be expected
to have a mean value of zero, with a small distribution about zero due to readout
noise and computer noise. Therefore, CCD electronics are configured to provide a
positive offset value for each image in order to avoid negative count values in the
raw image. This offset is known as the bias level and represents a “pedestal” on top

of which science and other detected counts accumulate.

Most CCD images contain an overscan region, which is created by an extra number
of empty readout cycles that do not contain any of the charge accumulated on the
CCD. The overscan region of an image is used to obtain the mean bias level for

the image (or for each row separately if; the bias level varies significantly over the

different rows), and this is then subtracted from every pixel.




A bias frame is a zero-second exposure of the CCD, which simply consists of a read-
out of the pixels and an A/D conversion to produce a digital image on computer.
Bias frames contain more information than the overscan regions, as they reveal two-
dimensional structure that may be present in the bias level. After applying overscan
corrections to all the CCD frames (including the bias frames), several bias frames
can be combined to obtain a master bias frame, and, if necessary, this can then
be subtracted from the science frames (and any other calibration frames like dark

frames and flat frames) to correct for structure in the hias level.

As soon as this is done, the area of the CCD chip that contains the science data can
be determined, and the strips at the edges that do not contain useful data can be

trimmed off.

6.3.2 Dark current correction

Any material above 0 K will be affected by thermal noise (e.g. Howell 2006, p. 47-
50). In a CCD, thermal energy can free electrons from the valence band, and these
“dark current” electrons become part of the signal when the CCD is read out.
Science CCD’s are cooled by making use of a liquid nitrogen dewar, or thermo-
electric cooling methods. The significance of the dark current depends primarily on
the operating temperature, and also on the characteristics of the CCD. The necessity
of correcting for dark current will therefore depend on the situation at hand. A dark
frame is simply an exposure taken with no light reaching the CCD (i.e. with a closed
shutter). This will contain only thermal noise and contributions from hot pixels, and
by subtracting an appropriate master dark frame (created from several dark frames)

from the science images, these effects can be removed.

6.3.3 Flat field correction

A flat field exposure involves exposing the CCD to a uniformly illuminated cali-
bration source, such as an illuminated dome screen or the twilight sky. Such a flat
field contains information about the pixel-to-pixel variations in the response of the
CCD. as well as the effect of dust, vignetting and internal reflections in the telescope
(e.g. Wodaski 2002, p. 238-244). After hias and dark correction, the science images
can be divided by a combined master flat field to compensate for these artefacts. A
separate master flat field should be used for different instrumental configurations,

as it characterizes the system sensitivity and behaviour under specific conditions.

Clearly, a flat field exposure should be uniformly illuminated. However, this is often
not the case in practice, for example the flat lamp used to illuminate a dome screen
for dome flats may illuminate the central part of the screen more strongly than

the edges. To remove the large-scale gradients from such a fat feld exposure, the
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flat is divided by a heavily smoothed version of itself. This removes the illumination
pattern. and ouly the small scale respouse effects are retained. Therefore, if necessary
and applicable, the master flat field can first be illumination corrected before it is

used to calibrate the target exposures.

6.3.4 RSS data reduction summary

Fidelity checking and pre-calibration were already performed on the RSS data ob-
tained from SALT by a semi-automated SALT PyRAF pipeline. This pipeline per-
formed gain corrections depending on readout and gain modes, as well as overscan
subtraction and cross-talk corrections. There are six amplifiers in the detector. and
the data from each is originally stored in a separate Header/Data Unit (HDU) in
the FITS file for each expostre. The pipeline also mosaicked the data from the six
amplifiers into a single two-dimensional image. Finally, we trimmed all the pre-
calibrated two-dimensional images with the IRAF task ccdproc, keeping the region
[1:3162,60:1900]. As the science CCD dark current is negligible, no master dark

correction was performed, and also no master bias or master flat correction.

6.3.5 1.9-m Grating Spectrograph data reduction summary

By examining a sample of the data frames with the IRAF task implot, the area of
the CCD chip that contains useful data was determined to be [26:1774,1:133] (known
to IRAF as the “TRIMSEC”). The appropriate overscan region (known to IRAF
as the “BIASSEC”) was noted to be [4:21.1:133], and these regions were specified
to the task cedproc. The task ccdproc, as well as the tasks zerocombine and

flatcombine mentioned below, is part of the noao.imred.ccdred package.

The bias frames were combined with zerocombine, yielding one master bias for
every observing night. The master bias for every night was subtracted from all the
target and flat field frames of that night with the ccdproc task, which also applied
the overscan corrections and trimmed the images. One master flat was created
from the set of fiat frames for each night with flatcombine, and an illumination
correction was applied to each master flat frame. Consequently. the science images
for each night were divided by the corresponding illumination corrected master flat
- frame with a second pass through ccdproc. Because the dark current in the science

CCD is negligible, no dark frame calibration was carried out.

6.4 Spectral calibration and extraction

After these basic reductions, a set of noise-corrected CCD images were obtained.
On the target images, the target spectrum can be seen as an elongated trace in the

dispersion direction. Shown in Fig. 6.5 is an example of such a two-dimensional
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Fig. 6.5: An exposure of RR Tel recorded with the RSS, with basic reductions performed.
The bright trace in the z-direction (dispersion direction) represents the spectrum of RR, Tel,
with its strong emission lines clearly visible as the bright points on this trace. On the right,
several sky lines are visible as elongated structures covering the whole CCD in the y-direction
(cross-dispersion direction). The two black strips correspond to the gaps between the CCD
chips. :

target image: an exposure recorded of RR Tel with the RSS, using configuration A
in Table 6.4. The dispersion direction will be referred to as the z-direction, with the
cross-dispersion direction as the y-direction. In this section, the procedures that were
carried out to obtain the final spectrum from such two-dimensional target images
will be outlined. For a detailed discussion of spectral calibration and extraction with
IRAF, see Massey, Valdes and Barnes (1992).

6.4.1 Wavelength calibration

The next step is to transform the CCD pixel coordinates in the dispersion direc-
tion to wavelength coordinates (in A). This is achieved by using comparison arcs
(e.g. Massey and Hanson 2010, p. 33). Such a comparison arc is obtained by record-
ing a spectrum of a discharge tube (e.g. CuNe or ThAr) at exactly the same instru-
mental configuration as the science exposure. Arc spectra have strong emission lines
at known wavelengths, and thus enable the transformation of a pixel scale in the
z-direction to a wavelength scale. Because the discharge tube illuminate the whole
slit, the arc emission lines extend over the whole CCD in the y-direction.

The wavelength calibration was accomplished by utilizing various tasks in the noao
IRAF package. For each arc exposure, the tasks identify and reidentify were
used to assign the correct wavelength values to the arc emission lines at intervals
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of 5 pixels in the y-direction, in other words a dispersion solution was obtained at
every fifth “horizontal” row in the two-dimensional arc image. The task fitcoords
was consequently used to fit a two-dimensional polynomial (with order 4 in both
dimensions) to the assigned coordinates, and a transformation function was created
for mapping the [z,y] pixel coordinates to a [A,y] coordinate system. The transform
task was used to perform the actual transformation of the target frames to [Ay]

coordinates, using each target frame’s corresponding arc’s transformation function.

6.4.2 Background/sky subtraction

After performing the wavelength calibration, background subtraction was performed
on the two-dimensional images. The background includes spectral lines originating
from the atmosphere (“sky lines”) superimposed on the target spectrum. It is there-
fore crucial to subtract the background correctly to get rid of the contribution from

sky lines.

Because the whole slit is illuminated by the sky, the sky lines extend over the whole
CCD image, while the target spectrum is only contained in a few adjacent rows
corresponding to the target position on the slit. As seen in Fig. 6.5, the sky lines
on the [z,y] image have a curved form because of geometrical distortions. However,
these distortions are accounted for by the wavelength calibration described in the
previous section, and in the resulting [A,y] images the sky lines are perfectly aligned
in the y-direction.

The two-dimensional background subtraction for each target image was performed
by utilizing the background task. This task was used to fit a polynomial func-
tion to each column in the y-direction, excluding the pixels containing the target
spectrum from the fit. For each image column, this fitted function was subtracted
from the column, effectively removing the background from the image and yielding
a background subtracted target image.

6.4.3 Extraction of target spectra

The extraction of each spectrum in the form of an intensity versus wavelength plot
was accomplished by using the task apall. Appropriate aperture regions containing
the target counts in each spectrum image were first determined. An aperture region
encompassing 50 rows centred on the target trace was used for the RSS data, while
a region of 13 rows was used for the 1.9-m Grating Spectrograph data. A cleaning
algorithm was also applied by apall to get rid of cosmic rays. The final spectra were
examined with ds9 and spectool for residual cosmic ray hits not cleaned by the
algorithm, and these were fixed by interpolating across the bad pixels.
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6.4.4 Stacking of spectra

In order to increase the signal-to-noise ratio of a spectrum, a number of spectra of
the same target over the same wavelength range can be averaged or “stacked”. This
was done by using the task scombine. Prior to applying this task. it was verified

that the spectra that are going to be stacked, all have the same shape.

No absolute flux calibration was performed on these data.

6.5 Spectral analysis methods

The IRAF task spectool was used to perform the measurements described in this
section. The first step was to identify the spectral features for each target. The tar-
get spectra were first deredshifted by using the previously determined heliocentric
systemic velocity for each target. This brought the line positions quite close to their
laboratory wavelengths, enabling easier identification. The wavelength positions of
the line centres were determined with a gaussian centering algorithm. After the lines
were identified, the actual velocity shifts of the individual lines were calculated with
the Doppler formula (see Eq. (3.65)), and heliocentric corrections were performed.

An approximate 1o error level was determined for each spectrum by using spectool.

In order to determine the FWHM (full width at half maximum), FWZI (full width
at zero intensity) and equivalent width of certain spectral lines, a Gaussian profile
was [it to each line. The FWHM and FWZI measurements (in A) were corrected

for instrumental broadening by using the following basic formula:

Corrected width = v/ Uncorrected width® — 62 , (6.1)

where § is the wavelength resolution.

The laboratory air wavelengths of the spectral lines were obtained from the NIST
Atomic Spectra Database® (NIST, 2011).

Now that the scientific instrumentation used for this study, as well as the data re-
duction procedures have been reviewed, the results of the spectroscopic study of
CAL 83, N67 and RR Tel will be presented consecutively. After the presentation of
the results related to each individual source, a brief discussion will follow immedi-

ately.

http://vww.nist.gov/pml/data/asd.cfn
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6.6 CAL 83

6.6.1 Results

The RSS spectra taken on 26 November 2011 were combined into two averaged spec-
tra: one in the blue aud one in the red, and these are shown in Fig. 6.6. The only
strong emission features discernible above the noise level are the He IT A4686 and Hev
A6563 emission lines. The weak feature at 4863.78 A is concluded to be HB \4861
emission, while the weak feature superimposed on the blue wing of He II may be
C IIT and C IV emission, as suggested by Crampton et al. (1997). Fig. 6.7 provides

plots of the He II and Ha lines in terms of velocity, illustrating their broad structure.

The profile measurements are presented in Table 6.8. The velocity shift of the
centroid of each spectral line from its laboratory wavelengths after heliocentric cor-
rections is given as Aw. Also included in the table is the conversion (by means of
Eq. (3.50)) of the ionization energy obtained from Table B.1 to a temperature, T'(¢;),
for each of the line-cmitting species identified in the spectrum. The thermal encrgy
T'(\) associated with the line wavelength according to hv ~ %kT (see Eq. (3.53)) is

also shown.

The average heliocentric velocity displacement of the emission lines from their lab-
oratory wavelengths is 190 km s™!. According to Eq. (3.65), the spectral resolution
1

of ~ 2.3 A corresponds to a velocity resolution of ~ 100 km s™" in the vicinity of

Ho A6563, and ~ 150 km s~! in the vicinity of He II \4686.

The FWZI of 1380 km s™! presented in Table 6.8 for the He II \4686 line represents
the range from 4678 to 4700 A, as determined from the wing limits of the Gaussian
profile fit. However, when inspecting the line profile (see Fig. 6.6 and Fig. 6.7),

it seems that the blue wing of the He II emission actually extends to ~ 4600 A,

ID Lab A T(e;) T(A) Av W, FWHM  FWZI
(A) K K (km/s) (A) (A) (km/s) (A) (km/s)

¢ I, ~ 4650 — 4660 262 800 ~ 20 600

CI1v? 555 300

He I1 4685.68 285 100 20 470 200 -6.19 5.57 356 21.56 1380

Hp 4861.35 - 19730 ~150 ~ -2 ~5 ~300 ~21 ~ 1300

Ha 6562.82 - 14 610 224 -13.6 9.75 445 35.9 1640

Table 6.8: CAL 83 emission lines detected with the RSS. The parameters were derived
by fitting a Gaussian profile to each emission line. Awv represents the heliocentric velocity
shift of the measured line from its laboratory wavelength. The FWHM and FWZI values
were cotrected for the effect of instrumental broadening with Eq. (6.1), using § = 2.3 A. As
the HfA emission is barely discernible above the noise level, its profile measurements only
provide a rough estiinate.
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Fig. 6.6: The average CAL 83 spectrum recorded with the RSS. The resolution is ~ 2.3 A.
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Fig. 6.7: The He 1I \686 and Ha A6563 emission lines of CAL 83 detected with the
RSS, plotted in terms of velocity relative to the centres of these lines. The resolution is
~ 150 ki s~ for the left panel and ~ 100 km s~! for the right panel. The spectrum was
smoothed with a box size of 3 data points for display purposes. The error bar indicates a
typical 1 error level on either side of a data point.

representing a ~ —5500 km s~! shift from the rest wavelength.

6.6.2 Discussion

The observed emission lines are expected to originate from an accretion disc around
the primary white dwarf. The He II A4686 emission line exhibits a very broad wing
structure to the shorter wavelength side, similar to what has been ohserved before
(e.g. Fig. 5.4). While the FWZI of the “main component” is ~ 1380 km 57!, the
blue wing extends to ~ —5500 km s~! from the peak value. The presence of this
extended emission component is in favour of the presence of a wind or jet with a

large collimation angle from the accretion disc in CAL 83.

The presence of a possible outflow or jet from the disc may in fact be a distinct
possibility if the compact object in CAL 83 is a rapidly rotating magnetized white
dwarf accreting from an accretion disc. For white dwarf magnetosphere-disc inter-
action outside the corotation radius, magnetospheric propelling of the plasma may
result in an outflow of material from the accretion disc along open magnetospheric

field lines.

No similar wing structure is observed in the HS line. However, the possibility of

such structure in HAB can not be excluded, as the Hf3 emission in our spectrum is
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just discernible above the noise level.

Comparison of the FWHM and equivalent widths (W),) of the emission lines in Ta-
ble 6.8 with the previously measured values in Tables 5.6, 5.7 and 5.8, shows the
following: The values of Wy and the FWHM for the He IT \4686 line are within the
range of the (variable) values measured previously, although the central wavelength
shift is somewhat smaller than the values in Table 5.7. The equivalent width of the
Hf line (~ —2 A), is close to the lowest values in Table 5.7, but the new FWHM
is 2 2 times larger than the corresponding FWHM values. However, the weakness
of Hf emission in our spectrum introduces significant uncertainty related to the

current profile measurements.

The W, values given for Ha in Tables 5.6 and 5.8 (-18 A and -21.9 A) are somewhat

larger than the newly measured value of -13.6 A. While this still requires further in-

vestigation, this may be related to the transient nature of CAL 83, as the equivalent

width is a measure of the line intensity.

In order to determine the orbital phase at which our spectra were recorded, the
mid-exposure UT times of the combined spectra were determined and converted to
Barycentric Julian Dates (BJD). All conversions in this work involving BJD were
carried out with the Time Utilities of the Ohio State University? (Eastman, Siverd
and Gaudi, 2010). All BJD values determined from here on are expressed in the

Barycentric Dynamical Time system (TDB).

For the CAL 83 spectra, BJD 2455891.566 was obtained at mid-exposure for the blue
spectrum and BJD 2455891.583 at mid-exposure for the red spectrum. Converting
the time of minimum light of the orbital ephemeris of Schmidtke et al. (2004) to

BJD yields the following orbital ephemeris:
To = BJD 2451500.954 £ 0.004 + 1.047568E = 0.000003 d .

Relative to this ephemeris, the blue spectrum was recorded at ¢ = 0.24 and the red
spectrum at ¢ = 0.26, yielding, by approximation, ¢ ~ 0.25 for our observation.
By the definition of orbital phase, the primary and secondary stars pass through a
plane perpendicular to our line of sight at ¢ = 0.25, with the primary moving to-
wards us and the secondary away from us. This means that the maximum possible
radial velocity components associated with the orbital motion can be measured at

¢ = 0.25 for both the primary and the secondary star.

To put the velocity shifts measured for the emission lines into context, we need

"http://astroutils. astronomy.ohio-state.edu/time
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to determine the expected velocity shifts due to the orbital motion of the system
and the systemic velocity of the source. The systemic velocity of CAL 83 will be
assumed to be more or less equal to the systemic velocity of the LMC, which is
262.2 & 3.4 km s~ according to van der Marel et al. (2002). Because the orbital
phase relative to the above ephemeris is known, one may be able to determine from
what part of the system the emission originates. The velocity shifts expected from

the system were calculated in the following way:

Based on the literature review in Section 5.1, the following parameters were adopted
for CAL 83: My ~ 1.3Mg, My ~ 0.5M:, i ~ 25° and Fop = 1.047568 d. The WD
temperature is ~ 47 eV, corresponding to ~ 550 000 K. The given masses yield
¢ ~ 0.38. From Eq. (4.3), the radius of the WD is

Mwp\ % M, 708
Rwp =49 x 108 { —— =40x10% [ —— m 6.2
WD < ML, cm T30, cm (6.2)
The photospheric radius reported for the white dwarf with hydrogen burning in a
shell on its surface is R ~ 8.0 x 108 cin, about twice the size of the white dwarf core
itself.

Substituting the necessary values into Eq. (2.1) yields a binary separation of the

order

. G(]\’.[| + I\/fg)Pozrb 173 54 x 10]] My + Mo 1/3 Porh 23 em
l = —_ . .
4r? 1.8Mgp 1.047568 d
(6.3)

From the definition of the centre of mass in Eq. (2.3), and since ¢ = ay + ag, the

following is obtained:

ap = ——A/[Q a=15x 10" ( My > <M1 + ]\/[2>_1 <_____a, : > cm
My + M; 0.5Mqg 1.8Mg 5.4 x 101 ¢m
(6.4)
and
az = a—a; = (54— 15) x 10" cm = 3.9 x 10'! em. (6.5)

By using Eq. (2.2) and Eq. (2.5), the binary parameters presented above can be
used to show that the maximum value of the heliocentric velocity displacement
(Aw) from the systemic velocity of a spectral line originating from near the primary

due to orbital motion is

a

Zray oo o Porb ~ 7 sing .
sini ~ 44 ! g .
Poro (1.5 x 10! c1n> (1.047568 d Goome ) kmsT, (66)

yielding Av = —44 km s~ at ¢ = 0.25 and Av = +44 km s7! at ¢ = 0.75. The

K=
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corresponding value for a spectral line originating near the secondary yields

9 L . ] -1 i ‘
Ky — 2ma2 s 110 {zg ' P '5111/ ko 51|
Loty 3.9 x 10" ¢m 1.047568 d sin 25°

(6.7)

Le. Av=+4110km s™" at ¢ = 0.25 and Av = —110 km s~! at ¢ =0.75.

Referring the above to the systemic velocity of 262.2 km ™! shows that, at ¢ = 0.25,
Av = (262.2 ~ 44) kin s7! ~ 218 km s~" would be expected for spectral lines that
originate near the WD and thereby follow the orbital motion of the WD. On the
other hand. Av = (262.2 + 110) km s~ ~ 372 km s~" would be expected for lines
originating near the secondary star at ¢ = 0.25. As the velocity shifts of He II A4686,
Hp and Ha are 200 km s™', ~ 150 km s™' and 224 km s~ respectively, our data
provides evidence that the emission originate from near the WD, assuming that
CAL 83 has the same systemic velocity as reported for the LMC. This supports the
scenario of emission from an accretion disc around the WD. (Although the veloc-
ity resolution of ~ 150 km s~! in the blue region of the spectrum, as well as the
uncertainty in the measurement of HS may compromise a conclusive statement for
the blue lines in this regard, the ~ 100 km s~! resolution in the vicinity of He is

considered adequate to distinguish between 218 km s~* and 372 km s~ 1))

A thermal ionization temperature of at least ~ 285 100 K would be required for
the initial ionization of He I to He II. Given the WD temperature of approximately
550 000 K, it is entirely possible for He II ions to be produced in the system. The
most probable temperature associated with Balmer emission is ~ 10 000 K. At
lower temperatures, most atoms are in their ground states, while Balmer emission
involves transitions to the n = 2 level. The temperature associated with the Balmer

emission is consistent with the temperatures associated with an accretion disc.

Comparison of the profile widths of Ha and HB with the combined thermal and
pressure broadencd profiles in Fig. 3.10 corresponding to a gas with T = 10 000 K,
shows that the T- and P-broadening for He, even for relatively high electron den-
sities, is much smaller than the measured broadening, therefore the measured He
broadening is mainly ascribed to Doppler broadening due to rotation in the system.
For Hp3, the same argument holds for electron densities up to N, ~ 1018 cm ™3, but

for larger densities, pressure constitutes a major broadening mechanism.

The WD temperature of ~ 550 000 K can be considered as an upper limit to the tem-
perature of the accretion disc, as the disc temperature will decrease with increasing
radius (see Eq. (2.65)). The FWHM for thermal broadening can be calculated from

Eq. (3.70), with the mass of the He atom being m & 4m,. Even for temperatures
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up to ~ 550 000 K, the thermal broadening FWHM of the He II A4G86 emission line
is less than 1.3 A. For larger atoms and ious, the thermal broadening effect will be

even smaller.

Although a detailed study of pressure broadening for atoms heavier than hydro-
gen has not been performed as part of the current investigation, the Stark effect is
known to be less pronounced for larger atoms, and also weaker for ions than for the
corresponding neutral atoms (Struve, 1929). It is therefore assumed that pressure
broadening effects for He II contribute even less to the broadened profile than in Her,
and that the broadening of the He II A4686 line is mainly due to the radial velocity

of orbiting material in the system.

However, when inferring radial velocities directly from the profile widths, it should
be noted that these values represent upper limits, because, strictly speaking, other
broadening mechanisms (even though they may be negligibly small in some cases),
still contribute to the line profile. The contribution of the broadening effect of tur-
bulence to the line profiles was not quantified in our current discussion. In cases
where a high degree of turbulence is expected in the plasma, meticulous modelling

should also account for its broadening effect.

Another factor to keep in mind during the subsequent discussion is that any par-
ticular emission line will only contain photons from regions in the system where
the particular emitting species are present. The ability of certain atoms or ions
to exist at certain radii in the accretion disc is evidently related to the tempera-
ture profle of the disc. For instance, the Balmer emission lines typically ocenr at
~ 10 000 — 15 000 K, with more and more of the H atoms being ionized at higher
temperatures closer to the WD. Balmer emission from regions very close to the hot
WD is therefore very unlikely. As a result of this consideration, the Keplerian veloc-
ity derived from the wing limits of an emission line will correspond to the maximum
Keplerian velocity in the accretion disc for the region in the disc from where the

particular emission line originates.

The FWZI for the “main component” of He II \4686 is ~ 1380 km s~!. This
implies radial velocities of ~ 690 km s~* towards and away from the observer for the
He II emission regions in the accretion disc that are rotating at the highest speeds.
Compensating for the inclination of the system by dividing by sin 25°, yields an

azimuthal speed of ~ 1630 km s™! in the accretion disc. Substituting this value into
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Eq. (2.34) yields

GA/\[ 1 Q Af[| VK -2 .
R=""=649 x 10° i m = 16.2Rwp .
2 8 <1.3M@> <1.630 X108 cms—1 ) M WD
(6.8)

'K
where Rwp is the radius of the degenerate white dwarf core as determined from its

mass. Therefore the measured radial velocity corresponds to a Keplerian orbit at
a radius of 16.2Rwp. Because larger radii imply smaller Keplerian velocities, this

value represents a lower limit to the He I emission region of the accretion disc.

A similar analysis for the HB line yields R ~ 18 Rwp. For the Ha profile, I =
11-5R\/VD-

From Eq. (2.32), the circularization radius is

Reive = a(1 + ¢)(0.500 — 0.227 log ¢)*
(5.4 x 10" em)(1 +0.38)(0.500 — 0.227 log 0.38)*

, (6.9)

=9.4x 10" ¢cm

= 235Rwp ,

and Eq. (2.21) yields
0.49¢~2/%
Ry =a ; T
’ 0.6¢72/3 +1In (1 + ¢~1/3)

. 0.49(0.38)~%/3

= (5.4 x 10" —

(54107 em) g A (1+ (0.38)-173) (6.10)

=2.5x%x 10" cm

= 630Rwp

for the radius of the Roche lobe of the primary WD. The Keplerian radii calculated
above can now be compared to the values of R and Ry in order to construct an
idea of whether the calculated Keplerian radii are compatible with the approximate

regions in the system where an accretion disc can be expected.

The Keplerian radii exceed the radius of the white dwarf by a factor of > 10, and are
much smaller than the circularization radius and Roche lobe radius of the WD. The
calculated Keplerian radii are therefore consistent with emission from an accretion
disc around a white dwarf in CAL 83.
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Fig. 6.8: Average NG67 spectrum recorded with the 1.9-mn Grating Spectrograph. The
spectral resolution is ~ 1 A. The error bar indicates a typical 1o error level on either side
of a data point.

ID LabX T(e) T(A) Av Wy FWHM FWZI
(4) (K) (K) (km/s) (A) (A) (km/s) (A) (km/s)
[NII] 6548.05 168500 14650 158  -87.7 121 554 550 251
Hee o 6562.82 - 14610 155  -344.3 146  66.7  6.25 286
[NII) 658345 168500 14570 156  -316.6 113 515 531 242

Table 6.9: N67 emission lines detected with the 1.9-m Grating Spectrograph. The param-
cters were derived by fitting a Gaussian profile to cach emission line. Aw represents the
heliocentric velocity shift of the measured line from its laboratory wavelength. The FWHM
and FWZI values were corrected for the effect of instrumental broadening with Eq. {6.1),
using d =1 A.

6.7 NG67

6.7.1 Results

The two N67 spectra obtained on 18 September 2011 were averaged to a single spec-
trum. Three strong emission lines are present. The lines were identified as Ha and
two [N I} lines by consulting the line identification table for this source compiled by
Meatheringham and Dopita (1991). The average spectrum is shown in Fig. 6.8, and
the lines are plotted in terms of velocity in Fig. 6.9. The measurements of the line
profiles are given in Table 6.9. The spectral resolution is ~ 1 A, which corresponds

to ~ 46 ki s~ 1.

The average shift of the lines from their laboratory wavelengths, after heliocentric
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Fig. 6.9: The [N II] A6548, Hor A6563 and [N 11} A6583 emission lines (frowm left to right) of
NG7 detected with the 1.9-m Grating Spectrograph, plotted in terms of velocity relative to
the centres of these lines. The spectral resolution is ~ 46 km s~1. The error bar indicates
a typical 1o error level on either side of a data point.

corrections, is 156 km s™!, and considering the velocity resolution of our spectra
(~ 46 km s71), this is in good agreement with the value of 145.6 + 0.6 km s~
obtained by Harris and Zaritsky (2006) for the heliocentric radial velocity of the
SMC.

6.7.2 Discussion

These emission lines are thought to originate in the expanding nebular region. Pres-
sure broadening of the Ha emission line is not expected to be important here, due to
the low densities in the nebula. The thermal broadening FWHM for Ha at 10 000 K
is 0.47 A, and at 15 000 K the FWHM is 0.57 A.

The temperature required for the initial ionization of N I to N II is ~ 168 700 K.
In Section 5.3, a range of different possible temperatures were quoted for the nu-
cleus of N67, e.g. ~ 13.3 eV (~ 154 000 K) derived from XMM-Newton data, and
~ 34.5 eV (~ 400 000 K) derived from ROSAT data. These temperatures show that

the ionization of N I to N I by radiation from the nucleus is therefore quite plausible.

The nebular electron temperature derived from the [N II} and [O III] lines by
Meatheringham and Dopita (1991) is ~ (1 — 3) x 10? K, which yields a thermal
broadening FWHM of ~ 0.2 A for [N II]. The thermal broadening FWHM for N IT]

at much higher temperatures of up to ~ 343 600 K, at which ionization to N IIT will

commence, is ~ 0.8 A. Pressure broadening is assumed to be negligible due to the

low density of the nebula and the large atomic mass of N atoms.




Emission line Thermal FWHM (A) Corrected FWHM (A)® V.., (km/s)®

[N I1] 26548 ~02-08 ~0.91 - 1.19 ~21 27
Ha AG563 ~0.47 - 0.57 ~1.34-1.38 ~31-32
[N II] A6583 ~02-08 ~0.80 - 1.11 ~18 - 25

Table 6.10: Calculation of NG67 expansion velocity from FWHM values measured with the
1.9-m Grating Spectrograph.

* Corrected for instrumental and thermal broadening.

b Vixp = 0.5 FWHM

Based on theoretical considerations, the expansion velocity of an unresolved neb-
ula can be expressed in terms of the FWHM corrected for instrumental and ther-
mal broadening by Vey, = 0.5 FWHM (see Stanghellini et al. 1999 and references
therein). In order to calculate expansion velocities, the estimated thermal broad-
ening was subtracted from the instrumental broadening corrected FWHM values in
Table 6.9 by utilizing Eq. (6.1) again, this time substituting the thermal broadening
FWHM into 0. Veyxp was consequently calculated from the final corrected FWHM for
each emission line. The results are presented in Table 6.10. The calculated values
of Vexp are relatively close to the previously reported nebular expansion velocity of

27.9 km s~ 1.

6.8 RR Telescopii

6.8.1 Results

A broadband medium-resolution and a blue high-resolution spectrum of RR Tel
were obtained by combining the RSS pg0900 and pg3000 spectra of 27 June 2011
respectively, and the average spectra are shown in Fig. 6.10. Another blue spectrum
and a red spectrum were obtained by combining the blue and red spectra recorded
with the 1.9-m Grating Spectrograph on 18 September 2011, and these are shown
in Fig. 6.11 and Fig. 6.12.

All the spectra exhibit a collection of strong nebular emission lines that are cha-
racteristic of RR Tel. The spectra were searched for the Raman-scattered emis-
sion components discussed in Section 5.4.2, i.e. the scattered components of the
O VI \1032 and 21038 doublet at ~6830 A and ~7088 A, the scattered components
of He II A972 and X949 at 4851' A and 4332 A, and the scattered component of C III
A977 at 4977 A.

The Raman-scattered components of He II and C III were not detected in our
spectra. However, the strong, double-peaked Raman-scattered component of the
O VI A1032 line is present at 6828 A in the red spectrum recorded with the 1.9-m
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Fig. 6.10: Average spectra of RR Tel recorded with the RSS. Top: pg0900 spectrum
(spectral resolution ~ 3.8 A). Bottom: pg3000 spectrun (spectral resolution ~ 0.8 A). The
strongest emission lines have been truncated.
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Fig. 6.11: Average blue spectrum of RR Tel recorded with the 1.9-m Grating Spectrograph.
The spectral resolution is ~ 1 A.
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Fig. 6.12: Average red spectrum of RR Tel recorded with the 1.9-m Grating Spectrograph,
with the identities of the strongest emission lines indicated. The spectral resolution is ~ 1 A.
The Ha emission line has been truncated. The error bar indicates a typical 1o error level
on either side of a data point.
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ID Lab A (A) T(e) (K) T(A) (K) Av (km/s)

1 ”, ~ 6300 15220

Sc 11 75 900

[S 111 6312.06 271 400 15 190 -64.6
[0 1] 6363.88 - 15070 66.4
[Ar V] 6435.10 693 600 14 900 66.5
Cal 6499.65 - 14 750 -37.8
He IT 6527.12 285 100 14 690 -66.7
[N 11] 6548.05 168 500 14 650 -66.1
Ha 6562.82 — 14610 -65.5
N 11) 6583.45 168 500 14 570 -67.8
He I 6678.15 ~ 14 360 -66.0
He I1 6683.23 285 100 14 350 -88.7
O VI (Raman) 1321000 92 930"

He II 6390.88 285 100 13 920 -60.3

Table 6.11: Identification of the strongest ewission lines in the red 1.9-m Grating Spectro-
graph spectrum of RR Tel.

*Blend.

PTemperature corresponding to wavelength of 1032 A unscattered photons.

Grating Spectrograph (Fig. 6.12). The discussion in this section will therefore focus
on the analysis of this spectrum, in particular on the double-peaked O VI line, which
is the main feature of interest. Our spectra did not extend to 7088 A, therefore we

were unable to verify whether the scattered component of O VI A1038 was present.

For the current purposes, only the strongest emission lines in the red spectrum were
identified by comparing our spectrum to the line lists of McKenna et al. (1997) and
Kotnik-Karuza et al. (2009). The identified lines are listed in Table 6.11. The mean
heliocentric velocity shift of the emission lines is —65.1 km s™!, which is close to the
value of —62.3 km s™! quoted in Section 5.4. The resolution of the red spectrum
is ~ 1A, corresponding to ~ 46 km s~ The FWZI values for the emission lines

(except for Ha and O VI) range between ~ 100 — 200 km s~ 1.

A blend of two Gaussian profiles was fit to the double-peaked, Raman-scattered
O VI feature at 6828 A, and from the fit the FWZI (corrected for instrumental
broadening) was determined to be ~ 26.9 A, corresponding to ~ 1180 km s~'. Be-
cause the wavelength shift of each photon is amplified by a factor of ~ 6.7 during
the scattering process, the FWZI of the original O VI A1032 line was ~ 4.0 A (still
corresponding to ~ 1180 km s~!). The red peak is considerably stronger than the

blue peak.

In Fig. 6.13, the [O I] A6364 line and the Raman-scattered O VI line are plotted in

terms of velocity dispersion, and the broad structure of the O VI line relative to the
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Fig. 6.13: The nebular [O I] \6364 emission line (left) and the Raman-scattered 0O VI
)\6828 emission line (right) of RR Tel. Note the wide, double-peaked structure of the O VI
line compared to the typical width of a nebular line. The spectral resolution is ~ 46 km s+,

The error bar indicates a typical 1o error level on either side of a data point.

nebular [O 1] line becomes evident. By fitting a Gaussian profile to the [O 1] line,
it was determined that the FWHM is 0.97 A (corrected for instrumental broadening).

The Hor emission line has very broad wings, extending to ~ 1000 km s! to either
side of the central wavelength. This was ascribed to Raman scattering of L5 photons
by H I (Lee, 2000).

6.8.2 Discussion

The presence of the double-peaked Raman-scattered O VI feature provides strong
evidence for the presence of an accretion disc in RR Tel, as explained by Lee and Park
(1999). The high strength of the red peak relative to the blue peak can be explained
by the higher mass concentration in the red emission region (RER) compared to the
blue emission region (BER), possibly due to the ballistic accretion stream impinging
on the RER segment of the disc (see Fig. 5.14). Because the Raman-scattered O VI
line provides us with a view of the system from the perspective of the secondary
star, regardless of the orbital phase, such a configuration will always cause an en-
hancement in the strength of the red peak relative to the blue peak. The velocity
width of the Raman-scattered O VI line associated with the high Keplerian speeds

in the accretion disc is notably larger than the width of the other emission lines that




originate in the expanding nebular “shell” around the source (refer to Fie. 5.14).
=3 o

The lonization temperature required for initially ionizing O Vto O VIis ~ 1321000 K,
implying that there is or must have been a hot X-ray compouent in the emission
from the WD, even though the soft spectrum dominates. Jordan et al. (1994) did
find a hard component in the X-ray spectrum. which they ascribed to collisional
shocks. Even at such high temperatures, the thermal broadening FWHM of O VI is
< 0.25 A. Thermal and pressure broadening is now assumed to be negligible com-
pared to rotational broadening in the accretion disc, which is expected to introduce

the dominant broadening effect.

The expansion velocity of the nebular region can be estimated from the FWHM
of the.[O I] A6364 line in Fig. 6.13. The thermal broadening FWHM of this line
at T(A) = 15 070 K is 0.14 A, and near the limit of 13.614 eV (~ 158 000 K) for
lonization to O II, the thermal FWHM is 0.45 A. Subtracting these values from
the FWHM of 0.97 A by means of Eq. (6.1) yields a corrected FWHM range of
0.86 — 0.96 A, which corresponds to an expansion velocity range of 20 — 23 km s~
according to Ve, = 0.5 FWHM, which is comparable to the known expansion ve-

locity of Vexp = 30 km s™! for RR Tel, given the current velocity resolution.

In analogy to the analysis that was performed for CAL 83, we will now proceed to
estimate the relevant dimensions in the binary system that would constrain the size
of an accretion disc. The Keplerian radius corresponding to the velocity width of
the O VI line will be compared to these dimensions to evaluate the possible presence

of an accretion disc in terms of the distances involved.

According to the literature review in Section 5.4, the mass of the WD in RR, Tel
is My ~ 0.9Mg, and the orbital period P, = 387 d. The WD temperature is
estimated to be ~ 12.2 eV, corresponding to ~ 142 000 K. The radius of the WD
according to Eq.(4.3) is

e

Myp \ %8 M, \70®
Rwp = 4.9 x 10° (%) cm = 5.3 x 108 <W) em . (6.11)
. ()

The photospheric radius reported for the WD and its shell is 6.3 x 10? cm. As
the secondary star is thought to be a Mira variable, a typical mass estimate of
the secondary will be My ~ 1 — 2M, (e.g. Wyatt and Cahn 1983). Adopting
My ~ 1.5M¢, (implying ¢ ~ 1.7), the binary separation is of the order

G(M + My)P2, 1/°

a = o orb =921x 10]3 (
s

A’['l. + ]\/[2 ) s < Porb

2/3
> cm, (6.12)

2.4M,, 387 d
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using Eq. (2.1). It follows that

. Mo L3y 100 M2 My + Mo\ ™! a o
= —_— = 1. - T
VTOMy + My 1.5Mp 2.4Mo 2.1 x 10" ¢m
(6.13)
and hence
4y = a—ay = (2.1 — 1.3) x 10" ¢cm = 8 x 10" cm. (6.14)
From Eq. (2.32), the circularization radius is
Reive = a(1 + ¢)(0.500 — 0.227 log ¢)*
= (2.1 x 10" cm)(1 + 1.7)(0.500 — 0.227 log 1.7)* (6.15)
=23 x 10" cm '
= 4300 Rwp ,
and using Eq. (2.21) yields
R 0.49¢~%/3
L =a : _
L1 0.66]‘2/3 +1n (1 + q—l/s)
0.49(1.7)~%3
= (2.1 x 10" cm —
( : )0.6(1.7)‘2/3 +1n (1 + (1.7)71/3) (6.16)

=7.0x10"2cm
= 13000Rwp

for the radius of the Roche lobe of the primary WD.

Because the double-peaked Raman-scattered O VI emission feature at 6828 A is
thought to be the result of scattering by neutral hydrogen close to the companion
star, it will be assumed that these scatterers are viewing the disc at an inclination

angle of 90°.

From the FWZI of ~ 1180 km s~!, the upper limit for the Keplerian velocity in the
disc is therefore ~ 590 km s™!, yielding a lower limit for the radius of the O VI

emitting region of

GM, } M VK -2 ,
R = =34 10 - m = 64Rwp . (6.17
2 3410 <O.91\/[O> (5.90 x 107 ¢cm s~! em = 64Rwp - (6.17)

UK

Once again the calculated Keplerian radius can be compared to the values of R
and Ry to get a qualitative indication of whether the Keplerian radius is in the
range of what can be expected for an accretion disc in RR Tel. The Keplerian racius
is significantly larger than the radius of the WD, but orders of magnitude smaller

than the circularization radius and the Roche lobe radius of the WD. The broad-
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ened. double-peaked profile of the detected O VI line is therefore consistent with

emission from an accretion disc well inside the Roche lobe of the white dwarf.

In addition to the analysis of optical spectra that was discussed in this chapter,
spectral and timing analysis of archived Chandra and XMM-Newton data were also
performed. In the next chapter, the X-ray component of our observational investi-
gation is presented for two sources: SMC 13 and CAL 83.



Chapter 7

X-ray data analysis

In this chapter, the results of the analysis of archived X-ray data of the supersoft
X-ray sources SMC 13 and CAL 83 are presented. The nature of the soft X-ray
spectrum of SMC 13 is investigated by fitting a simple model to Chandra data, and
the strong variations in the X-ray light curve is also considered. For CAL 83, the
results of a systematic search for short time-scale periodicity in archived X-ray data
is presented. The chapter is therefore divided into two main sections: in Section 7.1,
the X-ray data analysis for SMC 13 is discussed, while the timing analysis of XMM-
Newton data of CAL 83 is presented in Section 7.2. Each of these two sections are
structured as follows: A brief overview of the relevant X-ray telescope is provided,
followed by a summary of the observations and the data calibration procedures.
The last part of each section consists of an overview of the relevant data analysis

methods, directly followed by the results and discussion for each source.

7.1 Chandra observations of SMC 13

7.1.1 The Chandra X-ray Observatory

The Chandra X-ray Observatory was launched by NASA in 1999. It is in a high
Earth orbit, completing one orbit in 63.5 hours. This makes uninterrupted obser-
vations of up to ~ 47 hours possible. Chandra consists of a spacecraft, a telescope
and a science instrument payload with high sensitivity and resolution. Detailed
information can be found on the Chandra website!, and The Chandra Proposers’
Observatory Guide ( Chandra X-ray Center, 2011).

The main components of Chandra are illustrated in Fig. 7.1. The High Resolution
Mirror Assembly (HRMA) consists of a set of four nested grazing-incidence Wolter
Type-I mirrors. The Pointing Control and Aspect Determination System (PCAD)
controls the pointing and dithering of the telescope during observations. The focal
plane science instruments are the Advanced CCD Imaging Spectrometer (ACIS) and

'http://chandra.si.edu
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Fig. 7.1: The Chandra X-ray Observatory. (Adopted from http://www-xray.ast.cam.
ac.uk/xray_introduction/Chandra.html, Cambridge X-ray Astronomy 2005.)

the High Resolution Camera (HRC). Two transmission gratings are available for use
with these CCD’s, namely the LETG (Low Energy Transmission Grating) and the
HETG (High Energy Transmission Grating).

The intrinsic energy resolution of the ACIS detectors provides the ability to ob-
tain high-resolution images and medium-resolution spectra simultaneously. ACIS
consists of two CCD arrays. Four chips arranged in a 2x2 array comprise ACIS-I,
which is used for imaging, and another six chips in a 1x6 array comprise ACIS-S,
which is used for either imaging or with the HETG (or LETG) for high-resolution
spectroscopy. Any combination of up to 6 of the CCD’s can be used simultaneously.
There are two different operating modes for ACIS. The first is Timed Exposure (TE)
mode, which enables the readout of a full CCD chip at a nominal frame time of 3.2 s,
or only a sub-array of a CCD chip at a higher time resolution. The second operating
mode is Continuous Clocking (CC) mode, which provides a time resolution of 3 ms
at the expense of one dimension of spatial resolution. Several telemetry formats are

also available.

The HRC also has two components: HRC-I which is used for wide-field imaging,
and HRC-S which is used with the LETG for grating spectroscopy at low energies.

Only ACIS-S, HRC-S and the LETG were used in the observations discussed in this
chapter, and more technical information on these instruments are provided in the

tables in Appendix D.
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Obs ID Instrument Start date Mode Exposure PI®

and time (UT) time (ks)
4535 ACIS-S3 2005-01-30 16:56:17 VFAINT TE 40.14 J. Greiner
7456 HRC-S+LETG  2007-02-12 18:25:16 40.19 T. Lanz
8519 HRC-S4+LETG  2007-02-18 00:42:08 42.67 T. Lanz

Table 7.1: Chandra observations of SMC 13.
*Principal Investigator.

7.1.2 Observations

In this chapter, three archived Chandra observations of the supersoft source SMC 13
will be discussed. Omne observation used ACIS-S (more specifically, the ACIS-S3
chip), without a grating, in TE mode, with the telemetry format being VFAINT
(Very Faint), which is appropriate for observing very faint sources. The other two
observations were performed with HRC-S+LETG. A summary of the observations
is provided in Table 7.1. According to our knowledge, no results have so far been

published on these observations.

7.1.3 Data calibration

The calibration of the data was carried out by following standard data calibration
procedures with the CIAO (Chandra Interactive Analysis of Observations) software,
Version 4.3, using Version 4.4.5 of the CALDB (CIAO Calibration Database). The
CIAO website? and Fruscione et al. (2006) can be consulted for more detail.

The initial reduction of the data sets were performed by using the chandra_repro
script, which produces a new level=2 event file with the latest available calibrations

applied. as well as a new level=2 Type IT PHA file for grating data.

7.1.4 Spectral analysis
Spectral extraction

The source region for the ACIS-S data was defined as a circle with a radius of 4.99”
centred on the source position, which is expected to contain ~ 98% of the source
photons. A concentric annulus with an inner radius of 9.84” pixels and an outer
radius of 18.4"” was defined as a background region. The area of the background
annulus is therefore 10 times the area of the source region, and the background level -
derived from the annulus was scaled by a factor of ILO during all further analysis
procedures. The CIAO task specextract was used to extract a source spectrum
(including background) and a background spectrum, as well as the necessary re-

sponse-files necessary to translate detector counts to an absolute fux level: an ARF

thtp://cxc.harvard.edu/ciao4.4/index.html
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(Ancillary Response File) and an RMF (Response Matrix File).

For the LETG observations, a standard extraction region in the form of a bow-tie
was used to extract the source spectrum (including background) from the dispersed
spectrum recorded with the HRC-S. The intrinsic energy resolution of the HRC-S de-
tector is not sufficient to distinguish between first-order and higher-order diffracted
photons, therefore only two source spectra were extracted for each LETG obser-
vation: one containing all the negative orders and one containing all the positive
orders. Background counts were obtained from regions on the detector on the outer
sides (“top” and “bottom”) of the bow-tie source region, and one background spec-
trum was created for the negative orders and one for the positive orders. The tasks
mkgrmf and mkgarf were utilized to create RMF's and ARF’s for the first three

positive and negative orders of the grating data.

Blackbody model fitting

A simple absorbed blackbody model was fitted to observations 7456 and 8519 with
the spectral fitting program ISIS (Interactive Spectral Interpretation System), Ver-
sion 1.6.1-26. Relevant information related to this software can be found on the
ISIS website® and also in the ISIS 1.0 Technical Manual (Houck, 2010). Some of the
functions in the custom S-lang scripts?® of Nowak (2011) were also used in conjunc-
tion with ISIS.

Each observation was analysed separately. For each of them, the source+background
and the background spectra in the positive and negative orders, as well as the re-
sponse files for the first three positive and negative orders, were loaded into ISIS,
and the positive and negative orders were fitted simultaneously. Although the first
and higher orders can not be separated with the HRC-S energy resolution, higher
orders can still be accounted for by using higher-order response files during the fit-

ting procedure.

The spectral range extends from 0.08 to 10 keV, but the source spectrum was only
detected in the 0.165—0.827 keV (15— 75 A) range, and only this interval was consi-
dered during the fitting procedure. There are two plate gaps in the HRC-S detector,
yielding zero counts for two intervals positioned near —50 A and 60 A. Electrical
field-fringing effects in the few bins bordering on a plate gap can lead to high back-
ground in these regions. Therefore the gap regions, as well as a few channels on
both sides of eacl gap. were ignored during the ftting procedure. The spectra were

rebinned by a factor of 50, i.e. the channels were added together in groups of 50 each

3nttp://space.mit.edu/cxc/isis/
“http://space.mit.edu/home/mnowak/isis_vs_xspec/download.html
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to increase the S/N. This lowered the spectral resolution to ~ 2.5 A

The fits were performed with the Imdif fitting algorithm, which is a variant of
the Levenberg-Marquardt minimization algorithm. This algorithm is based on the
minimization of the x? fit statistic, which is given by (e.g. Arnaud, Dorman and
Gordon 2011) \
2 _ v [CU) - Gp(d))]

X ; = (7.1)
The parameter I depicts a certain instrument channel, with C(I) representing the
measured counts in channel I and Cy(I) the predicted model counts in channel I.
The error for channel I is given by o(I). The degrees of freedom (DOF) of the fit
is defined as the number of channels minus the number of model parameters, and
the “reduced x?” is defined as x?/DOF. A reduced x? value close to 1 indicates a
good fit, although the validity of the model also depends, of course, on whether it

provides a scientifically feasible interpretation.

Two fits were performed for each observation: one with the column density Ny as
a free parameter, and one with Ny fixed at the galactic value of 6.94 x 1020 cm™2
quoted in Section 5.2. The background level was not subtracted prior to the fitting,

but was incorporated and accounted for during the fitting procedure.

Because the response of the ACIS-S detector can only be calibrated down to 0.245 keV
(50.6 A), conclusive fit parameters were not obtained for observation 4535. Therefore
the spectral fitting of observation 4535 is not discussed here.

Results

The spectra of observations 7456 and 8519 are shown in Fig. 7.2, with the best-fit ab-
sorbed blackbody models overplotted (for the fits with Ny fixed at 6.94x10%° cm™2).
The best-fitting parameters are shown in Table 7.2.

The parameters kT.g, Ny and F, were measured from the data, while Ly, R and
Mwp were obtained from further calculations. The bolometric luminosity is related
to the bolometric flux by Lyo = 4mD?F,. Hilditch, Howarth and Harries (2005)
determined the mean distance to the SMC to be D = 60.6 + 2.8 kpc. Therefore, for
SMC 13,

D 2
Lbol = 4.39 x 1047 cm2 <W) x F, , (72)

where 1 pc = 3.086 x 10'8 cm, yielding the values presented in Table 7.2. The
photospheric radius R corresponding to each fit was calculated from the bolometric
luminosity and effective temperature by means of Eq. (2.112).
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Fig. 7.2: Chandra LETG spectra of SMC 13: observation 7456 (top) and 8519 (bot-
tom). For each observation, the best-fitting absorbed blackbody model with Ny fixed at
6.94 x 10%° cm~2 is overplotted. The fit parameters are presented in columns (2) and (4)
respectively in Table 7.2. A single model produces two slightly different count profiles when
folded through the responses of the different grating orders, which are seen as the two slightly
different model curves for each spectrum. The gap in each of the spectra is due to the spaces
between the HRC-S detectors.




Parameter Obs 7456 Obs 8519

Niz free Ny fixed Ny free Ny fixed
(1) (2) (3) (4)

kTer (eV) 34.4 732 325 £ 1.8 44.8 732 35.0 119
Ny (10% cin—?) 6.12 718 6.94 3.81 ot 6.94
F, » (10749 erg cm™=2 s~ 1) 1.24 ¥3:34 2.15 T9-17 0.24 7935 1.56 *543
Lio (10%7 erg s71) 5.44 T1458 9.42 *3:38 1.05 *3 98 6.83 7208
R (10° cm) 1.73 +2:38 2.55 1954 0.45 +9-25 1.88 *03%
Mwn /Mg (for Rwp = R) 0.21 F9-23 0.13 +9-1¢ 112 Hhre 0.18 7923
Mwp /My, (for Rwp = 1R)  0.49 1191 0.30 7038 265+ 0.44 954
¥*/DOF 181.2045/159 181.743/160 181.6378/159 194.4119/160

= 1.140 =1.136 =1.142 =1.215

Table 7.2: Results of absorbed blackbody fits to Chandra HRC-S+LETG spectra of
SMC 13. An SMC distance of 60.6 kpc was adopted. 90% confidence errors are given.
*Unabsorbed bolometric flux.

PImpossible for a WD, as it is way above the Chandrasekhar limit of 1.4M,.

Estimates of the WD mass were obtained with Eq. (4.3) for two cases: first by assiim-
ing that the WD radius is equal to the calculated photospheric radius (Rwp = R),
and then by assuming that the WD radius is half the photospheric radius (Rwp =
1 R)
5 12).

The determined masses for observation 8519 with Ny as a free parameter (data
column (3) in Table 7.2) are obviously much larger than for the other fits, and
for (Rwp = %R) a mass of 2.65My is obtained, which significantly exceeds the
Chandrasekhar mass. It is also noted that the value of Ny for this spectral fit is
much smaller than the galactic value in the direction of the SMC, while the 7456
fit with Ny as a free parameter does yield a more credible value for Ny (column
(1)). However, the fact that a blackbody model is only a crude estimate for the
underlying spectrum. leads us to the conclusion that the fits where Ny is fixed to
the known value of 6.94 x 10%° cm~2 will yield more credible results than those
where Ny is allowed to vary as a free parameter. Therefore the fit results for

Ny = 6.94x10%° ¢cm™~2 in columns (2) and (4) are considered to be more appropriate.

Discussion

The average temperature of ~ 34 eV derived from the blackbody fits in columns

(2) and (4) of Table 7.2 is within the range of previously determined temperatures
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reported in Section 5.2.

From the various considerations in Section 5.2, it seems that the mass of the WD
in SMC 13 may be ~ 0.6M/;. However, the values of Mwp in columns (2) and (4)
seem to indicate a lower WD mass, even though the upper error limits for the masses
corresponding to Rwp = %R do include 0.6M;,. If the size of the hydrogen burn-
ing shell contributes more than half of the photospheric radius, even smaller values

of Rwp will obviously be obtained, yielding larger WD masses for our fit parameters.

The adopted test values for the WD radius (Rwp = R and Rwp = %R) are only
useful as estimations, because the exact contribution of the hydrogen burning layer
to the photospheric radius is not known. However, the fact that Suleimanov and
Ibragimov (2003) found AMwp ~ 0.65 — 0.85M for Rwp = R implies that, if the
mass of the WD is indeed ~ 0.6 Mg, the WD radius is very close to the photospheric

radius.

When comparing the Lo values determined from our blackbody fits to those in
Section 5.2 (e.g. in Tables 5.9 and 5.10), it becomes evident that our Ly values are
larger than the previously reported values, especially when compared to the lumi-
nosities derived from the more sophisticated LTE and NLTE models. This confirms
the issue that was mentioned earlier, namely that blackbody fits tend to overestimate
the WD luminosity, because actual WD atmospheres are more efficient emitters of
soft X-rays than blackbody emitters. The overestimation of Ly translates to an

underestimation of the WD mass.

Our spectra therefore await fitting with more sophisticated WD atmosphere models,
and it is expected that these will yield more accurate parameters for the WD and
the surrounding hydrogen burning region, including a slightly higher WD mass. At
this stage, it can be concluded that the derived blackbody radii are compatible with
emission from a hydrogen burning WD. Also, a WD mass of 0.6M is not excluded
by our fits and is quite plausible when considering the complications involved with

a blackbody approximation.

7.1.5 Timing analysis
Procedure

The arrival times in the level=2 event files of the three observations were corrected to
the solar system barycentre (in the TDB system) by using the CIAO task axbary
with appropriate information on the orbit of the satellite and the position of the
target. Consequently, dmextract was used to create a background-subtracted light

curve fromn the corrected event file of each observation.
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For the ACIS observation (4535), the source and background regions described in
the previous section were used. For the LETG observations (7456 and 8519), a
source region with a radius of 5” was defined, centred on the position of the zero-
order grating image. A concentric annulus with an inner radius of 6.6” and an outer
radius of 13" were used for the background, yielding an area equal to 5 times the
source area, and the background values were scaled by a factor of % in the extraction

procedure.

The very weak intrinsic energy resolution of the HRC-S complicated defining clear-
cut wavebands for light curves in different energy ranges. Therefore, for observations
7456 and 8519, the created light curves contain all the detected zero-order source
photons in the range of the HRC-S (~ 0.08~ 10 keV). For observation 4535, a similar
light curve was created, containing all source photons in the range ~ 0.14 — 10 keV.
However, as mentioned previously, the source spectrum is actually only detected in
the ~ 0.165 — 0.827 keV range, therefore the three “broad-band” light curves men-

tioned above encompass essentially the same (complete) source spectrum.

The intrinsic energy resolution of the ACIS-S detector was used to create two ad-
ditional light curves: one in the “soft” band (0.100 — 0.250 keV) and one in the
“hard” band (0.251 — 0.500 keV), in order to compare the form of these light curves
to that of the ROSAT light curves in Fig. 5.11. However, the hardness ratio was
calculated in a different way than the ROSAT hardness ratio in F ig. 5.11, in order to
suit the detectable energy range of SMC 13 covered by Chandra somewhat better.
The hardness ratio was defined as HR=H/(H+S), where H is the munber of counts

above 0.5 keV and S is the number of counts below 0.5 keV.

Two different sottware packages were used for the timing analysis reported in this
chapter. One is the Xronos Timing Analysis Software Package, which is part of the
HEAsoft software distribution. Detailed discussions on the different Xronos tasks
can befound in the Xronos User’s Guide (HEASARC, 2009). The other is the Star-
link PERIOD timing analysis package®. In this section, the software was used to
search for an orbital period in the Chandra X-ray data around the period of 0.1718 d
(4.123 h) found by Kahabka (1996a) in the ROSAT data.

The Xronos task powspec makes use of a discrete fourier transform (DFT) al-
gorithm to create a power spectrum from binned light curves or from event files
containing arrival times. The task efsearch can be used to search for periodicities
around a given period P. The task folds the data over a range of periods and de-

termines the x? value for the folded light curve for each test period. The intrinsic

5http://www.starlink.rl.ac.uk/star/docs/sunl67.htx/su11167.html
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Fourier frequency resolution of a power spectrum is given by Af = 1/7", where T is

the total length of the data set. This translates to an uncertainty in the period over
a range of ,
P

AP = T (7.3)

or %AP to either side of P. The default spacing between consecutive efsearch test

periods is %AP. When the position of the strongest peak has been identified, the

search period spacing can be made even smaller to determine the exact position of

the peak centroid. However, doing this will of course not change the amount of

uncertainty in the peak position, as the latter only depends on the total length of

the data set.

The PERIOD task SCARGLE creates a Lomb-Scargle periodogram, which is de-
signed for finding periodicities in unevenly sampled data (Lomb, 1976; Scargle. 1982).

A broad-band light curve with a binning of 100 s was created for each SMC 13 ob-
servation. Each separate light curve was detrended by normalizing to the mean, and
then subtracting 1 to obtain a light curve varying about zero. Initially, powspec
was used to create a power spectrum from each detrended light curve for each ob-
servation separately. Each of the power spectra exhibits a frequency peak at the
approximate position of the orbital period. However, the uncertainty in the peak
positions is very high. as Eq. (7.3) yields a very poor resolution of AP ~ 5500 s
when searching for periods around 0.1718 d in a data set with a length of ~ 40 ks

(which is the approximate length of the observations discussed here).

In order to obtain a higher period resolution, the normalized broad-band X-ray light
curves of ohservations 4535, 7456 and 8519 were joined together to form one long
* combined data set (with binning 100 s). The combined light curve was detrended by
using the PERIOD task DETREND to subtract the mean and divide by the stan-
dard deviation to obtain a data set with a zero mean and a standard deviation of 1.
The task SCARGLE was consequently applied to the combined data set to yield a
Lomb-Scargle periodogram in order to determine the period more accurately. Due
to the ~ 2-year gap hetween the first two data sets and the ~ 1-week gap between
the last two, the aliasing effects made it difficult to decide which one of the peaks

represents the true periodicity in the data.

Consequently, a combined broad-band light curve was created using only the ob-
servations of February 2007 (Obs 7456 and 8519), and a similar Lomb-Scargle pe-
riodogram was created. The PERIOD task PEAKS was utilized to determine the
peak with maximum power in the 2007 periodogram. The position of this (relatively

broad) peak was used to choose the appropriate peak on the high time-resolution
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periodogram obtained by combining all three data sets, and the PEAKS task was

used to determine its position.

The soft, hard and HR light curves of observation 4535 were folded on the newly
determined period by making use of the Xronos task efold, using the time of mini-
mum light of the third minimum of the 4535 light curve. This was done to enable

easier comparison to the phase-binned ROSAT light curves in Fig. 5.11.

The orbital ephemeris of van Teeseling et al. (1998) quoted in Section 5.2 can be

rewritten in BJD terms as
1o = BJD 2450434.1327 +£ 0.0006 + 0.1719260E + 0.0000007 d . (7.4)

Expressing the orbital period above in terms of hours yields FPop, = 4.126224 +
0.000017 h. The three broad-band light curves were folded on the orbital ephemeris

above to investigate the phasing of the X-ray eclipses compared to the previous data.

Results

The broad-band X-ray light curves of the three SMC 13 observations are shown in
Fig. 7.3. For easier comparison, each light curve was normalized to its mean count

rate.

The power spectra for the three separate observations are presented in Fig. 7.4.
All three exhibit a strong frequency peak at ~ 6.25 x 10~5 Hz, corresponding to
4.44 =+ 0.89 h. This period is compatible with the known orbital period of the sys-

tem, but the peak position is obviously very weakly resolved.

The Lomb-Scargle periodograms obtained from the combined data sets are shown
in Fig. 7.5. The strongest power peak obtained from the combination of the 2007
data sets is at a period of 4.12 4+ 0.06 h. By using the position of this broad peak to
choose the correct peak from the high time-resolution periodogram, a final period
of 4.1214 £ 0.0005 h is obtained.

The “soft” and “hard” X-ray light curves extracted from observation 4535, as well
as the hardness ratio, are provided in Fig. 7.6. These light curves are folded with
the newly determined orbital period of P, = 4.1214 h with respect to the epoch
of the third minimum of the data set itself, which is positioned at BJD 2453401.5682.

The broad-band light curves of the three observations folded through the orbital

ephemeris of van Teeseling et al. (1998) are shown in Fig. 7.7.
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Fig. 7.4: Power spectra of SMC 13 from Chandra data.

167




200 r T T
Combination of all 3 Chandra obs
Combination of 2007 Chandra obs
150 | 1
—
o
3 100 | 1
/&)
a
50 E
0 :.A‘“HL’: > /A Vi . W2 O, A TP 2 ot £ "y,
0.0000 0.0002 0.0004 0.0006 0.0008 0.0010
Frequency (Hz)
200 T T T T
Comblination of all 3 Chandra cbs ———
Combination of 2007 Chandra cbs ——
41214 h
150 | | ]
— ; B
] ;
2 100 | ) . - ]
& . ; , ‘
& .
50 FflA /)] (TRt 1A f §
0 /\ ‘ L\ VA \/\/
0.000060 0.0000865 0.000070 0.000075
Frequency {Hz)
Fig. 7.5: Lomb-Scargle periodograms of combined Chandra light curves of SMC 13. Top:
showing the frequency range up to 0.001 Hz. Bottom: zooming in on the chosen peak (see
text) at 4.1214 h.




18 L SMC 13 4
QObs 4535
1.6 F 0.100 - 0.250 keV i

14 |

o +

Rate (normalized)
.
T .
.
.
.
i

-~ 1.6 -8.255?5—365.500 eV * * 4
'l AR,
R I
ST i A H

G i, +j

1 1 1 Il 1 i ] L Il !

0.0 0.2 0.4 0.6 0.8 1.0 1.2 1.4 1.6 1.8 2.0
Phase

Fig. 7.6: Chandra ACIS-S Obs 4535 phase-hinned light curves for SMC 13, folded on
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Discussion

The light curves from the three analysed Chandra observations provide evidence that
the X-ray emission from SMC 13 is strongly modulated by the orbital period. The
samme result was found by Kahabka (1996a) from ROSAT data. Because the time
of minimum in the ROSAT light curve is largely defined by only three data points.
Crampton et al. (1997) mentioned the possibility that these few minima might be
caused by the system being in a low state at some epochs, rather than by orbital
modulation. However, each of the Chandra data sets constitutes an uninterrupted
observation of the source for a duration of ~ 2.7 full orbital periods, and the orbital
modulation is clearly evident. As suggested by Kahabka (1996a), the shape of the

X-ray light curve may indicate that the WD possesses a substantial magnetic field.

The orbital period of 4.1214 £+ 0.0005 h determined from the combined data set is
very close to o, = 4.126224+0.000017 h determined by van Teeseling et al. (1998),

although not included in its error ranges.

The folded light curves in the soft and hard X-ray bands in Fig. 7.6 can now be
compared with the ROSAT light curves in Fig. 5.11. Our light curves exhibit the
same sharp, asymmetric form as the ROSAT light curves. In addition to the main
minimum, both the ROSAT and Chandra soft bands show a secondary minimum
between phase values of 0.6 and 0.7. However, for both satellites, this secondary

minimum is not observed in the hard band.

The HR. values can not be compared directly, as they were defined differently and are
also dependent on the response functions of the different satellites. In the ROSAT
light curve, both the minor and major dips are coupled with an increase in the
hardness ratio. The trend of the HR to increase during the secondary minimum in
the soft band is also observed in the Chandra data. However, the relative value of

the Chandra HR is quite low during the main eclipse.

As discussed in Section 5.2, Schmidtke et al. (1996) found from their ephemeris that
the X-ray minimum occurs about 0.25 of a cycle after the optical minimum. How-
ever, when folding the Chandra light curves through the improved orbital ephemeris
of van Teeseling et al. (1998), the phasing illustrated in Fig. 7.7 is obtained, with
the X-ray minimum nearly coinciding with the optical minimum. This is similar
to the phasing obtained by Kahabka (1996a) after folding the ROSAT light curves
through the orbital ephemeris of Schmidtke et al. (1994). A qualitative evaluation
of our folded light curves might even suggest that the X-ray minimum occurs at a
higher phase value for observation 7456 than for observation 4535, and still higher

for observation 8519.
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Therefore a more in-depth analysis of the orbital period and ephemeris need to
be carried out by the timing analysis of these data in conjunction with previous
observations of SMC 13. In particular, simultaneous optical and X-ray observations
are needed to clarify the relative phasing of the minima in these wavebands. High-
resolution optical spectroscopy of SMC 13 with the RSS is also planned for the
future in order to investigate the activity of the accretion disc that may be present

in the system.

7.2 XMM-Newton observations of CAL 83

The optical spectra of CAL 83 revealed strong evidence for a disc and some associ-
ated outflow. The outfow cau only be readily explained in terms ot propeller driven
ontfow. This conld possibly imply the presence of a spun-up white dwarf. There-
fore a search was carried out for periodicities on time-scales of tens to hundreds of
seconds. All the CAL 83 data in the public archives of Chandre and XMM-Newton
were included in this search. While no significant periodic signals on these time-
scales were found in the Chandra power spectra, the XMM-Newton data yielded

some interesting results.

Before the results of the search for periodicity are presented, a qualitative discussion
focusing on the observations and relevant data calibration procedures are presented

briefly.

7.2.1 The X-ray Multi-Mirror Mission (XMM-Newton)

XMM-Newton was launched by the European Space Agency (ESA) in December
1999, and to date it is the X-ray telescope with the largest cffective arca. It is in a
48-hour, high Earth orbit, enabling uninterrupted observations of up to ~ 40 hours.
The scientific payload includes three Wolter Type-I X-ray telescopes. as well as a

30 cm optical/UV telescope (see Fig. 7.8).

XMM-Newton contains six science instrments. There are two Reflection Grating
Spectrometers (RGS) for high-resolution spectroscopy. There are three EPIC (Euro-
pean Photon Imaging Camera) detectors for X-ray imaging and medium-resolution
spectroscopy: MOS1, MOS2 and pn. The Optical Monitor (OM) provides capa-
bility for optical and UV imaging and grism spectroscopy. The available filters for
OM photometry are V, B, U, UVW1, UVM2 and UVW2. The six instruments
can be operated at the same time, enabling simultaneous multi-wavelength obser-
vations. The basic properties of the instruments are summarized in Table 7.3. For

a detailed discussion of the instruments and different observing modes, refer to the
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Fig. 7.8: The XMM-Newton payload. (Adopted from http://xmm.esac.esa.int/
external/xmm_user_support/documentation/technical/Spacecraft/index. shtml.)

XMM-Newton website®, and the XMM-Newton Users Handbook (ESA, 2011).

7.2.2 Observations

The five XMM-Newton data sets in which the periodic signals were found are sum-

marized in Table 7.4.

7.2.3 Data calibration
Initial reductions and extraction

All the data from the different science instruments for each observation were cal-
ibrated by following standard data reduction procedures with the XMM-Newton
SAS (Science Analysis System) software, Version 11.0 (see the Users Guide (XMM-
Newton Science Operations Centre Team, 2011) for a detailed discussion). The
arrival times in the calibrated event files were corrected to the solar system barycen-
tre (in the TDB system) by using the SAS task barycen. Because we will primarily

report on the results of the EPIC pn data, the extraction procedures used for the

6h1:1:p ://xmm.esac.esa.int/
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Instrument EPIC MOS EPIC pn RGS oM

Baudpass 0.15-12 keV 0.15-12 keV 0.35-2.5 keV * 180-600 nin
Target visibility 5-135 ks 5-135 ks 5-135 ks 5-145 ks
Sensitivity ~ 1071 ~ 1074 Db ~8x1078¢ 20.7 wmag
Field of view 30 30 ~ 5 17
PST (FWHM/HEW) 5" /14" 6" /15" N/A 1.4 —20"
Pixel size 40 pm (1.17) 150 pan (4.17) 81 pm (0.009 A)  0.476513"
Thming resolution 1.75 ms 0.03 ms 0.6 0.5s
Spectral resolution ~ 70 eV ~ 80 eV 0.04/0.025 A 3504

Table 7.3: XMM-Newton instrumentation summary. (Adopted from the XMNM-Newton
Users Handhook (ESA, 2011, p. 8, Table 1).)

*For grating order -1.

PIn erg s7!' cm ™2,

<0 VII 0.57 keV line flux in photons cm™2 571,

dWith UV and optical grism.

other detectors will not be described here.

For each EPIC pn exposure, a circular source region with a radius of 40", centred
at the source position, was defined. A rectangular background region with twice
the arca of the source region was defined on the saine chip, but as far as possible
from the source region. By using these regions, two filtered event, files were created
for each exposure: one containing only events from the source region and another
containing only events from the background region. The energy range used in both

cases is 0.15 — 2.5 keV.

7.2.4 Timing analysis
Procedure

The Xronos task powspec was used to create a power spectrum from each of the
5 corrected datasets. The presence of a periodic signal just below 0.015 Hz (corre-
sponding to ~ 67 s) is evident, especially in observation 0506531501 (see Fig. 7.9).
A light curve binning of 20 s was used during the creation of these power spectra.

Smaller and larger bin sizes were also tested and yielded the same peak at ~ 67 s.

The task efsearch was conscquently nsed to scarch for the best-fitting period around
67 s in each data set. A light curve binning of 16.75 s was used, but, once again,
testing different bin sizes did not change the results. A period of 67 s was used
as a starting point and a range of periods to either side were tested (50 intrinsic
fourier resolution elements to each side). As soon as the position of the strongest
peak in each efsearch periodogram was obtained. its position was refined obtained

by decreasing the increment between the consecutive test periods to 0.0001 s.
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Obs ID Instruments Start date Exposure PI*

and exposures and time (UT) time (ks)
0123510101  EPN EFF(3), MOS1 FF(3), 2000/04/23 45.021 F. Jausen
MOS2 FF(3), RGS1 SES(1), 07:34:01
RGS2 SES(1)
0500860301  EPN SW(1), MOS1 SW2(1), 2007/07/06 10.920 T. Lanz
MOS2 SW2(1), RGS1 SES(1), 23:31:52
RGS2 SES(1), OM U(3)
0500860601 EPN SW(1), MOS1 SW2(1), 2007/11/24 23.173 T. Lanz
MOS2 SW2(1), RGS1 SES(1), 21:10:14
RGS2 SES(1), OM U(5)
0506531501  EPN SW(1), MOS1 SW2(1), 2008/08/12 6.918 R. Schwarz

MOS2 SW2(1), RGS1 SES(1), 14:50:27
RGS2 SES(1), OM B(1),
OM UVW1(1), OM UVM2(1),
OM UVW?2(1)
0506531701 EPN SW(1), MOS1 SW2(1), 2009/05/30 46.115  R. Schwarz

MOS2 SW2(1), RGS1 SES(1), 08:00:48

RGS2 SES(1), OM UVW1(1),

OM UVM2(6), OM UVW2(3)

Table 7.4: XMM-Newton ohservations of CAL 83. EPN denotes EPIC pn.  The
different data modes are FF=Full Frame, EFF=Extended FF, SW=Small Window,
SES=S8pectroscopy. The OM filters that were used are also indicated. The numbers in
brackets indicate the number of exposures.

“Principal Investigator.

A similar analysis was performed on the events in the background regions. The
EPIC pn chip in Small Window mode provides a very small exposed detector area.
Although we defined the background region as far away from the source region as pos-
sible, we expected that the “contamination” of the background region by marginal
amounts of source counts from CAL 83 can not be excluded, and that there is a pos-
sibility that this might show up as a weak periodic signal in the background. The
weak feature in the background power spectrum of observation 0500860601 may be
ascribed to such an effect. However. no power peaks that are statistically significant

are present at ~ 67 s in the background power spectra (see Fig. 7.10).

In addition to analysing the defined background regions, we also investigated pos-
sible contamination by counts from other sources by performing timing analysis on
all the detected off-source photons in the EPIC pn. MOS1 and MOS?2 event files.

No 67 s periodicity were found in the off-source counts of any of the observations.

We especially considered contamination from the accreting pulsar XMMU J054134.7-

682550, which is situated ~ 4" away from CAL 83. Although its position is outside
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of the small sky region covered by the EPIC pn chip in Swmall Window mode, its
position is included in the MOS1 and MOS2 detector windows. Manousakis et al.
(2009) found pulsed emission from this source at a period of ~ 61 s in XMM-Newton
observations 0500860301, 0500860401, 0500860501 and 0500860601, during which
the source was observed in outburst. These authors also report that the detected
spin period of XMMU J054134.7-682550 decreased with 1.54 s during ~ 50 days as
a result of spin-up effects. By careful investigation we have excluded the possibility
that the ~ 67 s modulation arises from contamination by XMMU J054134.7-682550

photons, because

e the power spectra of this pulsar calculated from the observations under con-

sideration do not exhibit a peak corresponding to ~ 67 s, and

o the ~ 61 s period (which is decreasing due to spin-up effects) reported for the
pulsar is removed from the ~ 67 s peaks in our data by a substantial amount

of resolution elements in all cases.

Frank Haberl (personal communication) and the XMM-Newton Science Operations
Centre Team were also contacted to inquire whether such a power peak may arise
from instrumental effects, and this does not seem to be the case. We therefore

conclude that the periodic signal originates from CAL 83.

Results

The periodic signal was detected in the EPIC pn exposures of all 5 of the obser-
vations listed in Table 7.4. The power spectra of the MOS exposures of obser-
vations 0123510101, 0506531501 and 0506531701 exhibit a very weak feature near
~ 0.015 Hz. The periodicity was not detected in the power spectra of the RGS and
the OM.

The EPIC pn power spectra for the CAL 83 source region are presented in Fig. 7.9.
The corresponding power spectra for the background regions are shown in Fig. 7.10.
The results of the period searches with efsearch for each separate data set are
shown in the periodograms in Fig. 7.11. The period with the highest chi-squared
value is also indicated on the periodograms. A periodic signal between 65.1832 s

and 67.6720 s was found in all the data sets.

These periods and the corresponding error ranges, as determined by the total length
of each data set, are summmarized in Table 7.5. By considering the source power
spectra in Fig. 7.9, a rough estimation of the 1o noise level yields a power of ~ 8.
The statistical significance of the strongest peak in each power spectrum expressed

in terms of the estimated o-value is also presented in Table 7.5.
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Fig. 7.9: CAL 83 power spectra from 5 XMM-Newton EPIC pn data sets, created with
powspec. Energy range: 0.15 — 2.5 keV.
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Fig. 7.10: Background power spectra of the 5 XMM-Newton EP1C pn data sets, created
with powspec. Energy range: 0.15 — 2.5 keV.
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Fig. 7.11: Results of efsearch period search in XMM-Newton EPIC pn data sets of CAL 83.
For each data set, 50 fourier resolution elements to either side of 67 s were tested. Energy
range: 0.15 — 2.5 keV.
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Observation  Best-fitting period (s) Significance of power peak?
0123510101 pn 66.5958 + 0.0564 3o
0500860301 pu 67.4660 + 0.2140 20
0500860601 pn 67.6720 £ 0.1120 4o
0506531501 pn 66.9015 %+ 0.3460 90
0506531701 pu 65.1832 £ 0.0491 50

Average period 66.7637

Table 7.5: Best-fitting periods derived rom CAL 83 periodograms.
4Strongest peak in power spectra in Fig. 7.9.

Discussion

One may expect that a periodicity in the X-ray emission should be reflected in the
power spectra of all 5 of the X-ray detectors, as they are essentially observing the
same source at the same time in the same waveband. However, at low energies,
the effective area of the EPIC pn detector is significantly higher than that of the
EPIC MOS detectors. Also, the EPIC detectors have a much higher sensitivity than
the RGS. Therefore the signal-to-noise ratio (S/N) of our EPIC pn light curves is a
factor of ~ 7 higher than the S/N of the EPIC MOS light curves, and a factor of
~ 23 higher than the S/N of the RGS light curves.

A period search on time-scales of ~ 1 min requires small binning intervals, and the
light curves and power spectra of EPIC MOS and RGS are extremely noisy com-
pared to those of EPIC pn. As an example, the MOS1 and RGS power spectra for
observation 0506531701 are shown in Fig. 7.12, with MOS1 exhibiting a weak power
peak at ~ 0.015 Hz, with no significant peak detected with the RGS. Therefore,
we ascribe the non-detection of the periodicity in the RGS data and the marginal
detection in the EPIC MOS data to these differences in sensitivity.

The strong periodic signal detected at ~ 67 s can be ascribed to rotational modu-
lation in the system. The fact that the modulation at ~ (7 s is present in different
data sets spanning over about 9 years makes it improbable that it originates from
quasi-periodic oscillations, which would be short-lived. Therefore the periodicity
most probably represents the spin period of the white dwarf in CAL 83. If it rep-
resents the white dwarf spin period, one would expect the detected period to have
exactly the same value in different data sets. However, it is evident from Table 7.5
that there is a ~ 2.5 s difference between the lowest and highest periods, or. put

differently. a deviation of up to ~ 1.6 s from the average value.

In order to explain these differences. it must be kept in mind that, although the
arrival times have been corrected to the solar system harycentre, the orbital motion

of the white dwarf will also modulate the detected spin period. Therefore the ob-
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Fig. 7.12: CAL 83 power spectra for the MOS1 and RGS detectors of observation
0506531701. A weak power peak at ~ 0.015 Hz is present in the MOS1 spectrum, while
the RGS power spectrum is completely dominated by noise.

served spin period will alternatingly be shifted to shorter and longer periods due to
the Doppler effect as the white dwarf moves towards us and away from us. This

modulating effect will now be quantified.

Modulation of the detected spin period by the binary orbital motion

From the discussion in Section 5.1, the inclination and the orbital period of CAL 83
were assumed to have the values i = 25° and P,,, = 1.047568 d. In Section 6.6,
the distance from the WD to the system centre of mass was calculated to be aj ~
1.5 x 10'' ¢m, and the ephemeris of Schmidtke et al. (2004) corrected to the solar

system barycentre yields
To = BJD 2451500.954 £ 0.004 + 1.047568F + 0.000003 d .
If A represents the light travel time between the WD primary and the centre of mass

251 a
A=—=50{ ——— ; 7.5
c 0 (1.5 x 1011 cm> > (7.5)

where ¢ is the speed of light. The maximum phase shift in the detected spin period

of the system, then

to either side of the true spin period (Pypin ~ 67 8) is given by (e.g. Meintjes 1990,
p. 25)
Asini

A sin 4 P\ 7! '
— 0.032 spin 7
Pspin 0.03 <5O S> <Sin 25°> ( 67 s ) k ( 6)

181

A(;bmax =




corresponding to a shift of 2.1 s from Pipin. Therefore, if the assumed binary pa-
rameters for CAL 83 are approximately correct, the orbital motion can account for

the small differences in the detected periods in Table 7.5.

It is also possible to correct the arrival times in the original event file (with solar
barycentric corrections performed) to the barycentre of the binary system itself,
prior to the fourier analysis. If it is assumed that the binary orbit is circular, this
can be achieved by transforming each arrival time #; to a corrected arrival time

with the following formula (e.g. Meintjes 1990, p. 25):
t; =t, — Asinicos[w(t; — to)] - (7.7)

The parameter tg is a known reference time representing the time of minimum light,

and
2

w =

) P -1
=6.941989 x 107° | —r— Hz . 7.
6041989 x 10 <1.047568 d> ” (78)

orb
All the arrival times in the XMM-Newton event files are expressed relative to the ref-
erence time of JD 2450814.5, corresponding to BJD 2450814.500519663 for CAL 83.
An appropriate value for tg can therefore be determined from the eclipse time in the

orbital ephemeris:
to = (2451500.954 — 2450814.500519663)(24 x 3600) s = 59309580.7011008 s . (7.9)

However, due to the uncertainty in the time of minimum light of the orbital ephemeris,
it should be noted that the value of ¢y calculated above is accurate to no more than
about 300 s.

Substituting the values above into Eq. (7.7) yields the following correction equation,
which could be applied to the arrival times of photons from CAL 83 recorded in the
XMM-Newton event files:

£ =t; — (2.1 s) cos [6.941989 x 1077 (t; — 59309580.7011008)] . (7.10)

However, the accuracy of the transformation above is evidently strongly dependent
on the choice of binary parameters, as well as the accuracy of the eclipse time in the
orbital ephemeris. For this reason, the model-dependent transformation above was
not applied to the event files used to obtain the results presented in this chapter,

and is only included for completeness.

Concluding remarks

The widths of the optical spectral lines reported in the previous chapter are in favour

of the presence of an accretion disc in the system. This supports the possibility that
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the observed period might be the WD spin period, as the torques exerted by the
accretion disc on the WD are able to spin up the WD to such short periods. The
presence of a reasonably strong magnetic field coupled with the disc will enhance
the spin-up effect. Such a magnetic field could lead to the ejection of mass from the
system due to a propelling effect on material outside the corotation radius that are
attempting to accrete along the magnetic field lines. Evidence for disc winds are
indeed present in the optical spectra of CAL 83. Therefore the other observational
evidence supports the possibility of the ~ 67 s period being the spin period of the
white dwarf in CAL 83.
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Chapter 8

Conclusion

The discovery of binary systems associated with white dwarfs accreting mass from
secondary stars at rates sufficient to drive nuclear burning and associated soft X-ray
emission, provides an interesting snapshot of binary and stellar evolution. To investi-
gate this aspect, a sample of supersoft sources have been identified for spectroscopic
and X-ray studies, especially focusing on the identification of possible accretion disc
signatures and mass outflows that are associated with the various phases of binary
and stellar evolution. These aims necessitated a theoretical study of the properties
of accreting binary systems and the technique of optical spectroscopy as a diagnostic

tool to constrain the location and kinematics of the line-emitting plasma.

‘The observational component of the study included searching for accretion disc and
mass outflow signatures in the newly obtained optical spectra. Since the presence
and nature of accretion and mass outflow are strongly dependent on the basic pa~
rameters of a binary system, the constraining of the binary dimensions, including
the region where the formation of an accretion disc can be expected, was a very
important consideration. In turn, the binary dimensions depend on the component
masses and orbital period, which were investigated by means of archived X-ray data
for one of our targets. A search for temporal variations in archived X-ray data also
yielded a short time-scale variability in one of our other targets that may support

the evolutionary scenario proposed above.

The optical spectra of the Large Magellanic Cloud close binary supersoft source
CAL 83 exhibit Balmer and He II emission lines that are broadened to a much
greater extent than what can be accounted for by “ordinary” broadening mech-
anisms like temperature and pressure broadening. Translating these velocities to
Keplerian velocities in the system yielded approximate Keplerian radii that are well
within the Roche lobe of the white dwarf and are consistent with emission from an
extended accretion disc. Evidence for a wind or a collimated outflow with a large

opening angle is present in the extended wing of the He IT A\4686 line that has also
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been observed in previous studies. The radial velocity shifts of the line centroids
indicate that the line-emitting regions are associated with the primary white dwart
and follow its orbital motion, rather than being associated with regions close to the

secondary star.

During a systematic search for short orbital periods in the Chandra and XMM-
Newton archived data for CAL 83, a periodic modulation of P ~ 67 s was found in
five XMM-Newton data sets recorded at different epochs during 2000, 2007, 2008 and
2009. A tentative interpretation of the periodicity as the spin period of a spun-up
white dwarf fits in remarkably well with the source properties inferred from optical

observations.

The inferred presence of an accretion disc in the system provides the possibility of
the white dwarf being spun-up by accretion disc torques during the accretion pro-
cess. If the white dwarf is magnetized, coupling of the magnetic field with the disc
increases the effectivity of the spin-up process notably. Additionally. the presence
of a magnetic field could explain the detected mass ejection in terms of a propeller
process as accreting material outside the corotation radius attempts to accrete along
the field lines. The low ratio of Balmer to CNO emission reported in the literature
indicates that the secondary may already have lost, a significant part of its envelope,
indicating that mass transfer has been taking place for a relatively long time, during

which the WD could have been spun-up to a short spin period.

This places CAL 83 on a similar evolutionary track as the nova-like variable system
AE Aqr, where the short ~ 33 s spin period is also associated with a period of en-
hanced mass accretion at rates comparable to the Eddington limit, with associated
spin-up via accretion disc torques. However, if the mass estimate of ~ 1.3Mp for
the WD in CAL 83 is correct, it is also quite possible that it will be driven over the
Chandrasekhar limit before the system becomes a cataclysmic variable, and explode

in a Type Ia supernova.

There are several aspects of CAL 83 that require further investigation. Optical spec-
tra at several epochs during the orbital period are essential in order to monitor the
changing structure of especially the He II A\4686 and also the Hf emission. If the
~ 67 s periodicity represents a spin period, its presence in only some observations
remains a puzzle. Could it be explained by the obscuration of the pulsed emission
at certain times during the transient cycles of CAL 837 Archived observations of
CAL 83 in other X-ray archives, as well as new X-ray observations, should be uti-
lized to seek confirmation of the observed period. If CAL 83 possesses a reasonable
magnetic field, as postulated above, possible non-thermal radio emission also makes

it a promising candidate for radio studies with sensitive instruments like MeerKAT
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and the SKA.

The single hot core of the planetary nebula N67 in the SMC is also a well-known
supersoft source. Optical spectroscopy of this source reveals strong nebular emission
of He and two [N II] lines in the red waveband. The widths of these lines are con-
siderably narrower than the wide emission lines with extended wings that are often
observed in accreting binary systems. The nebular expansion velocities derived from
these lines are comparable to the known expaunsion velocity of 27.9 km s™', thereby

confirming the slow outward How of 1ass from the hot white dwart.

The galactic symbiotic nova RR Tel was included in this study due to the fasci-
nating mechanism by which Raman-scattered O VI lines in its spectrum provide
evidence of an accretion disc in the system. Scattering of the 1032 A component of
the O VI doublet to a wavelength of ~ 6828 A by scatterers close to the red giant
companion provides us with an i ~ 90° perspective of the accretion disc at all times,
as the observer is essentially observing the accretion disc from the perspective of
the secondary star. Our observations confirmed the presence of the double-peaked
Raman-scattered O VI line at ~ 6828 A, and this strengthens the notion of the pres-
ence of an accretion disc in RR Tel. The Keplerian radius derived from the velocity
width of the line is consistent with emission from an accretion disc around the white
dwarf. The nebular lines of RR Tel exhibit a much narrower profile that is compat-

ible with the known velocity of the expanding nebular region, i.e. ~ 30 km s~

In future spectroscopic observations of this source, the spectral coverage will be ex-
tended to ~ 7088 A to include the Raman-scattered emission of the 1038 A compo-
nent of the O VI doublet, which is also known to exhibit a double-peaked structure.
The polarization effects associated with the Raman scattering should also be inves-
tigated with the RSS.

The peculiar supersoft source SMC 13 in the Small Magellanic Cloud may consist
of a white dwarf with a mass of ~ 0.6M.. , with a lower-mass secondary (~ 0.4M,.,)."
The blackbody fits that were performed on Chandra data of this source seem to
indicate a white dwarf mass even lower than ~ 0.6Mg, but as blackbody fits to
SSS spectra tend to overestimate the luminosity and therefore to underestimate the
mass, it is believed that fitting more sophisticated white dwarf atmosphere models

to the Chandra data will probably yield a WD mass closer to ~ 0.6M.

When deriving mass estimates from photospheric radii, it is also important to take
into consideration the contribution of the hydrogen burning shell to the total photo-
spheric radius, otherwise the WD mass will be underestimated. Obtaining a reliable

estimate of the thickness of the hydrogen burning shell will therefore he a priority
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for future analysis and interpretation of these data.

The Chandru light curves of SMC 13 provide clear evidence of orbital modulation in
the X-ray flux. and the shape of the softer and harder components of the supersoft
light curves agrees with the shape of the corresponding ROSAT light curves. The
shape of the observed modulation may indicate that the WD has a strong magnetic
field. This would make it another excellent candidate for studies with MeerKAT
and SKA to search for possible non-thermal radio emission. The small orbital pe-
riod and system mass imply a small binary separation, therefore the upper limit for
the possible extent of an accretion disc, if present, will be much smaller than for
wide systems like RR. Tel. The inner border of the accretion disc will be limited by
the Alfvén radius. the size of which will depend on the possible strength of the mag-
netic field. Follow-up studies of this source will include obtaining high-resolution
optical spectra at several epochs during the orbital period of ~ 4.126 h. This will
enable us to confirin whether an accretion dise is present and, if so, to determine
its geometry and extent. Simultaneous photometric and X-ray observations are also
needed to clarify the relative phasing of the minima in the optical and X-ray light
curves, and to investigate whether orbital spin evolution may be responsible for the

discrepancies in the relative phasing reported in the literature.

Although supersoft X-ray sources have béen observed quite extensively since their
discovery in the 1980s, many questions related to this heterogeneous class of objécts
still remain unanswered. The availability of modern telescopes with high sensitivity
and resolution like SALT, Chandra, XMM-Newton, MeerKAT and ultimately the
SKA, provide exciting possibilities in the field of SSS research. We are looking
forward to extending this initial study to more detailed modelling that will enable

a better understanding of the true nature of these fascinating multi-wavelength

SOUrcCes.
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Appendix A

Physical Constants

Constant Symbol

Value

Speed of light in vacuum c
Gravitational constant G
Planck’s constant h
Electron charge e
Electron mass

Proton mass

Boltzmann constant
Stefan-Boltzmann constant

Thomson cross-section o

2.998 x 1010 ¢m s~

6.672 x 1078 dyn cm? g2
6.626 x 10727 erg s

4.803 x 10719 gsu

9.109x 1078 g

1.673% 1074 g

1.381 x 10716 erg K1

5.671 x 107 erg cm™2 K% 57!
0.665 x 10721 cm—2

Table A.1: Fundamental physical constants. (Adopted from Zombeck 1990, p. 10.)

Value

Solar mass Mg
Ro

Solar luminosity Lz

Solar radius

1.989 x 10%3 g
6.960 x 1010 cm
3.826 x 1033 erg 57!

Table A.2: Solar properties. (Adopted from Zombeck 1990, p. 25.)
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63 Eu 567 11-2 187
64 Gd 6-16 12
65 Tb 67
66 Dy 68
67 Ho 6
68 Er 6
69 Tm 6
70 Yb 6-2 12:1
71 Lu 61 15 19
72 Hf 7 149 21 31
73 Ta 7-88 16-2 22 33 45
4 W 7-98 17-7 24 35 48 61
75 Re 7-87 16-6 26 38 51 64 79
76 Os 8-7 17 25 40 54 68 83 99
77 Ir 9 17 27 39 57 79 88 104 121
78 Pt 9-0 18-56 28 41 55 75 92 109 127 146
79 Au 9-23 20-5 30 44 58 73 96 114 133 153
80 Hg | 10-43 18751 34-2 46 61 77 94 120 139 159
st T1 [ 6-106 20-42 20.8 50-7 64 81 98 116 145 166
82 Pb 7-415 | 15-028 31-93 42-31 68-8 84 103 122 142 173
83 Bi 7-287 16-68 | 2556 45-3 56-0 88-3 107 127 148 169
84 Po 8-43 19 27 38T 61 73 112 132 154 176
85 At 9:3 20 29 41 | 51T 78 91 138 160 183
86 Ran 10-746 21 29 44 56 | 67 " 97 111 166 190
87 Fa 1.6 22 33 43 59 71 BV S 117 133 197
88 Ra 5277 | 10-144 34 46 58 76 89 1037 140 156
89 Ac 6.9 1210 | 90 49 62 76 95 109 [T 123777 164
90 Th 6 12 20 "59.9 65 80 94 115 130 [T 145
91 P« [ V1 T 84 100 115 138 154
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Atom Stage of ionization
X1 X111 xIv xv XVI Xvil XVIII XX p.0. 4
ev ev ev oV ev ev ev ev
12 Mg| 1959
13 Al | 2085-5| 2299
14 Si 523-2| 2436 | 2666
15 P | 560-3] 611-4| 28156 | 3061
16 S 566 651 706 | 3220 | 3482
17 ¢l 593 663 749 |~ 807 | 3654 | 3931
18 Ar| 621 687 755 854 |~ 016 | 4115 | 4407
19 K 629 717 788 870 966 | 1031 | 4603 | 4910
20 Ca| 655 727 820 896 990 | 1084 [1153 | 5119
21 Sc 687 758 830 930 | 1010 | 1115 | 1210 [ 1282
22 Ty 391 | 788 864 941 | 1046 { 1132 | 1245 | 1341
23 V 309 336 897 976 | 1057 | 1170 | 1260 | 1380
24 OCr 209 365 38¢ | 1013 | 1095 | 1182 | 1301 | 13905
26 Mn| 315 360 404 |~ 435 | 1136 | 1222 | 1313 | 1438
26 Fe| 330 355 390 4517 489 | 1266 | 1354 | 1450
27 Co 337 380 412 444 512 |~ 547 | 1403 | 1495
28 Ni 350 385 430 455 500 530 |~ 607 | 1541
29 Cu| 370 400 440 480 520 560 630 671
30 Zn| 311 420 450 490 540 580 620 700

Table B.1: Continued.




Appendix C
Stark-broadening tables

Vidal et al. (1973) provides Stark-broadening tables for the first four Lyman lines
and the fivst four Balmer lines for varions temperatures and clectron densitios. A
selection of the Ho and Hf tables for densities of 10" cm™2, 10" ¢m™3, 10'% ¢m—3
and 106 cm™ are given in this appendix. For other densities and for tables of La,
LB, Ly and L4, see Vidal et al. (1973).

The first line of each table gives the upper and lower state principal quantum num-
bers, as well as the rest wavelength of the transition. In the second line, the electron
density N, is provided. It is assumed that the ion density is equal to the electron
density. For a hydrogen gas with ion density N;, the mean electric field strength is
(e.g. Lang 1999, p.196)

N\ 23 o
Fy=e <4—7r3—> ~ 1.25 x 109N ~ 1.25 x 1079N/3 . (C.1)

The dispersion per unit field strength (in A statvolt™!) is defined as the quantity

AN
Ao = — .2
o=F (€2)
implying
Ao

and it can be seen that the second value on the second line of each table represents

Fy (as calculated from N,).

The first column of the table gives the value of A, which can be converted to AX (in
A) by multiplying by Fy. The rest of the columns provide the normalized function
S(Aa) for different temperatures, which are specfied on top of each column. In each
column. the values of the unified Stark theory calculations are provided in brackets.
and in front of the brackets the values obtained from the convolution of the unified

theory with the thermal Doppler profile for the corresponding temperature are given.
The table only provides function values for Aa > 0, but as the model profile is

symmetrical, the blue half of the profile (Aa < 0) will be a mirror image of the red
half.
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8.210-11 (B8.216-11)
2458610 (2.5804+11)
Be.145-12 t8.145~121
2,570-12 (2.573-12)

ANGSTROM

= 1.2803-003170ALPHA®+{-5/2)

28000 K 40000 X
8.131 -1 9,921 1) S.TF? -~ $1,274 2)
B8.131 -1 (9.859 11 S.f?7 ~1 {1.258 21
8.131 -1 19.768 1} 5.777 -1 (4.238 2)
Bei31 -1 (9.5&5 1} 5.777 -4 41.191 2}
8.131 -1 19.032 i) 5.777 -1 (1.088 2)
8.131 -1 (7.970 1) Se?277 -1 184969 (!
84431 -1 {6.197 1) 5777 -t (64297 1)
8.1351 ~1 14,008 1) S.P27 -1 13.712 1)
84141 -1 (2.317 ) S7F7 <1 41.957 1)
8.431 -1 ¢1.292 1) $.777 -1 (1.065 1}
B.130 -1 64.6290 0 SJ776 -1 L7.476 O
3.129 -1 (7.581 @) 5.776 -1 (7.192 D)
84127 -1 (b.664 0) S77/5 -1 (6,689 0)
8:320 -1 (44569 0) 5,773 ~1 (4,577 0)
8.10¢ -1 13.016 O} 5.767 =1 (3.013 Q!
8.063 -1 11,712 0¥ 6.752 -1 (1.737 O
7.962 ~1 (6.373 ~-1) S.716 -1 16.482 -1}
P+414 =1 (1.0818 -1) 5.626 -1 {1,821 -1}
74125 -1 (5,162 -2) Seu05 ~1 15.083 -2}
5.856 -1 11.544 -2 4,889 -1 (l.514 ~2)
3.538 -t (4,806 -3 3.738 -1 (4.b82 -3
1.013 -1 (1.537 ~3) 2.016 -1 (1.437 -3)
©.938 -3 (4,962 ~u) LoD -2 (4,758 -4
149BL -6 (L.b631 ~u} J.BUB =% (L.b51 =C)
5.777 -5 (5,419 -5) 5,881 -5 (5.105 -51
12862 =5 (1,818 -5) 1,784 =5 {1.536 -9
B+207 =6 (6.4%9 -6} 54797 ~b (5.b8! ~b}
2.099 -6 (2,091 -b! 1.936 b (1.4922 -6}
Tal2h =7 {7.114 =7) 6.551 -7 16.532 -1
2.6407 =7 (2.406 -7) 2.226 =7 (2.223 -1}
3.034 -8 1a.032 -6} 74533 -8 (7.530 -8}
2,634 -8 (2.633 -8) 2,520 -8 (2,520 -86)
8.473 =9 {8,472 -9 8.286 -3 (B.280 -9
2.685 ~3 (2,685 ~3) 2,674 -9 (2.676 -9)
8e435-10 t8.%36-10) B.43%-10 (8.¢94-10)
2.6542-1) {2.662-4D) 2.671-10 (2.674~10)
8.279-14 (B.279-11) 8.369-11 {8.369-11%)
2.599~11 (2.599-11) 2.622-31 (2.622-11)
8.179~12 (8.179-12) 8,229~12 (B8.229-121
24576-12 (2,576~12) 24568812 124588~12)
6-129-13 18.129-10) 8,152-135 (8,152-13)
2.967-13 12,567-13) 2.571-13 (2.571-t3)

8.218-1% (8.1168-14}

—
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2~;§ N UPPER = 3 N LOMWER = 2 AAVELENGTH = b562.81 ANGSYROM
»
— g? ELECTRON DENSITY = 1.000¢045 CH°*(-3) DLAMBDA/QALPHA = 1.2500+001 ASYNPTOTE = 1.2B803~003%DALPHA®*(~5/2)
20
el w 2540 K 5000 K 100008 K 20000 X +0000 K
3 AL PHA
o
Sl =g
i_%— [ 1.962 1 13.076 1) 1.656 1 {3.206 1) 1.360 1 {3,459 1) 1.097 1 (3.867 1) 8.716 0 (G.ud? 1)
oo = 3,98t -4 1.962 1 (3,065 1) 1.655 1 £3.192 1) 1.360 1 (3.438 1) 1.097 1 13.832 1) 8,715 0 tL.42% 1)
- 3 6.340 -6 1,961 1 (3.049 1) 1.654 1 (J.171 1) 1.960 31 (3.407 1) 1.097 1 t3.7282 1) 8.714 0 (6.336 1)
2 1.000 -3 1,959 1 ¢3,009 1) 1.652 1 (3,119 1) 1.359 1 {3.333 1) 1.097 1 13,663 11 8.713 0 (4.124 1)
o)
= 1585 ~3 £.953 1 {2.914& 1 14667 3 12.939 1) 1.356 1 ¢3.163 1) 1.096 1 (3.400 1) 4.708 0 13.689 1)
GE 2,512 =3 1.933 | 2,707 1) 1,634 3 (2.744% L) 1.350 1 {2.829 1) 1.093 1 (2.%06 1) 8.697 Q (2.960 1}
g 3.981 -3 1.869 1 (2.313 1) 1.683 1 (2,292 1) 14336 1 t2.282 1) 1.087 1 {2,201 1) 8.669 0 (2,684 1)
=3 ©e310 -3 16719 1 (1,762 1) 1527 1 (1,694 1) 14299 1 {l.611 1) 1.070 1 t1.502 1) 8+,599 0 (1.365 1)
E‘ 14000 -2 1,635 1 (1,192 1) 1.359 1 (1.135 1) 1s210 L (Le.073 1) 1.031 1 [1.006 1) 8.427 0 (9.366 0)
o 1.585 -2 4,803 0 (7.635 9} 1.041 1 (7.355 D) 1.032 1 {7.i08 @ 9.48% 0 (6,909 &1 8.013 9 tb.’bb 01
= 2.512 -2 5,506 0 (4.852 ) 6:256 6 (447279 0O} 7T.187 0 t4.698 0} 7.551 0 (&4.634 O} 7.077 8 (4.59% 0)
ju 3,981 -2 3.019 @ (2.892 @) 3.2%5 0 (2.972 0) 3,793 0 (3.012 O w.684 0 (3.031 O} G.264 0 (3.030 Q)
o 2 6,310 ~2 1.461 0 (1.416 Q) 1595 0 (1.508 0) 1.755 0 (1.583 0) 2,091 0 (1.650 W 24771 0 (1.689 O
E: < 1.000 -1 5,66k =1 15,5kt -1 62188 -1 (5.833 -1) 6.600 -1 (6,008 -1) 7.545 =1 t6.266 -1) 3.392 -1 (6.410 -1}
= 10585 -1 1,919 -t 11,399 ~1) 1.975 -1 {1,932 -31) 2.G36 ~1 11.966 -1} 2.148 -1 (1,937 -1 2.L25 -1 (1.927 -1)
- 2.512 -1 6.339 <2 tGa31y ~2) 6.272 -2 (6.219 -2) 6.165 -2 16.052 =2) 6.097 -2 (5.868 -2} 6176 -2 (5.68% -2)
= 3.961 -1 2,108 -2 (2,105 -2) 2.039 -2 (2.032 -2) 1.956 -2 11.943 -2) 1,876 =2 (1,850 -2) 1.818 -2 (1.763 -2)
(l 84310 -1 7.109 -3 (7.104% -3) 5.803 -3 16.794 -3) 6.436 =3 (6,419 -3 6.065 -3 (6.033 -3) 5.737 -3 (5.675 -3}
— L.000 O 2,409 -3 (2.409 -3} 2.291 +3 (2.290 ~3) 24539 -3 {2.156 -3) 2.016 -3 (2.012 -3) 1.383 -3 (1,875 -3)
o
P 145685 0 8,014 -4 (B.UL3 -4) 7.680 =4 (7,679 =~} 7e251 4 (74248 -4) 6.T67 =4 16,762 -4) 64281 -4 (6.271 -4
. 2.5312 0 24632 <4 (2,632 =u) 2.554 =4 [2.554 ~&) 2.438 ~4 {2.438 -4) 2.290 -4 (2.289 -@) 2.126 -4 (2.123 -4
= 3.961 0 d.492 -5 (8,491 -5} 8,363 -5 (8.362 =5) 8,409 ~5 (8.108 -9 Te?71b =5 (7,713 -5} 7.207 -5 (7,209 -5}
1 64310 O 24696 -5 [2.636 -5) 2.688 -5 (2.688 -5) 2.6%9 ~5 (2,649 -5) 2.566 =5 (2.565 -5) 2.432 -9 (2.431 =S}
Y a.000 1 B.470 -6 (8,420 -B) B.509 -6 (8.509 -6} 84499 ~b [8.498 -6) 8.379 -6 (8,379 -6) 8.095% -6 (8.04S5 -61
> 1.585 1 2.651 -6 (2.651 -6} 2.670 -6 (2.670 -0} 2.647 ~6 (2.687 -6} 2.686 =b l2.686 ~b) 2.646 -b (2.646 -6)
8~ 24512 1 8,298 -7 (8,298 «7} 8.358 -7 (B.358 =7} 8,430 ~7 18.830 -7 8.492 -7 (B.492 -7) 8.489 -7 (B.489 -7)
k=] 3.981 1 2,603 ~7 (2,603 -7 2.618 -7 (2.618 -7) 2,639 <7 (2.639 -7} 2.664 =7 (2.6B64 -7) 24685 ~7 (2,685 -7/
& 6,310 1 8,185 -8 (8,185 ~¥) 8.218 -8 (6.218 -4} 8.269 -8 (8,209 -48) Ba34%1 -0 (8341 ~8) 8,427 -8 (8.427 -8
~ 1.070 2 2.586 -8 (2.586 -8) 2.597 -8 (2.597 -8) 2.61% =8 (2.614 -8) 2.636 -8 (2.638 -8}
g
e 1.585 2 8171 -9 (8.171 -9} B8o210 -9 t8.210 -4 8.269 -9 (8,263 -9}
= 2.512 2 24575 =9 (2,575 -9 2.584 -9 (2.584 -9) 2.597 -9 (2,597 -9)
< 3.961 2 8,163-10 (8.,143-10) 8.172-10 (B.172~-10)
o 6,310 2 2.575-10 (2.575-10)
=3 1,000 3 8.126-11 18,126-11}
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N UPPER = 3 N LOWER = 2 NAVELENGTH = 5562.81 ANGSTROM
ELECTRON DENSITY = 1.G00+0186 CH** (-3} DLAMBOAZDALPHA = 5.80203+001 ASYMPIOTE = 1.2803~003"DALPHA®*(=5/2)
2590 K sa00 X 16000 K 20000 X 40000 X
ALPHA

Q 2.600 1 42.095 {1} 2.478 1 (2,659 1) 2.385 1 (2,729 1) 2,267 1 (2.895 1) 2,027 L [(3.166 1)
1.080 -3 2.571 1 {2.658 1) 2.454 L {2.617 1) 2.365 1 (2.683 1) 2.233 1 (2.834 1 2.622 1 (3.075 1)
1.585% -3 2-529 1 (2.606 1} 2.418 1 12.563 {1} 2.335 1 {2.618 1) 24213 1 (2.747 ') 201 § (2.947 1)
2.512 =3 2. 431 1 2,484 1) 20333 1 42.438 1) 2.264 1 (2.472 1) 2.158 1 (2.557 1) t.984 1 (2.678 1)
3.981 -3 2.216 % €2.234 1) 2.165 1 (2.182 1) 2.101 1 (2.181 1) 2.G31 L ¢2.200 1) 148948 1 €2.213 Q)
6.310 -3 1.828 1 {1,812 1 L.788 £ 1.759 1) 1.776 1 (1.723 1) 1.76% L (1.683 1) 1,711 1 [iL.620 1}
1.000 -2 1,340 1 11.289 1) 1,288 1 (1.2086 1) 1.287 1 11.201 1) 1317 & (1,190 1} 1.357 1 11,089 1)
1.585 ~2 8,368 0 (8.271 0) B.2264 0 (8,033 0) 84125 0 (7740 Q) Bs242 0 (74442 0 8,800 0 i7.170 ©)
2,512 -2 5.064L 0 tS.027 Q) 5.056 0§ (5,007 D) S5.006 0 (%.3913 0 4.9914 0 (4.803 0) 5,115 0 t4.7202 0
3,981 -2 2.828 0 (2.823 6) 2.952 0 (2.947 0) 3.028 @ ¢3.011 O 3.072 0 13.0&0 O) 3,116 0 {3.0%9 O}
6.320 -2 1,353 8 (1,351 D) 1.463 0 {1.4%53 Q) 1.548 0 (1.5%1 @) 1.620 0 (1.5607 O) 1.681 0 (1.657 )
1.000 -2 5,446 ~1 {S.s51 -4} S.848 ~1 £5.836 =1} 6eilsl =t (B.116 =-1) 6.389 -1 (6,337 ~1) 6.567 -1 (B 455 -1)
1.585 -1 1.959 =1 {1.958 ~1) 2.038 =1 {(2.036 -1} 2.06d ~«1 (2.0%6 -1) 2.081 =1 {2.072 -1} 2.068 ~1 (2.049 =1}
2.512 =1 0.833 -2 (6,833 ~2) 6.909 =2 {6.907 -2) ©.812 -2 {6b.808 -27 64596 -2 (6,586 -2} 64345 -2 {6.32%5 -2)
3.981 -1 24325 -2 (24325 -2) 24313 =2 42,313 ~2) 2.204% -2 (2,243 -2} Z2.140 -2 (2.139 -21 2,023 ~2 (2.p20 -2)
64310 =1 7.853 -3 (7.853 -8) 7757 =3 (7.757 =3) 7.50L ~3 (7500 -3) 74115 ~3 (7.114 -3) ©.667 -3 (6.663 -1
1.000 © 2.636 =3 {2.036 =3) 2,590 ~3 i2.59D0 -3} 2.504 -3 {2.50% -3) 2.386 -3 (2,385 -3) 2.234 -3 (2,234 -3)
1.585 0 8.516 =4 (8.516 =4} 8.428 ~4 t8.428 -4) 8.241 ~& (8,261 -&) 74928 ~4& 17.923 ~-4) 7492 -4 (7.492 -u4)
2.512 0O 2,708 ~4% (2.708 ~u) 2.700 -4 (2.700 =4! 2,673 ~h (2,623 -4) 2.612 ~4 12,612 =4 2.505 ~4 (2.505 -&)
3.981 9 8.515 =5 (8.515 =5} 8.532 =5 (8.532 =%) 8.530 ~5 (8.530 -5) 9.458 ~5 (8.458 -5) 8,259 -5 (8,259 -5)
bs310 0 2. 663 =5 (2.663 ~S) 2.67% =5 (2,674 ~5) 2.688 -5 (2.688 -5} 2.69% -5 (2.694 -95) 2.676 =5 2,674 =-%)
1,000 1 8,328 -6 (B.328 ~6) 8.363 -6 (8.3161 -5) 8,413 ~b (B.%19 -6} B.480 -6 (3.480 -B) 8.511 ~b (B.511 -&
1,685 ¢ 2.613 =6 12.619 -b} 2.6346 -6 (2.634 -6} 2.656 <6 12.656 -6 2.879 -6 {2,679 -6}
2.542 1t 8.219 ~7 (B.219 =T7) 8.2506 =7 (8.256 ~7) 8.314 ~7 (B8.314 -1) 8,390 ~7 (8.390 -7
3.981 1 2.59%% =7 (2.59% -7) 24607 <7 (2,607 -7} 2,627 -7 (2.627 -7
6.310 1 8.194% «8 (t.194 -08) 8.239 -8 (8,239 -8
1.000 2 2+580 =8 (Z2.530 -3) 2.59C -8 (2.590 -8)
1,585 2 8,157 =9 (B.157 =9
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ELECTRON DENSITY =

ALPHA
. D
3.981 -4
6,310 ~¢
1.900 -3
1.585 -1
2,512 -3
3.961 -3
6,310 -3
1.000 -2
1,585 -2
2.512 -2
3.981 -2
8,310 -2
1,000 ~1
1.585 =1
2.512 -1
3.981 -1
64310 =%
1.000 2
1.585 0
2.5%12 0
3,981 0
6.310 0
1.000 12
1.585 1
2.512 1
3.981 1
ba3i0 1
1.000 2
1.585 2
2.512 2
3.981 2
6,310 2
1,000 3
1.585 3
2.512 3
3.961 3

2500 K
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1.000%033 CH®°(-3)
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1.842 0 t3.691 Q)
1.707 0 ¢1.652 0}
1630 Q0 (5,535 -1)
8,802 -1 (3,663 -1}
24861 ~1 (5.189 =2)
3.619 -2 11.65¢ -21
o342 -3 (5.41b -3
1.912 =3 (1.811 ~-3)
6.250 ~4 (B.123 -4
2,087 -u (2.070 =)
64959 ~% (6.936 -5]
2.288 =5 (2.28% =5)
7.389 -6 (7.385 <=6)
24346 -6 (2.3456 =B)
7.378 ~7 (7.372 ~7)
2.307 =7 t2.397 -7}
7224 ~8 (7.224 =3)
2+.266 =8 (2.266 -8)
7.128 -9 (7.128 =-9)
2.245 -9 (2.2645 =9)
7.081~-10 (7.0803-10)
2,236=10 (2.236~10)

NAVELENGTH 2 4861.33 ANGSTROM

ASYNPIQTE =

548024~001
19000 X
Lokt g (7.949 1)
1.4%1 0 (8.001 -1)
L.01 0 18.080 -1)
1.441 0 13,275 ~1)
Labl D (8,751 -1)
1.44% 0 (9.886 -1)
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2s19b =5 (2.190 -4}
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{6.022
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2.289 ~9 (2.289 -3}
Tel?7-30 (7.172-10}
2.256=10 (2.256-10)
74105-11 (7.1D05-11)
2e240=-11 (2.2L0-11)
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N UPPER 2 & N LORER = 2 WAVELENGTH = 4861.33 ANGSTROM

ELECTRON DEMSEYY = 1,000+¢014 CH*®({~3) DLAMBOA/DALPHA = 2.5693904¢000 ASYMPTOTE = 3.5261-003*DALPHA®* (~5/2)
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Chandra instrumentation

Appendix D

Focal PPlane Arrays
HRC-1:
HRC-S:

Field of view

MCP Bias angle:
UV /lon Shields:

Spatial resolution

Energy range:
Spectiral resolution
MCP Quantum efficiency

On-Axis Effective Area:

Time resolution

Limiting Sensitivity

Quiescent background
in level 2 data
Intrinsic dead time

Constraints:

Csl-coated MCPpair

Csl-coated MCPpairs

HRC-1:
HRC-S:
HRC-I:
HRC-S:
[nner segment
Inner segment “I'™
Quter segment
Outer segment (LESF)
FWHM

HRC-1: pore size

HRC-S: pore size

HRC-I: pore spacing

HRC-S: pore spacing

pixel size {electronic readout)

AE/E

HRC-1, @ 277 keV
HRC-L, @ 1 keV

point source, 3¢ detection in 3 x 10% s

{power law spectrum: o = 1.4,
Ny =3 % 10%V ecm—2)

HRC-1
HRC-S

telemetry limit

maximum counts/observation/aimpoint
linearity limit {on-axis point source)

HRC-1
HRC-S

90 % 90 mm coated
{93 x 93 mm open)
3-100 x 20 mm

~ 30 x 30 arcmin

6 ¥ 99 arcmin
°

5520 A Polyimide, 763 A Al

750 A Polyimide, 307 & Al
750 A Polyimide, 793 A Al
090 A Polyimide, 304 A Al
2125 A Polyimide, 1966 & Al
~ 20pm, ~ .4 arcsec

[ LI VI V]

10pm

12.5pm

12.5um

15pm

6.42938um

[0.13175 arcsec pixel ']
0.08 — 10.0 keV

~ 1 @lkeV

30% @ 1.0 keV

10% @ 8.0 keV

133 cm?

227 cm?

16 psec (see Section ‘

9 x 10~ Y¥ergem =25

L7x10 P cts s~ arcsec—?
6.3x10~% cts s~ ! arcsec—2
50 us

184 cts s~ !

450000 cts

~ Hets 571 (2 ctss™! pore™!)
~25cts st (1D ctss~' pore—!)

Table D.1: HRC parameters. (Adopted from Chandra X-ray Center 2011, p. 137, Ta-

ble 7.1.)




Wavelength range
Energy range

Resolution (A, FWHM)
Resolving Power (£/AE)

Dispersion

Plate scale

Effective area (1st order)
Background {quiescent)
Detector angular size

Pixel size

Temporal resolution

1.2-175 A (HRC-S)

1.2 60 A (ACIS-S)

70-10000 eV (HRC-S)

20010000 eV (ACIS-S)

0.05 A

> 1000 (50-160 A)

220 % A (3-50 A)

1.148 A/mm

4R8.80 pm/arcsecond

125 em? (with HRC-S)

4-200 cm? (with ACIS-S)

12-26 (at 50 and 175 A) cts/0.07-A/100-ksec (HRC-S after LETC/PI filtering)
& Q.01 cts/pixel/100-ksec (ACIS-S, order sorted)

4.37" x 101" (HRC-8)

8.3' x 50.6' (ACIS-8)

6.43 x 6.43 pm (HRC-S)

24.0 x 24.0 pm (ACIS-S)

16 psec (HRC-S in Imaging Mode, center segment only)
~10 msec (HRC-S in default mode)

2.85 msec-3.24 sec (ACIS-S, depending on mode)

Rowland diameter
Grating material
Facet frame material
Module material
LETCG grating parameters
Period
Thickness
Width
Bar Side Slope
FFine-support structure

8637 mm (effective value)
gold

stainless steel

alwminum

0.991216 +0.000087 pm
0.474 £0.0305 pum
0.516 £0.0188 um
83.8 £2.27 degrees

Period 25.4 pm
Thickness 2.5 pm
Obscuration < 10%
Dispersion 29.4 A/mm
Material gold
Coarse-support structure
Triangunlar height 2000 pm
Width 68 pm
Thickness < 30 pm
Obscuration < 10%
Dispersion 2320 A/mm
Material gold

Table D.2: LETG parameters. (Adopted from Chandra X-ray Center 2011, p. 226, Ta-
ble 9.1.)




Focal plane arrays:
L-array

S-array

CCD format
Pixel size
Array size

| On-axis effective Area

(integrated over the PSF

to >99% encircled energy)

| Quantum efficiency

(frontside illumination)

| Quantum efficiency

| (backside illumination)
(QEs do not include contaminant
layer transmission)

Charge transfer inefficiency(parallel)

Charge transfer inefliciency(serial)

System noise

| Max readout-rate per channel
Number of parallel signal channels
Pulse-height encoding

| Event threshold

Split threshold

Max internal data-rate
Output data-rate

| Minimum row readout time
{ Nominal frame time

| Allowable frame times

| Frame transfer time
Point-source sensitivity

| Detector operating temperature

4 CCDs placed to lie tangent to the focal
surface

6 CCDs in a linear array tangent to the
grating Rowland circle

1024 by 1024 pixels

23.985 microns {0.4920£0.0001 arcsec)
16.9 by 16.9 arcmin ACIS-I

8.3 by 50.6 arcmin ACIS-S

110em? @ 0.5 keV (FT)

600cm? @ 1.5 keV (FI)

40 cm?® @ 8.0 keV (FI)

> 80% between 3.0 and 6.5 keV

> 30% between 0.7 and 11.0 keV

> 80% between 0.8 and 5.5 keV

> 30% between (.4 and 10.0 keV

FI: ~2x107%: BI: ~2x 10757
S3(BI): ~7x1077 S1(BI): ~1.5x 1074
FI: <2 x 1077

<~ 2 electrons (rms) per pixel
~ 100 kpix/sec

4 nodes per CCD

12 bits/pixel

FI: 38 ADU (~150-350 eV)
BL: 20 ADU (~130-220 eV)

13 ADU

6.4 Mbs (100 kbs x4 x 16)

24 kb per sec

2.8 ms

3.2 sec (full frame)

0.2 to 10.0 s

40 psec (per row)

4% 107 %ergsem™2s™! in 10%s
(0.4-6.0 keV)

=90 to —120°C

Table D.3: ACIS parameters. (Adopted from Chandra X-ray Center 2011, p. 85, Table 6.1.)
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Fig. D.1: The effective area of the HRMA/HRC-I combination and the HRMA/HRC-S
combination in imaging mode. (Adopted from Chandra X-ray Center 2011, p. 155, Fig. 7.16.)
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Fig. D.2: The HRMA/ACIS effective area. The dashed line is for the front-illuminated
(F1) CCD 13, and the solid line is for the back-illuminated (BL) CCD S3. (Adopted from
Chandra X-ray Center 2011, p. 89, Fig. 6.4.)




